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Abstract
The Universe has always been the source of wonder and the home to many mysteries.
What goes on in distant parts, great beyond our own solar system, is difficult to
decipher, even with the enormous technological progress of the last hundred years.
One opportunity to study the distant, young Universe, is presented through observa-
tions of Gamma-Ray Bursts (GRBs). GRBs are extremely bright transient objects,
in principle observable out to cosmological redshifts or z > 10. Not only are they
extremely bright in γ-rays, GRBs also have powerful afterglows, with bursts such as
GRB080319B, dubbed the ’naked-eye’ burst, as it was bright enough to be visible
with the human eye, despite a redshift of z = 0.9. Much work has been done on these
objects, but there are still open questions to explore.
In the first paper of this thesis I present work on the radiative mechanisms of
GRBs. In particular, the work concerns the interpretation of the soft X-ray com-
ponents observed in the early afterglow. To examine this component, we selected a
sample of the X-ray brightest bursts observed by the Swift telescope XRT, on which
we performed a systematic search for a thermal component. The results show that
this emission is more ubiquitous than previously thought. Most of the afterglows
show signs of a thermal component, with about one fourth having a statistical sig-
nificant detection. Previously, these components have often been interpreted as the
supernova (SN) shock break-out. Model calculations show that the total energy from
the break-out will never be more than 1047 ergs. This result fits poorly with the
already discovered thermal components, and is even more difficult to reconcile with
the new-found additions from our search. The energetics are simply too large. The
blackbody temperatures and luminosities are so high that a physical origin is diffi-
cult to construct. On that background, and because thermal emission is frequently
observed in the prompt (γ- and hard X-ray) emission of the GRBs, we propose the
model of late photospheric emission. In this model, the emission originates within the
jet, from material moving at relativistic speed. This is supported by the evolution of
xi
xii Abstract
the simple blackbody radius, seen to evolve with an apparent velocity faster than the
speed of light. Compared with the results from the prompt phase, the Lorentz-factors
are of similar or smaller values here, and the photospheric radii about two magnitudes
larger, as expected at these later times. In the prompt phase, the blackbody tem-
perature and luminosity is seen to decay with power-law indices that all fall within a
narrow range. The indices we find in the later soft X-ray regime, are seen to be con-
sistent with this range. The proposed model of late photospheric emission, is hence
a physically well-motivated theory, that has the added advantage of allowing the de-
termination of the jet Lorentz factor and the photospheric radius. Furthermore, as
this component is caused by the GRB inner engine, it allows us to probe the prompt
emission of GRBs at late times, with the more sensitive soft X-ray telescopes, making
it a possibly important step towards determining the physics behind the GRB itself.
The brightness of the optical afterglows makes GRBs excellent light houses, used
to study the host galaxy and environment. Using an extensive dataset of the afterglow
and host galaxy of GRB121024A, this thesis includes a study of a z = 2.3 galaxy.
One of several results to come out of this study, is a comparison between different
metallicity estimates, namely from absorption line fitting and strong-line diagnostics
(emission lines), as well as a comparison to the mass-metallicity relation (all three
methods agree on a metallicity of [M/H]=∼ −0.4). This is the first time for a GRB-
damped Lyα absorber that the metallicity has been determined both in absorption
and emission. We also observe molecular hydrogen, the fourth such detection in a
GRB host, as well as determine the star-formation rate, the stellar mass of the host,
and dust absorption properties. This last point is the subject of the last part of the
thesis, as we found that the dust in the line-of-sight to GRB121024A contains a large
component of ’grey’ dust. Grey dust refers to the lack of colour dependance in the
dust absorption, which is physically caused by the dust grain size distribution being
skewed towards larger grains, but otherwise similar to dust that is observed in the
Milky Way, as seen by our fits. This is not the first detection of grey dust towards
GRBs, and in fact we find that up to 30% of observed GRB lines-of-sight could contain
such a dust component. Lastly, the consequences of ignoring the possibility of grey
dust in the high-z Universe is explored. We find that, realistically, the star formation
rate density at a given redshift, could be underestimated by as much as 30%. I end
the thesis with a short discussion of future prospects.
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1Gamma-Ray Bursts
This chapter describes some of the general properties of gamma-ray bursts (GRBs) as
well as the properties of the environment and galaxies in which we find these burst.
The classical introduction to GRBs includes an account of the discovery of these
curious phenomena, a story which I will briefly describe here as well, as it is quite
unique.
The story is set in the last years of the Cold War, after the nuclear test ban treaty
was signed by the US and Moscow in 1963. The Americans, as part of an effort to
check that Russia was upholding the treaty, launched the Vela satellites in 1967. The
purpose of these were to monitor the earth’s atmosphere for the characteristic γ-ray
signature of nuclear bomb testing. While the majority of satellites orbit well below
the 35, 786km for a geostationary orbit, the Vela satellites orbited at an altitude of
∼ 100, 000km, to monitor tests in space (including possible explosions behind the
Moon). To everyone’s surprise the satellites did indeed detect a γ-ray signature. But
the signal was not coming from below. It originated from space (Klebesadel et al.
1973).
1.1 In Short: What is a Gamma-Ray Burst?
Gamma-Ray Bursts are extremely bright flashes of γ-rays originating outside our own
galaxy, the Milky Way. During a burst, the γ-ray sky (MeV) is completely dominated
by photons from the GRB. The isotropic luminosities are 1050 – 1053 erg s−1, compara-
1
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ble to that of the Sun during its entire lifetime. This makes GRBs the most energetic
events in the Universe, since its creation (the Big Bang). These energies, however, are
just the part that is emitted in form of electromagnetic radiation. Theory predicts
that a large part is emitted as neutrinos and gravitational waves (Romero et al. 2010;
Baret et al. 2011; Sun et al. 2012). We know that this enormous energy originates
from a very small region in space, as we observe variations in the light curve on a
millisecond scale (Bhat et al. 1992; Sari & Piran 1997). These variations cannot be
faster than the light-crossing time for the emitting volume, or they would have been
smeared out. The small size and large energy output together indicate an origin
related to compact objects, i.e. black holes or neutron stars.
After the burst of γ-rays, long GRBs (see Section 1.2.2) are observed to have
an afterglow in X-rays (usually observed), ranging through optical all the way down
to radio (not always observed). These afterglows are thought to be largely due to
interactions with the surrounding media, and provide an opportunity to study the
birth environment of these bursts, which are seen to be actively star-forming regions
(this differs from the bursts termed ‘short’ GRBs).
GRBs are among the furthest objects observed. Some of the highest spectroscopi-
cally confirmed redshifts belong to GRBs (the highest being z = 8.3 for GRB 090423,
Tanvir et al. 2009; Salvaterra et al. 2009). The typical observed redshift for GRBs is
in the range z ∼ 2–3 (the mean redshift of the TOUGH Survey, see Section 1.5, for
instance, is z = 2.2, see Jakobsson et al. 2012a), firmly putting GRBs in the class of
cosmological phenomena.
1.2 Classification
GRBs are divided into subgroups depending on the length and spectral properties
of the prompt (initial γ-ray) emission. The main classification used is short- and
long-duration GRBs (there have been suggestions of a third, intermediate class, e.g.
de Ugarte Postigo et al. 2011, which I will not explore here). The physical mechanism
is believed to be different for bursts in the different categories (I include here also X-
ray flashes, which may not be a classification of its own, but rather a matter of viewing
angle).
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1.2.1 Short Gamma-Ray Bursts
Short GRBs are usually defined as GRBs with a prompt-emission duration < 2 s
(traditionally the duration of a GRB is described as T90, the time in which 90% of
the total fluence is recorded). They have been observed to have durations of only
a few tens of milliseconds (e.g. Bhat et al. 1992, it should be noted that these short
time-scales are in the order of the detector’s temporal resolution, which prevents a
full sampling of duration). The spectra of short GRBs are observed to be harder than
their longer counterparts, with a spectral peak at higher energies Ep ∼ 400 keV and
a shallower spectral slope. Short GRBs are also observed to have a lower isotropic
luminosity when compared to long GRBs that have similar spectral peak energies.
These differences are less apparent though, when compared to only the first ∼ 2 s of
the long GRB spectra, see Fig. 1.1.
Fewer short GRBs have been observed in general (today ∼ 75, see e.g. Berger 2014,
for a review), and there are especially few observations of short GRB afterglows. The
latter was first reported in 2005 (Gehrels et al. 2005), as opposed to 1997 for long
GRBs (Costa et al. 1997; Frail et al. 1997; van Paradijs et al. 1997). This has led to
a late start in modelling the origin of these bursts, and especially determining the
characteristics of the birthplace, as the afterglow is needed to determine a redshift
and precise location on the sky.
Some short GRBs (15–30%) exhibit extended γ-ray emission lasting ∼ 10–100s
with softer spectra than the prompt emission. There has been a variety of interpre-
tations of this emission, e.g. stellar winds or outflows, in the frame-work of different
progenitor models, see Section 1.3 (Metzger et al. 2008; Gompertz et al. 2014).
1.2.2 Long Gamma-Ray Bursts
The majority of GRBs observed fall into the category of long gamma-ray bursts
(LGRBs). These have a prompt-emission duration of > 2 s (mean duration of ∼ 30 s
observed with BATSE, see Section 1.7), which is nearly always observed to be followed
by an X-ray afterglow. About 60% / 50% of long GRBs have observed afterglows at
optical/radio wavelengths, though the latter is not well sampled due to the sensitivity
of radio telescopes. Bursts without an optical counterpart are sometimes classified
as ’dark bursts’, often defined as bursts with an optical–to–X–ray spectral index
βOX < 0.5 (Jakobsson et al. 2004). The X-ray afterglow is composed of different
phases (e.g. steep decays and plateau), as well as often observed flares (X-ray flares
have been observed for short GRBs as well), which are believed to be associated with
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the prompt emission mechanism (see e.g. Burrows et al. 2007; Chincarini et al. 2010).
Some LGRBs are observed to be associated with a supernova (SN) type Ic (Galama et al.
1998; Hjorth et al. 2003; Stanek et al. 2003; Woosley & Bloom 2006). The GRB
and SN has been spectroscopically linked for an increasing number of bursts (e.g.
Cano et al. 2011; Xu et al. 2013; Schulze et al. 2014), and a small ’bump’ in the opti-
cal afterglow which matches expectations for the SN in colour, timing, and brightness
has been observed for many GRBs (e.g. Bloom et al. 1999; Zeh et al. 2004).
Long GRBs typically have a spectral peak energy of Ep ∼ 200keV and an isotropic
luminosity of ∼ 1050 erg s−1. There has been several attempts to redefine the separa-
tion criteria between short and long GRBs, as the current criteria used are detector
dependent, and there are high redshift bursts such as GRBs 080913 and 090423, which
are observed to be long GRBs, but due to cosmological time dilation are short GRBs
in the rest-frame.
Figure 1.1: Distribution of spectral parameters (low energy photon index and Ep) for long
vs. short GRBs for a sample of BATSE bursts reported in Ghirlanda et al. (2009). On the
left side are shown parameters for the time integrated spectra, while the plots on the right
side compares parameters from short GRB spectra with those from spectra comprised of
data from only the first one (blue) and two (green) seconds of long GRBs. Dashed lines
show a Gaussian fit to the distributions.
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1.2.3 Ultra Long Gamma-Ray Bursts
An additional class of GRBs has been proposed for long bursts with a duration of
∼ 1000–10, 000s. An ultra long GRB typically has a similar total energy to that of
a normal burst. There are only 5–7 bursts observed with this length; GRBs 091024A
(Virgili et al. 2013), 101225A (Thöne et al. 2011), 111209A (Gendre et al. 2013), 121027A
(Levan et al. 2014), 130925A (Evans et al. 2014; Piro et al. 2014) and possibly GRBs
141121A (Golenetskii et al. 2014; Cucchiara et al. 2015b) and 150126 (Golenetskii et al.
2015). It is unclear whether these bursts are indeed a different class, and not just
extreme versions of long GRBs. Emission in γ-rays lasting for 10, 000 s is so extreme
though, that these bursts at least are likely to have a different progenitor. This is
vaguely supported by the afterglow (X-ray and optical), which in several cases does
not fit the standard LGRB model, with especially the afterglow of GRB101225A
showing distinct chromatic behaviour. Due to the low statistics it is too early to
draw a conclusion on the origin of these bursts. The host galaxies of the ultra-long
GRBs are all star forming galaxies at low redshift (as the peak fluxes are low, the low
redshift observed is due to observational constraints), and the GRBs seem to coincide
with the brightest regions of their host. There are a multitude of models proposed for
the origin of ultra-long GRBs, including collapsars (see Section 1.4), tidal disruption
flares and the collapse of a giant/supergiant star. For a short review see e.g. Levan
(2015).
1.2.4 X-Ray Flashes
X-ray flashes is a subclass of long GRBs which are dominated by the X-ray coun-
terpart with little, or no, γ-ray emission. Besides from the lack of γ-rays, they are
observed to have very similar properties (e.g. distribution on the sky, duration and
afterglows) to normal GRBs. At least one (Campana et al. 2006a) X-ray flash has
been observed to be associated with a SN. The abbreviation XRF is used as well as
GRB for these bursts. One theory for the lower energies observed in XRFs is that they
are standard GRBs, but we are viewing the burst off axis, and hence do not observe
the beamed γ-rays (e.g. Fynbo et al. 2004). An alternative theory is what is called
the ’dirty fireball model’ (see below for an explanation of the fireball model), where
an excess of baryonic matter in the explosion is slowing down the fireball, preventing
the boost of photons up into γ-ray energies (Sollerman et al. 2007).
In what follows ’GRB’ will refer to a long gamma-ray burst, unless otherwise
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specified.
1.3 The Gamma-Ray Burst Model
The physics behind GRBs is still a very debated topic, with several models existing.
Any model though, must fit the general observational features. Particularly, it must
solve the problem of compactness; as previously discussed, we know that the engine
behind the burst must have a small radius, as we universally observe variations in
the light curve on millisecond scale. On the other hand, we observe so high energies
(typically isotropic equivalent to ∼ 1052 erg s−1), that the energy density in the burst
engine must be high enough that the photons can create electron-positron pairs, i.e.
pair-production. But those particles being produces should make the engine optically
thick to γ-rays, prohibiting their direct escape. What we observe should then be
thermal photons from the surface. But we do not observe a thermal γ-ray spectrum,
the prompt spectrum of GRBs is predominantly power-law shaped, see Chapter 2.
The solution to the compactness problem is relativistic motion (see Rees & Meszaros
1992, 1994). A particle moving at relativistic speed v with a Lorentz factor of
Γ = 1/
√
1− (v/c) radiates spherically in its own rest frame, but for an observer
the radiation is strongly beamed into a cone with half-opening angle 1/Γ.
This means, firstly that the rest frame isotropic equivalent energy is lower than
inferred, as the observer sees radiation beamed into an angular region of ∼ Γ−1, and
secondly that the observed photons are blueshifted, so in the rest frame the burst
emission is in hard X-rays, rather than γ-rays, lowering the number of photons that
can produce particle pairs. Together with the fact that we only observe R/Γ of the
engine (where R is the radius), so the GRB engine in the rest-frame is less compact,
this solves the compactness problem, if Γ for a typical GRB is ∼ 100 (Piran 2004).
Below I will describe what can be called the ’standard model’ of long GRBs, the
fireball Model, and what is possibly wrong or missing from the picture.
1.3.1 The Fireball Model
In the fireball model an ultra-relativistic ’fireball’ is emitted from an inner engine.
This scenario is illustrated in Fig. 1.2. This energy flow is classically in the form
of kinetic energy of particles, but is in some theories dominated by electromagnetic
Poynting flux (energy of the magnetic field, see Section 1.3.5). The energy flow is
not constant, but rather made up of density shells. This leads to shock fronts in the
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Figure 1.2: Illustration from Gehrels et al. (2002) of the formation of a GRB.
flow, where particle number- and energy density jumps drastically. As these shells
are travelling at slightly different velocities (close to the speed of light), they catch
up with each other and interact, and the energy of the flow is dissipated. As the flow
becomes optically thin, we can observe this dissipated energy in the form of γ-rays.
This happens at a photospheric radius of 2Γ2ct ∼ 1011–1013 cm (Ryde et al. 2005,
2010).
The γ-rays are radiated via synchrotron radiation (see Chapter 2 for more details
on the radiation processes), which is the result of charged particles being accelerated
by the magnetic field across the shock front. We also, in some bursts (see e.g. Fan et al.
2013), observe a contribution from inverse Compton scattering, where photons scatter
off the relativistic moving electrons so that energy is exchanged in favour of the
photons, which gain γ-ray energies. The emission also include a low energy tail, from
particles moving at an angle to the observer, which will have a smaller Lorentz factor
in the frame of the observer, and hence a lower energy. This emission will be slightly
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delayed, again due to the lower Γ, and is observed as early X-ray emission (earlier
than the X-ray afterglow, see below).
The model of a multiple of internal (to the flow) shocks explains the large variety
in observed number of peaks in the light curve of the GRB prompt emission, as seen in
Fig. 1.3. One broad peak would be observed if the shells collide continuously compared
to the time resolution of observations, while a longer time between individual or small
groups of collisions would be observed as several thinner peaks (radiation from a given
shell would always be observed with some broadening, as radiation from high-latitude
reaches us at a later time).
The shocks themselves are only mildly relativistic with regards to the flow as a
whole, so Γ for the internal shock is of the order of a few. Assuming an adiabatic
relativistic gas, it is possible to estimate the cooling frequency of the synchrotron
spectrum, which indeed seems to agree with observations (Piran 1999).
Furthermore, both synchrotron and inverse Compton emission is polarised (though
in a magnetic field with a low level of order, the polarisation can cancel out). Po-
larisation has probably been observed in GRB emission (e.g. Coburn & Boggs 2003;
Götz et al. 2013), supporting the fireball scenario. The observed polarisation is high,
which requires a uniform, large-scale magnetic field over the entire emission region.
This supports a theory of a GRB explosion driven by the magnetic field, and the
formation of jets.
1.3.2 The Jet Model
In the basic fireball model, the energy flow is spherical in the rest frame. However, in
most GRB progenitor models, the energy flow (kinetic or Poynting flux dominated)
is driven in jets perpendicular to an accretion disc, as magnetic field lines fail to
reconnect (see Section 1.4). The beaming effect then entails that the emission is only
observed by an observer sitting in the direction of the jet.
Initially, it makes no difference whether we are observing down a jet, or a part
of a spherical shell, as beaming restricts observations to an angle Γ−1. But as the
jet starts to decelerate, the Lorentz factor decreases to a point where the angular
region we are observing from, becomes comparable to the opening angle of the jet,
and we start observing the edge of the jet. This is called the jet-break, and has been
observed to happen at ∼ 1 day after the beginning of the burst, in observer’s frame
(e.g. Harrison et al. 1999; Zeh et al. 2006). Observational evidence is in the form of
a steepened decay of the light curve, because the radiating surface decreases in the
observer’s frame, and beaming effects decreases as the jet slows down and starts to
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Figure 1.3: A sample of GRB light curves from the BATSE repository (from upper left
corner: GRBs 000115, 920221, 990316A, 990711).
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expand sideways (note that these two effects may cause two breaks in the light curve,
if the sideway expansion does not happen at the speed of light).
A consequence of the jet slowing down, is that suddenly off-axis observers can see
the radiation, in the form of an ’orphan afterglow’, that is, an afterglow without the
observed prompt emission. An observation of such an afterglow would support the
jet theory (see e.g. Rhoads 1997), but so far none have convincingly been detected.
This may just be due to the difficulty in searching for these, as there is no clear
warning of when and where they will happen, and they may easily be confused with
other transients (though Cenko et al. 2013, 2015, report the detection of two GRB
optical afterglows observed before an associated high-energy emission was found. In
the second case, the source was subsequently observed in X-rays, but the first case
could potentially be an orphan afterglow, though observations fit better with a pre
jet-break decay of the afterglow).
If GRBs are indeed in the form of jets, then a large fraction of bursts going off in
a direction pointing away from Earth, will never be observed. This indicates that the
actual population of bursts is much larger, than would otherwise be inferred, a factor
that needs to be accounted for before studying the statistical occurrence of GRBs.
1.3.3 The Afterglow
In cases where the jet break has been observed, this is well after the prompt emission
has faded, with the GRB light curve consisting of afterglow emission only. The
afterglow is believed to be the consequence of an external rather than internal shock.
External shocks were originally suggested to be the cause of the prompt emission (e.g.
Rees & Meszaros 1992; Katz 1994), but it does not reproduce the light curve well,
in particular it does not explain the multiple peaks often observed (e.g. Sari & Piran
1997).
As the jet plows into the surrounding medium both a forward and a reverse shock
is formed. The initial density contrast between the expanding shell and the interstellar
medium (ISM) is large, and the energy conversion takes place mainly in the forward
shock, which is responsible for the long-lasting bright GRB afterglows. The reverse
shock is believed to produce prompt optical emission, known as the ’optical flash’ (e.g.
Sari & Piran 1999b). As the shell expands, the density difference decreases and the
energy converted into thermal energy in the two shocks becomes comparable. The
peak emission from the early forward shock is in X-ray energies, while the reverse
shock is traveling slower, with a smaller Γ, and hence the peak emission is at lower
energies at optical/IR wavelengths. The afterglow radiation mechanism is due to
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similar physics as the prompt emission, and is predominantly synchrotron radiation,
see Section 2.3. That the afterglow and prompt emission have different physical
mechanisms (internal vs. external shocks) is supported by the fact that most observed
afterglows are poorly back-interpolated to the prompt emission (e.g. Katz & Piran
1997).
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Figure 1.4: Canonical light curve of the X-ray afterglow. Typical decay slopes are from
the early Swift sample, see Nousek et al. (2006).
Observations of the X-ray afterglow have yielded a more complicated picture than
can be explained purely by external shocks. The canonical X-ray light curve is made
up of 4–5 segments with different decay slopes. Fig. 1.4 displays the different segments
using typical slopes from the Swift sample (Nousek et al. 2006).
The onset of the afterglow is observed as a smooth bump, expected to peak
when about half of the fireball energy is transferred to the surrounding medium
(Sari & Piran 1999a). Observations of the onset provides an opportunity to determine
the Lorentz factor of the flow, as the Lorentz factor is proportional to the deceleration
time, and the deceleration of the flow is signalled by the onset of the afterglow, see
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e.g. Liang et al. (2010).
The early afterglow phase is characterised by a fast-decay corresponding to the
high-latitude emission. This is part of the prompt emission, associated with the inner
engine. This phase usually lasts about 102–103 s, and has a large evolution of spectral
index b, Fν ∝ ν−b, from hard to soft. The interpretation is supported by the fact
that the emission joins smoothly with a back interpolation to the prompt emission,
see e.g. O’Brien et al. (2006).
After this, the light curve displays a very shallow decay phase. The decay rate
is too small to fit with emission from the forward shock. The physical origin of
this phase is somewhat debated. Some theories include (but are not limited to)
energy injection from late-time activity of the inner engine (e.g. van Eerten 2014),
a long-lived reverse shock (Genet et al. 2007; Uhm & Beloborodov 2007), changes in
the physical parameters of the surrounding ISM (Granot 2006), or an evolution of
the microphysical parameters of the forward shock (Panaitescu et al. 2006). There
is no general consensus at this point. One observation that might support late-
time engine activity, is that the light curve is often overlapped with X-ray flares (e.g.
Burrows et al. 2007), as these are thought to be caused by the inner engine. However,
the fluxes before and after a flare follows roughly the same power-law decay, which
supports a scenario where the flares are superposed on the underlying power-law
decay, so the two components likely have a different physical mechanism. The X-ray
flares are observed to be most energetic at the earliest phases, but are observed at all
times. They rise rapidly and decay again just as fast.
The next phase is what we refer to as the ’normal’ X-ray afterglow. This is
believed to be largely due to synchrotron emission from the forward shock interacting
with the ISM. At this point, no more energy is injected into the flow by inner engine
activity. As mentioned above, after about a day, some observations show a change to
a steeper decay, caused by the edge of the jet becoming visible. This break is more
often observed at optical wavelengths (few observations of simultaneous X-ray and
optical breaks exists, e.g. for GRB060614, see Mangano et al. 2007). Furthermore
additional steepening is expected, simply because the external shock no longer has
the energy required to accelerate electrons to radiate at X-ray energies.
Not all segments are observed for every bursts (in part due to observational con-
strains). Most commonly, the long lasting afterglow from the forward shock is ob-
served. As the expanding shock-wave sweeps up more of the surrounding material,
it slows down, resulting in a loss of energy. This naturally leads to a decay in peak
energy. About 50% of well-localised GRBs have an observed optical afterglow. The
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optical light curves have a greater variety than that of the X-rays. In a few cases
an early optical flash has been observed, at times early enough to coincide with the
GRB itself (e.g. Vestrand et al. 2005, 2006, 2014). One interpretation is that this
flash is caused by the reverse shock. Sari & Piran (1999a) calculated that at its peak,
the reverse shock has comparable energy to the GRB itself, but the temperature is
significantly lower, so the wavelength of the emission would be longer, e.g. in the
optical regime. The optical afterglow itself has, in some cases, been observed to show
an initial increase in the light curve, as the synchrotron emission from the forward
shock cools to optical frequencies (e.g. for GRB091029, Filgas et al. 2012). After
its peak, some observations show a similar behaviour to the X-ray light curve, e.g.
GRB050525A (Blustin et al. 2006) and GRB050801 (Rykoff et al. 2006), while others
show signs of chromatic breaks (e.g. GRB060218, see Fan et al. 2006).
Radio afterglows are also frequently observed (∼ 30% detection rate, Chandra & Frail
2012), typically at ∼ 8GHz. The radio emission peaks several days after the bursts
itself (the canonical radio light curve from the sample of Chandra & Frail 2012,
is found to peak three to six days after the burst itself), although earlier flares
have been observed (Kopač et al. 2015), believed to originate in the reverse shock.
de Ugarte Postigo et al. (2012) find a correlation between radio peak brightness and
the X-ray brightness after 0.5 days. Unlike the optical afterglow, the radio afterglow
is not affected by dust, which means that radio observations can be used to locate
the host of dark bursts, such as GRB051022 (see Castro-Tirado et al. 2007).
1.3.4 Short Gamma-Ray Bursts
Short GRBs are believed to have a different progenitor, but the radiative mechanisms
for the two classes are thought to be similar, see Fig. 1.2, where the upper and lower
formation scenarios lead to the same burst. Ghirlanda et al. (2011) find that they
are indeed consistent with being the same by studying the prompt spectral evolution.
This is also supported by the observations of jet-breaks (e.g. Burrows et al. 2006;
Grupe et al. 2006).
This is not surprising since the progenitor models all share the physical condition
leading to a relativistic outflow. Time scales and luminosities of individual flares
are also similar, and the difference in spectral hardness could possibly be a selection
effect (Nakar 2007). The main difference then, is in the duration of inner engine
activity. However, Nysewander et al. (2009) find that even the afterglows appear to
have similar properties, only scaled with the fluence of the prompt emission, so that
less-energetic bursts have a less energetic afterglow. It is perhaps surprising that
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there seem to be no other differences, as the ISM/stellar ejecta around the two types
of bursts are thought to be different, see Section 1.4.
1.3.5 Alternative Models
The main ’branch’ of alternative models to the fireball theory centres around mag-
netic dissipation. Rather than internal shocks in the jet, the radiation comes from
the energy in the magnetic fields being dissipated due to magnetic hydrodynamic
(MHD) instabilities. The milli-second variability in the light curve is then explained
by relativistic magnetic turbulence and is not related to activity of the inner engine
Evidence for these models include the lack of a photospheric emission compo-
nent in at least some bursts (Zhang & Pe’er 2009; Zhang & Yan 2011). Furthermore,
Lyutikov & Blandford (2003) argue that the high level of polarisation observed in
some bursts rule out internal shocks. In the magnetic model, the GRB is still non-
spherical, but emits over a large solid angle. This means that orphan afterglows are
not expected, so an observation of this could rule out (at least some versions of) this
model.
1.4 Progenitor
We now turn towards the inner engine and the question of what creates the physical
conditions necessary to set off the fireball. Besides explaining the emission, the model
for the burst progenitor must also fit with observations of the typical GRB birthplace.
We will first look at the ’classical’ model for long GRBs, discuss potential issues and
alternative models, and then end with the short GRB progenitor model.
1.4.1 The Collapsar Model
Motivated by the large energies required in combination with the compactness of
the source, and in line with later observations of GRBs in star-forming regions and
the now observed association with SNe, Woosley (1993) suggested what is called the
collapsar model for long GRBs. This, and all other models suggested for GRBs, starts
off from the realisation that the only phenomenum we know of that can release the
vast amount of energy needed, is a gravitational collapse into a compact object.
In the collapsar model, the fireball is the result of the collapse of a fast rotating
massive star into a black hole (BH). As matter falls onto the newly formed BH, an
accretion disc is formed, due to the rotation, as matter along the rotational equator
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of the former star has too much angular momentum to fall straight onto the BH.
The energy of the in-falling matter (potential energy converted into kinetic energy,
or heat) has only one place to escape, which is along the rotation axis, where the
stellar material has less rotational support. This leads to the creation of jets going
out perpendicular to the rotating disc.
The jet first has to break through the envelope of the dying star. As it travels
outwards, the density decreases, so the jet encounters less resistance. This leads to
an acceleration, and by the time the jet breaks out of the stellar envelope, it has
gained relativistic velocity. Accretion is not a steady process, but happens in parts,
as clumps of matter falls onto the BH. This means that the energy deposited into the
jet varies, leading to the different shells with varying Lorentz factors theorised in the
fireball model. As the jet breaks out of the star a thermal pre-cursor to the burst is
observed in some cases (e.g. Burlon et al. 2008).
The progenitor star for a long GRB must satisfy a number of conditions to lead
to the collapsar scenario. Firstly it must have a mass M > 30M⊙, to be able to
form a central black hole (though there are channels through which the mass could
be lowered, see e.g. Woosley & Bloom 2006; Woosley & Heger 2006). Secondly it has
to be rapidly rotating to have angular momentum enough to form an accretion disc
and launch jets. Lastly, in order for the jet to be able to break through the star
with enough energy left to power a GRB, the star must first have been stripped of
its hydrogen/helium envelope, probably through stellar-winds. This is also supported
by the fact the GRB-SNe are observed to be Type Ic (e.g. Cano et al. 2011), as these
SNe have no hydrogen lines in their spectra, and are believed to have shed the outer
hydrogen envelope. These conditions led to the suggestion that the progenitor star
must be a Wolf-Rayet star, as these stars have gone through huge mass losses before
collapsing (e.g. Woosley & Bloom 2006; Crowther 2007).
1.4.2 Potential Problems
The largest problem for the collapsar model lies in modelling a stellar progenitor
with an angular momentum large enough to form the accretion disc needed to launch
the jets. Theoretically, in order to retain a large angular momentum, the progenitor
star cannot have too large a metallicity (e.g. Yoon & Langer 2005). However, the
progenitor is also expected to have gone through mass-loss, to get rid of the hydrogen
envelope, in order for the jet to break out, and to coincide with the observed type
of SNe (which show no hydrogen lines). This is problematic, as models of stellar
mass-loss show a metal dependency (e.g. Vink et al. 2001), ruling out the low value
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needed for the angular momentum. As a solution, Yoon & Langer (2005) suggest
that rapid rotation may induce chemically homogeneous evolution in the progenitor
star. In this case, no hydrogen envelope is formed, so no mass-loss is needed, and
the progenitor can have a low metallicity. However, near- or super-solar metallicity
has been observed for some environments of long GRBs (e.g. GRB130925A, see
Schady et al. 2015). Perley et al. (2015b) examined whether there is a metallicity
threshold for Swift bursts. They did indeed find a sharp threshold, but this is near-
solar. This is incompatible with all single-star progenitor models in the collapsar
scheme, unless the progenitor somehow has a low metallicity in the middle of a high-
metallicity environment.
A binary origin of the collapsing star could potentially supply the angular momen-
tum through tidal interactions spinning up the GRB progenitor, (e.g. Fryer & Woosley
1998). This is supported by the fact that most massive stars are born in a binary
system (Sana et al. 2012).
Another problem is the so called ultra-long GRBs. Bursts such as GRB101225A
(Thöne et al. 2011; Levan et al. 2014) and GRB130925A (Schady et al. 2015) have a
duration much longer than what can be accounted for with a Wolf-Rayet like star as
a progenitor. Instead, Thöne et al. (2011) suggest a merger between a helium- and
a neutron star, where the jet then had to break through a common envelope of the
pair, accounting for the unusual long burst. Alternative models are disruption events
or magnetars (e.g. Levan et al. 2014).
It has been suggested that rather than a BH being formed in the core straight
away, the central object in GRBs is a millisecond magnetar (a neutron star with a
very strong magnetic field), spinning down (e.g. Bucciantini et al. 2009). This can
provide a longer lasting energy injection than accretion, and requires less angular
momentum. Furthermore, the SN associated with the ultra-long GRB111209A has
a high luminosity but low metal-line opacity, which fits best with a magnetar as the
progenitor model, to avoid the blanketing expected from the high nickel mass in other
SN models (Dessart et al. 2012; Greiner et al. 2015).
A possible solution is a mix of progenitors, in order to explain the large diversity
of LGRBs.
1.4.3 Short Gamma-Ray Bursts
Short GRBs are not observed to be associated with the star-forming regions of their
host galaxy (Berger 2014). We also do not observe any SN associated with the
bursts, in fact in several cases, an SN connection is rules out (see e.g. Fox et al.
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2005; Hjorth et al. 2005b; Rowlinson et al. 2010). This makes a massive (young) star
a more unlikely progenitor for these bursts.
The most commonly assumed model for short bursts, is the merger scenario, were
two compact object, either a pair of NS, or a NS-BH pair, starts spiralling inwards
due to energy-loss through gravitational radiation. In the NS-NS model, the two
NSs merge and a BH is formed surrounded by an accretion disc, leading to a similar
scenario as for the collapsar model, but on shorter time-scales. In the NS-BH model,
the NS is tidally disrupted at the event horizon of the BH, which then leads to the
formation of an accretion disc.
A way to test this theory is to look for short GRBs with a notable off-set from any
possible host galaxy. The SN explosions leading to the formation of the progenitor pair
could have resulted in a kick imparted to the system, sending it away from the birth
sight (see e.g. Belczynski et al. 2006, finding no evidence for large off-sets). Another
prediction of this model is that short GRBs should be accompanied by a strong grav-
itational wave signal, as the compact objects spiral towards each other. Gravitational
wave detectors such as Advanced LIGO (Harry & LIGO Scientific Collaboration 2010)
should be able to detect this signal in the future, for near GRBs (Abadie et al. 2012).
The resulting system after a merger will naturally have a high angular momen-
tum, so rotation is not a problem in this model. However, the observation of X-ray
flares pose a problem, as they are evidence of prolonged inner engine activity (e.g.
Campana et al. 2006b; Margutti et al. 2011), which cannot be the case for a merger,
where the accretion disc exists for only a very short time. The same is true of the
observed extended emission (e.g. Norris & Bonnell 2006). A possible solution to this
problem is if some mergers leads to a magnetar first, which then powers the short
GRB (e.g. Lü et al. 2015).
1.5 Host Galaxies
The study of the environment and host galaxies of GRBs relies heavily on the detection
of, first the X-ray afterglow to provide a more precise location on the sky, and then
ground based telescopes to follow up with optical photometry and spectroscopy to
determine a redshift.
The first host studies found that a typical GRB host have bluer colours and are
fainter than the field galaxies at a comparable redshift (e.g. Le Floc’h et al. 2003),
suggesting a young galaxy population. It was recognised from the beginning though,
that the observations might be biased towards unobscured (and hence bluer) galaxies
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Figure 1.5: Figure taken from Jakobsson et al. (2012b). The left panel shows the R-band
host magnitude as a function of redshift for all the bursts in the TOUGH sample. Upper
limits are shown with arrows. Hosts without a reported redshift are plotted on the left side of
the diagram. The dashed curve shows a galaxy with an absolute B-band magnitude of −21.
The right panel shows the calculated absolute B-band magnitude (assuming Fv ∝ v
−0.5),
including only those hosts that have a detected redshift. The dotted curve shows a galaxy
with an observed magnitude of R= 27.
due to the dependance on optical afterglow detections. More recent studies have
also showed, that with a more complete sample, GRB hosts are shown to span a
wider range of properties. Host studies such as The Optically Unbiased GRB Host
(TOUGH) sample (Hjorth et al. 2012), have defined samples such that observational
biases, as for instance dust extinction, are non-existing, or at least minimised and
understood.
Figure 1.5 shows host magnitude as a function of redshift for all the bursts in the
TOUGH sample. The average GRB host is still seen to be relatively faint, with a
median apparent magnitude R≈ 25 (largely the same value that was found for earlier
studies), with a distribution similar to the faint end of normal field galaxies. Similarly
the average host is indeed blue, as seen in Figure 1.6 which shows a comparison to
Gemini Deep Deep Survey (GDDS) field galaxies, as well as the predicted colours
assuming different stellar populations (E/S0: pure elliptical/intermediate elliptical –
spiral galaxy, Sbc: spiral galaxy, irregular, and starburst). The figure indicates that
GRB hosts are generally blue star-forming galaxies, also fitting well with irregular
galaxies. While a few redder objects are observed, both Savaglio et al. (2009) and
Hjorth et al. (2012) find clear evidence that GRBs are rarely formed in spiral galax-
1.5 Host Galaxies 19
Figure 1.6: Figure taken from Savaglio et al. (2009). From left to right, B – K, B – R, and
R – K apparent colours (AB system) as a function of redshift for the GRB hosts (filled circles)
and GDDS field galaxies (crosses). The curves are predicted colours of galaxies assuming
different stellar populations: E (solid line), Sbc (short-dashed line), irregular (dotted), and
starburst (long-dashed line).
ies. At low redshift, where we acquire imaging of the host morphology, we do often
observe LGRBs in small irregular galaxies (e.g. Foley et al. 2006; Wainwright et al.
2007; Krühler et al. 2012)
The dust properties of GRB hosts, or at least birth-regions within the hosts, are
discussed in Chapter 7.
1.5.1 Galactic Environment
The environment in which we find GRB host galaxies has not been studied much to
date. Fynbo et al. (2002) studied the fields of GRBs 000301C and 000926 in Lyα emis-
sion. Similarly Jakobsson et al. (2005) report on the fields of GRB030226, 021004 and
020124. Several galaxies were observed in the fields, but it is difficult to form conclu-
sions on whether the galaxy densities in these fields are particularly high, as no blank
field studies have been carried out at similar depth and redshifts. Jakobsson et al.
(2005) find a mean density of Lyα emitters in the field of the GRBs, similar to that
in the field of the radio-galaxy PKS 1138–262. GRB000926 is shown to be located
in a strong star-formation centre, while GRB000301C is in a faint galaxy far from
any star-formation centre in its galactic environment. Gorosabel et al. (2003) derived
photometric redshifts for all galaxies near the host of GRB000210, finding no near
companion galaxy. Similarly Bornancini et al. (2004) searched the field of 6 GRBs,
finding no indication of over-densities.
Simulations of LGRB host galaxies, using the Millennium Simulation (Springel et al.
2005), show that the hosts preferentially map different density environments at dif-
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ferent redshifts, and that, at high redshifts, hosts are predicted to be in similar en-
vironments as the overall galaxy population, but have a slightly higher probability
of a close companion (Chisari et al. 2010). The statistics are not good enough yet,
that we can make any conclusions on the GRB host galaxy environment, but studies
of the morphology of LGRB hosts show a high fraction of merging and interacting
systems (Wainwright et al. 2007), so we might expect LGRB hosts to be found in
high-density areas. Not much work has been done on short GRB host environments,
but Prochaska et al. (2006a) looked at the fields for short GRB host galaxies, finding
that at least two out of four hosts reside in galaxy clusters.
1.5.2 Methods for Determining Redshift
As mentioned above, ground-based optical telescope follow-up is needed to determine
a redshift for the host galaxy (as well as a wealth of additional information, see
Chapter 4). I will now briefly describe the different methods in use to determine z.
1.5.2.1 Line-of-sight absorption
The light from the optical afterglow passes through clouds of interstellar and inter-
galactic gas between the GRB and the observer. The different elements comprising
the gas in the cloud (whether in neutral or ionised form) will absorb light at character-
istic wavelengths. Very often it is possible to identify the redshift of these absorption
lines by recognising doublets, and knowing which elements typically to expect. At
z > 2 the start of the Lyman-α forest will give the redshift of the GRB. At lower
redshifts, if fine-structure lines are observed, we can associate the absorption system
with the GRB, as the lines are likely excited by the GRB itself (e.g. Vreeswijk et al.
2007). Even if fine-structure lines are not observed, the GRB is expected to be found
in molecular clouds in the hosts, so there is a large probability that the absorber
system observed at the highest z is from the host galaxy (gas clouds may have mo-
tion along the observed line of sight with respect to their host galaxy, resulting in a
slightly different redshift than the GRB). Figure 1.7 shows a small cut-out of two such
absorption lines from Cr and Fe towards the line of sight to GRB121024A (Chap-
ter 5). The letters a-e mark the different components corresponding to absorption
from individual clouds. In reality the absorption is likely divided into several smaller
components that we cannot resolve, so we have to give the integrated redshift (and
column densities).
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Figure 1.7: The figure displays absorption lines from Fe and Cr towards the line of sight
to GRB121024A using data from VLT/X-shooter, see Section 4.6. The letters a-e mark
the different absorption components. ’f’ gives the oscillator strength for the displayed line,
see Section 5.3.1. This figure is a small cut-out of Figure 5.2. The horizontal axis displays
wavelength or velocity, while the vertical displays normalised flux.
1.5.2.2 Nebular-line emission
Besides from line-of-sight absorption, it is sometimes possible to observe nebular lines
in emission from the host galaxy. To observe these the GRB needs to be at low
redshift, or be in a highly star-forming galaxy (as the nebular line flux is related to
the star-formation rate, see Section 4.5). An advantage over absorption line analysis,
is that we do not need to catch the GRB afterglow, but can use a host galaxy spectrum,
as long as we are confident that we have identified the correct galaxy. Some of the
lines typically observed are the Balmer lines Hα and Hβ and the oxygen lines [O iii]
λλ4959, 5007, as well as the [O ii] λλ3726,3729 doublet. Since we always observe the
same handful of nebular lines for GRB hosts, we only need two emission lines in our
spectrum to correctly identify the lines from the relative position and strength, and
hence determine the redshift. Even if we only observe one emission line we can make
qualified guesses for z (based on the non-detection of other lines), that then might be
determined from e.g. fitting the stellar population, see Section 4.4.
1.5.2.3 Photometric redshift
In the cases where either no afterglow/host spectrum is taken, or the conditions did
not allow for us to identify lines in the spectrum, it is still possible to determine the
redshift if photometric measurements exist. This relies on features which are strong
enough to be apparent in the crude wavelength bins of the photometric filters. One
such feature is the Lyman limit. The Lyman limit is the high-energy end of the
hydrogen Lyman series at 912Å. At higher energies, photons can ionise hydrogen,
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Figure 1.8: Illustration of the Lyman-break technique (courtesy of Johan Fynbo). The
lower panel shows Hubble images of a Lyman Break Galaxy in three photometric filters G,
R and U, while the upper shows the wavelengths covered by these filters over the galaxy
spectrum.
and hence almost no light is observed below this wavelength, as neutral hydrogen
along the line-of-sight absorbs it all. By comparing the magnitudes in the different
imaging filters, we can locate the approximate position of the Lyman limit and hence
determine a redshift, see Figure 1.8 for an example of a Lyman Break Galaxy (LBG)
detected in the photometric filters G and R, but not in the U-filter, due to the presence
of the break. LBGs are high-redshift starburst galaxies, which are selected by having
a strong Lyman break. This detection technique, is one of the more efficient ways to
find galaxies at z > 2.5 (Steidel et al. 1995; Madau et al. 1996; Pettini et al. 2001).
Another feature that is strong enough to be located through photometry is the
Balmer break, analogous to the Lyman break, but for the Balmer series. The Balmer
series is lines from the electron transitions from the principal quantum number n≥ 3
to n= 2, i.e. from a higher to the first ionised state. The Balmer break is located at
3650Å.
1.6 Prospects for Astronomy 23
1.6 Prospects for Astronomy
1.6.1 Tracers of Star-Formation
As already mentioned, long GRBs are observed in the star-forming regions of their
host galaxy, and it has been suggested that they can be used to trace the cosmic
star-formation (SF) history, as they are observed out to high redshifts. Unlike UV
surveys, which are otherwise the most used probes at high-z, GRBs are, in principle,
not affected by dust extinction, and can therefore locate star-forming galaxies that are
otherwise too obscured to be detected (though the redshift determination often relies
on the optical afterglow, which is obscured by dust), or which are at a sub-threshold
UV luminosity. One potential problem is a bias in metallicity. As noted in Sect 1.4.1,
the collapsar model predicts a cut-off in metallicity, due to the needs of a high angular
momentum. There is a lesser restraint on the metallicity in the binary progenitor
model, but observations do seem to indicate a bias (e.g. Perley et al. 2015a).
Another problem is the comparison to core-collapse (CC) SNe. Fruchter et al.
(2006) reported that CC SNe and GRBs are found in different environments, with
GRBs tracing the more brighter regions of their hosts. As described in Section 1.5,
GRBs at low z (close enough so that we may study the host) are often found in small
irregular galaxies. This is not the case for CC SNe. On the other hand, Kelly et al.
(2008) conducted a similar study comparing GRB environments with that of type Ic
SNe, finding that these SNe does seem to be located in similar regions with regards to
the host luminosity distribution, while Modjaz et al. (2008) find that they are found
in significantly more metal rich environments than GRBs, so it is far from a simple
matter to determine the properties that sets the progenitor stars of the different types
of explosions apart.
It has been suggested that the observed metallicity dependence is, at least in
part, due to a bias against dustier host galaxies (as dust needs metals to form, high
metallicity environments are assumed, and often observed, to be dusty). Figure 1.9
illustrates the consequence of a dust bias. It shows host stellar mass and magnitude
for the sample of Krühler et al. (2011), which is specifically chosen to have AV ≥ 1,
compared to the Savaglio et al. (2009) sample shown in Figure 1.6. Krühler et al.
(2011) examined the possible observational differences between the two samples, such
as a difference in median redshift, but concluded that their sample very likely probe
a more luminous, massive, and chemically evolved population of GRB hosts, which
hence might be underrepresented in other samples if these are generally more affected
by extinction.
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Figure 1.9: Figure taken from Krühler et al. (2011). Distribution of stellar masses and
luminosities of the hosts of extinguished afterglows with AV ≥ 1 (blue) and the host sample
from Savaglio et al. (2009) (grey).
However, Graham & Fruchter (2012) showed that while local Type Ic and Type
II SNe track the star-formation weighted metallicity distribution of the Sloan Digital
Sky Survey (SDSS) galaxies, GRBs are typically found at lower metallicities, as il-
lustrated in Figure 1.10. The figure shows the central metallicity of the hosts, rather
than at the location of the burst/SN, in order to compare with field galaxies. They
included dark bursts, and hence concluded that the metallicity bias is real. More
recently, Hao & Yuan (2013) found no strong bias toward low metallicity in LGRB
host galaxies, with a metallicity cut at Z≥ 0.6Z⊙. The overall conclusion from all
these studies, must be that there is a low metallicity preference for GRBs, but the
metallicity threshold cannot be much below solar.
This restriction on the threshold means that while GRBs perhaps are poor tracers
of star formation in the local Universe, the metallicity cut-off is unlikely to be a
problem when using GRBs to trace the SF history at high redshift, as all galaxies
were this poor in metal before a certain z (z & 2–3). The difficulty then lies in better
constraining this redshift, as direct metallicity measurements are generally difficult
outside the local Universe.
The SF history of the Universe is a very debated topic. It is generally agreed upon
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Figure 1.10: Figure taken
from Graham & Fruchter
(2012). It shows galaxy
central metallicity with
the redshift indicated by
colour. The figure shows
host metallicity for local
Type Ic SNe, compared to
that of long GRB hosts.
The small purple dots show
SDSS galaxies at z ∼ 0.
Note that the three high
metallicity GRBs (high-
lighted with black edges)
are at typical metallicity
for galaxies of their lumi-
nosity and redshift. This
is not consistent with the
otherwise observed GRB
metal aversion.
that the star-formation rate density (SFRD) increased with time up until a redshift of
z ∼ 2, after which it has been in decline, but the precise slopes and turnover point is
not clear (see also Section 7.4.3 for a discussion of the subject). Compared with field-
surveys of galaxies in UV or IR, GRB SFRDs appears to be higher at early times,
as well as peaking earlier (Kistler et al. 2008; Virgili et al. 2011; Robertson & Ellis
2012; Jakobsson et al. 2012a). It is possible that the field surveys systematically
underestimate contributions from low-mass and high-z galaxies, as these are below
the observational threshold. Alternatively, this discrepancy is due to the metallicity
bias.
1.6.2 Probing the Epoch of Re-ionisation
It has been suggested that GRBs may be used to probe the epoch of re-ionisation. This
is the period in the Universe’ history where the light from the very first stars (and
possibly QSOs) began to ionise the surrounding neutral matter (mainly hydrogen)
changing the Universe from being predominantly dark and neutral, to full of stars
and galaxies and ionised matter (the Universe was previously entirely ionised, with
all baryonic matter in the form of protons and electrons, until recombination when the
Universe had cooled to form neutral gas). Since this is the period of the very first stars
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and galaxies, it is important to study to understand the evolution of the Universe. It
is also a difficult period to study as the look-back time, and hence distance is so great
(beginning as early as 500 million years after the Big Bang), that the electromagnetic
radiation is extremely faint by the time it reaches us.
Simulations of the first stars show that these were likely massive, and inherently
metal poor (the formation process of these stars is still a debated topic though, see
e.g. Omukai 2000; Abel et al. 2002; Bromm & Loeb 2003). Since these are likely pro-
genitors for (long) GRBs, it is reasonable to assume that the rate of GRBs was higher
in the early Universe. The detection alone of GRBs at the highest redshift would help
constrain the onset of star formation (z ∼ 10). Lamb & Reichart (2000) calculated
that Swift would be able to detect the brightest GRBs out to z ∼ 70, which is higher
than any model would predict that they are likely to occur. Furthermore, it should
(and has proved to) be possible for us to observe the bright optical/near infrared
(NIR) afterglow for very high-z GRBs. Even though the flux should be lower for ob-
servations at higher z, the effect of time-dilation will counteract this. The afterglows
flux decrease with time, so for a given observed time ∆t, a larger time-dilation will
mean that more photons are observed in ∆t, and since F = number of photons∆t×area , the flux
will increase (see e.g. Gorosabel et al. 2004). Combined with the fact that at higher
z the distance-increase with ∆z becomes lower, there will be very little total decrease
of the observed flux at high-z for a typical GRB.
Much of this afterglow light will be obscured underway by the Lyα forest. The
forest refers to the multitude of Lyα absorption lines from neutral hydrogen in Lyman
α clouds between galaxies. The strength of this will enable us to constrain the neutral
hydrogen fraction of the intergalactic medium (IGM) at the burst’s redshift. Until
the end of re-ionisation, the fraction was so high, that the Universe was opaque to
photons with energies high enough to ionise hydrogen, and the Lyα forest part of the
spectrum is observed as completely absorbed, a feature that is known as the Gunn–
Peterson trough. However given the larger densities of the early Universe, even a very
small fraction of neutral hydrogen would result in complete absorption of the flux in
the Lyα forest region, so this detection only provides a lower limit on the redshift of
re-ionisation.
The Gunn–Peterson trough has been detected in a QSO at z = 6.28. Becker et al.
(2001) reported the observation of the spectrum along with spectra for two QSOs
at z just under 6, where the trough is not observed. This is generally accepted
as an indication that re-ionisation ended close to z = 6. Other probes of the re-
ionisation era include observations of the cosmic microwave background (CMB), which
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can be used to calculate the optical depth of electron-scattering through polarisation
and temperature anisotropies. WMAP results indicated a high value, corresponding
to an early onset of re-ionisation (Kogut et al. 2003; Hui & Haiman 2003), but new
results from Planck has lowered this value considerably, so that the current redshift
of instantaneous re-ionisation is z ∼ 8.8 (Planck Collaboration 2015).
1.7 Gamma-Ray Bursts Observatories
As previously mentioned, GRBs were discovered by the Vela satellites, but the instru-
ment that really kickstarted GRB science, was the Burst and Transient Source Experi-
ment (BATSE) onboard the Compton Gamma Ray Observatory (CGRO, Gehrels et al.
1994). CGRO was launched in 1991, and decommissioned in 2000. The main purpose
of BATSE was to monitor the sky for GRBs (it was the first dedicated GRB instru-
ment), as well as longer lived sources, in the energy range ∼ 20keV–2MeV. It had
eight independent detectors, one at each corner of the satellite, providing a full cover
of the sky, except the part blocked by Earth.
The biggest results to come out of the first years of BATSE observations were that
the bursts are located uniformly in the sky and were clearly divided into two classes,
long and short GRBs (Kouveliotou et al. 1993). BATSE also discovered the minute
variations of the GRB light curves, being the first instrument to have such a good
temporal resolution (Preece et al. 1998b).
The next big step in GRB observations was made by the satellite BeppoSAX,
which first detected the X-ray afterglows, providing better spacial resolution, allow-
ing the redshifts of GRBs to be detected from ground-based follow-up observations,
proving the extragalactic origin of the bursts. BeppoSAX was launched in 1996, and
the mission ended in 2002. The energy range was 0.1–300keV, and it was the first
instrument able to detect a GRB with a high energy telescope, and then slew a lower
energy telescope quickly to the burst position providing afterglow observations and a
tighter constraint on the GRB location. Another telescope worth mentioning is The
High Energy Transient Explorer 2 (HETE-2, the first HETE satellite was lost dur-
ing launch), launched in 2000. HETE observed the first short GRB with an optical
afterglow, and located GRB030329 which was the first cosmological burst to have a
spectroscopically confirmed SN (Stanek et al. 2003; Hjorth et al. 2003).
The current GRB science is being led by two satellites, the Swift and Fermi mis-
sions. The two have different capabilities and compliment each other well. Swift was
launched in 2004, and is comprised of three telescopes; the Burst Alert Telescope
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(BAT) monitoring the sky in hard X-rays (15–150keV), detecting about 100 bursts
per year, the X-Ray Telescope (XRT), following up on BAT triggers, observing in the
energy range 0.2–10keV, and the UltraViolet/Optical Telescope (UVOT) observing
at 170–650nm.
After a BAT trigger, the XRT and UVOT start observing within ∼ 100 s, and
immediately distribute an updated location of the burst to the ground, where ground-
based optical telescopes can perform quick follow-up observations. In this way, Swift
has, by far, observed the largest number of well-localised bursts with observed af-
terglows and redshift determinations. This has led to a larger understanding of the
afterglow, by characterising the different phases seen in Fig. 1.4. It also enabled
the study of the GRB environment and host, leading to potential uses in cosmol-
ogy, such as studying the global chemical evolution and the star-formation history, as
highlighted above.
While Swift has revolutionised our understanding of afterglows and hosts, Fermi
is specialised in the bursts themselves. Fermi was launched in 2008, and has onboard
the Gamma-ray Burst Monitor (GBM), with an energy range of 8 keV–40MeV, and
detection rate of ∼ 300 bursts per year, and the Large Area Telescope (LAT) which
detects energies in the range 20MeV– ∼ 300GeV. The presence of the LAT enables
the characterisation of the high energy part of the GRB, and has led to the discovery
that the high-energy component is delayed with respect to the lower-energy bands,
but seems to last for a longer time period. The LAT detects only ∼ 10% of the bursts
detected by GBM, giving us a handle of how common this high energy component is
in GRBs (Gehrels & Mészáros 2012).
Both Fermi and Swift operations are planned to continue throughout at least 2016,
and probably longer. After this, the mission planned to take over GRB detections is
the space-based multi-band astronomical variable object monitor (SVOM ), which is
currently to be launched in 2021. SVOM is, like Swift, planned to carry both a γ-ray,
X-ray (MXT, 0.3–10keV) and optical telescope (VT, 400–950nm), but is also to have
two dedicated ground-based optical/NIR telescopes which will automatically follow
up on the γ-ray trigger (Schanne et al. 2010). The high energy telescope actually
consists of two instruments, one for imaging (ECLAIRs, 4–120keV) and a spectrom-
eter (GRM) observing the sky in wide field. On the ground, a wide-field optical
camera (GWAC, 450–900nm) will observe the same part of the sky as ECLAIRs,
in real time, enabling a better statistical study of early optical emission. It is ex-
pected that ECLAIRs will detect 70–80 GRBs per year, while GRM will detect > 90
(Cordier et al. 2014). It is the hope that with rapid optical follow-up, the GRB sample
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with detected redshifts will be more complete, with fewer bias than the Swift sample.
As the SVOM instruments are still under construction, the exact specifications may
change.
Other possible future GRB missions include the joint astrophysics nascent Uni-
verse satellite (JANUS), though the funding is not currently secured. JANUS is de-
signed to observe GRBs and quasars in the high-redshift Universe, in order to study
re-ionisation and the formation of the first galaxies. Since JANUS is only meant to
detect high-redshift GRBs (out to z ∼ 12), it has no need for a γ-ray telescope, as the
peak energy of the prompt emission will be redshifted to a few tens of keV. Instead
JANUS is planned to have an X-ray and a NIR telescope onboard. The challenge will
then be to make an X-ray telescope with a wide field of view, but which can localise
the burst to great precision (Burrows et al. 2012). Similar missions proposed include
the energetic X-ray imaging survey telescope (EXIST, Grindlay 2010, this telescope is
also currently without funding), which is also designed to be sensitive to high-redshift
bursts.
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2The Gamma-Ray Burst
Spectrum
Having now gone through the general properties of GRBs and their birth environment,
we will take a deeper look at the GRB prompt and afterglow spectrum, and the
radiation processes responsible for its shape.
2.1 The Prompt Spectrum
Unlike the huge variability observed for GRB light curves, as seen in Fig. 1.3, the
spectra of GRBs are relatively similar from burst to burst. Fig. 2.1 shows a typical
example of a prompt spectrum. The spectrum is made up of power-law segments. The
most commonly used model to fit the spectrum is the model suggested by Band et al.
(1993); a broken power law with a smooth roll-over, usually referred to as the Band
model:
fBand(E) =


A( E100 keV )
α exp(− EE0 ) (α− β)E0 ≥ E
A[ (α−β)E0100 keV ]
α−β( E100 keV )
β exp(β − α) (α− β)E0 ≤ E.
(2.1)
A is a normalisation constant, and E0 is a characteristic or break energy. This func-
tion is purely mathematical, not physical, but for certain values of the low and high en-
ergy spectral indices α and β, it can represent physical models such as bremsstrahlung
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Figure 2.1: Plot of the spectrum of GRB000429 from the BATSE catalogue (Kaneko et al.
2006). On top of the data (black crosses), is shown, in colours, fits to the most commonly
used models, given in Equations 2.1, 2.2, 2.3 and 2.4 (convolved with the BATSE detector
response function).
or synchrotron radiation, see below. Other mathematical models which are often used
to fit the spectrum are a simple single power law (SPL or PWRL):
fSPL(E) = A
(
E
100 keV
)ψ
; (2.2)
an exponentially cutoff power-law (a Comptonised model, which represents the Comp-
tonised spectrum from a thermal source in the special case where α = −1), which is
essentially a Band function where β → −∞:
fcomp(E) = A
(
E
100 keV
)α
exp
[
− (α+ 2)E
E0
]
; (2.3)
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and a smoothly broken power law:
fSBPL(E) = A
(
E
100 keV
)b
10a, (2.4)
(where a is given in Kaneko et al. 2006). The difference between this and the Band
function, is that the break is not coupled to the power laws, and the low energy part
is closer to a true power law, where for the Band model the α index describes an
asymptotic power law. It allows for the possibility of a sharper break than can be fit
with the Band model.
Figs. 2.2 and 2.3 display typical values of high and low spectral indices in the time-
integrated spectra of GRBs. The figures show histograms of the values for the BATSE
and Fermi-GBM samples, as presented in Kaneko et al. (2006) and Gruber et al.
(2014) respectively.
Figure 2.2: Distribution of the low energy index α for the best fit model in the Fermi (left)
and BATSE (right) burst catalogues. PWRL and PL is a simple power-law fit (Equation 2.2),
SBPL is a smoothly broken power-law fit (Equation 2.4), Comp is the Comptonised model
given in Equation 2.3, and Band is the Band et al. (1993) model given in Equation 2.1. See
Preece et al. (1998a) for conversions between the effective and fitted low-energy index.
The figures show the indices for the best fit of the four models (PL, SBPL, Band
and Comptonised). When a power-law break is observed, the break energy is typically
about 100− 200keV. In the cases where a single power law is the best fit, the break
energy is either outside of the fitted energy interval (see Section 1.7), or the signal-
to-noise (S/N) is too low to be able to resolve the break. The latter is indicated by
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the fact that for both samples, the single power-law index is between typical values
for the low- and high index of the other models. Likewise, for faint bursts, sensitivity
is not good enough to detect the high-energy power-law component, and the Comp
model gives a better fit than the Band model. The Fermi sample has a high ratio
of SPL best fits, which could be an indication that the GBM telescope triggers on
relatively more faint bursts. For the Fermi sample (which is significantly the larger
of the two), only fits with relatively small errors on all parameters are included (±0.4
for all parameters but the high energy index, for which ±1.0 was allowed).
Figure 2.3: Distribution of the high energy index β for the best fit model in the Fermi (left)
and BATSE (right) burst catalogues. Models are the same as in Fig. 2.2. For the BATSE
sample the simple power-law index is included here, though it is the same as in Fig. 2.2.
2.2 Radiative Processes
To determine which emission mechanisms are responsible for the observed γ-rays, we
need to connect these mathematical descriptions with physical interpretations.
2.2.1 Synchrotron Radiation
In the fireball model described in Section 1.3, the predominant radiation mechanism
is synchrotron radiation from electrons in the shocks. Consider a charged particle
experiencing acceleration. This acceleration will cause a change to the electric field
lines emerging from the particle, and the information of this change is radiated as a
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Figure 2.4: A charged particle moving with constant velocity has a uniform electric field. In
this figure, the particle experienced an instantaneous acceleration when it was at the position
of the cross, causing a change in the field lines, which are now propagating outwards (courtesy
of Michael Friis).
dipole perpendicular to the acceleration. This scenario is illustrated in Fig. 2.4. The
total radiated power in a dipole is given by the Larmor formula (Larmor 1897):
P =
dW
dt dA
=
2q2a2
3c3
, (2.5)
where q is the charge of the particle and a is the acceleration.
The non-relativistic version of this radiation is called cyclotron radiation. The
term synchrotron radiation is used for the specific case of relativistically moving
charged particles in a magnetic field. The (relativistic) equation of motion in a mag-
netic field is:
d
dt
(Γmv) =
q
c
v × B, (2.6)
where v is the velocity vector, B is the magnetic field vector, Γ is the Lorentz factor,
and m is the mass (electron mass in this case). The magnetic force is perpendicular
to the motion, so the particles will move along a curve, and hence have a radial
acceleration component. This acceleration is perpendicular to the velocity, and for
a constant field strength will lead to helical motion along the field lines. Since time
and energy have the same Lorentz transformation, Equation 2.5 is invariant, and we
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can calculate the radiated power in any frame, as long as we know the acceleration.
The acceleration can be calculated from Equation 2.6, and is related to the magnetic
gyration frequency (centrifugal acceleration). Using this, we can derive the (beamed)
synchrotron spectrum for a single electron (see e.g. Rybicki & Lightman 1979, for a
more detailed derivation):
P (ν) =
√
3
q B sinα
mc2
F (
ν
νcrit
), (2.7)
where α is the angle between the magnetic field and velocity, and F is a dimensionless
function peaking just before the frequency νcrit. As the dipole from the particle is
radiated perpendicular to the acceleration, it will in this case be along the line of
motion, so synchrotron radiation is heavily boosted due to relativistic motion, see
Fig. 2.5.
Figure 2.5: Figure from Rybicki & Lightman (1979). The top figure shows dipole radiation
from a particle moving at non-relativistic speed. The bottom figure shows the same dipole
radiation, but now the particle is moving at relativistic speed, so the radiation is beamed in
the direction of motion, with an opening angle of 1/Γ.
Away from νcrit and over a limited frequency range, Equation 2.7 can be approxi-
mated with a power law. The spectral index s is then defined as:
P (ν) ∝ ν−s. (2.8)
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If we now consider a population of particles with energy distribution:
N(E)dE ∝ E−pdE, (2.9)
then we can find the total power radiated per volume per frequency by integrating
Equation 2.9 times the spectrum for a single particle, Equation 2.7, over all energies.
This yields the result:
Ptot(ν) ∝ ν−(p−1)/2, (2.10)
so that the spectral index for a synchrotron spectrum is given by the particle energy
distribution index p:
s =
p− 1
2
. (2.11)
To compare the synchrotron spectrum with the GRB prompt emission, we now
need an estimate of p, i.e. the energy distribution of the particles. In the GRB jet,
synchrotron radiation would be emitted by electrons moving in the electromagnetic
field over the shock fronts. The typical electron energy depends on the Lorentz factor
of the flow, and the strength of the magnetic field. The characteristic synchrotron
frequency is (Sari et al. 1998):
νm(Γe) = ΓΓ2e
eB
2pime c
, (2.12)
where Γ is the Lorentz factor of the shock front, and Γe is the Lorentz factor of the
electron.
Electrons moving in a plasma will cool down as they emit radiation. This so-called
synchrotron cooling occurs on a time scale given by the energy of the electrons over
the rate at which they are radiating away their energy. The energy is:
E = Γme c2, (2.13)
so taken together with Equations 2.7 and 2.9 the cooling time is:
t =
3
4
me c
2
σT c UB Γ β2
, (2.14)
where UB is the magnetic energy density of the field, σT is the Thomson cross-section,
and β = v/c.
The cooling time sets a lower limit to the time variations we should observe in the
GRB light curve. If synchrotron radiation is the dominant emission mechanism, we
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should not observe individual peaks in the light curve that are shorter than the cooling
time; the typical GRB prompt single peak has a fast rise and a slower exponential
decline (referred to as FRED). This would mean that the shock heating (and hence
acceleration) of the electrons happens rapidly, so the majority of the width of the peak
is due to cooling, and hence the width of one peak is roughly equal to the cooling
time.
The energy distribution of the electrons depends on whether they are in the slow
or fast cooling regime. This is determined by whether the cooling time scale is longer
or shorter than the hydrodynamical time scales of the shock. The large energy re-
quirement of GRBs means that the electrons must be radiating efficiently, and hence
are in the fast cooling regime (a short cooling time is also a requirement from the mil-
lisecond variations observed). Due to the cooling effect, the shock cannot accelerate
the electrons to arbitrary high energies. For the maximum electron energy, the accel-
eration time equals the cooling time. As the electron cools, the synchrotron frequency
varies as (see Equation 2.12):
ν ∝ Γ2e. (2.15)
We can use this to find p, if we look at the continuity equation for the electron
(Uhm & Zhang 2014):
∂N(Γet)
∂t
= Q(Γe, t)− ∂
∂Γe
(N(Γe, t)
dΓe
dt
), (2.16)
where Q is the injection rate of electrons with a Lorentz factor Γe. This basically
gives the relation for the change with time of the number of electrons with Γe, which
equals the rate they are injected into the flow, minus the rate at which Γe changes
with time after injection. For the GRB, we assume that the energy is injected almost
simultaneously, so after an initial injection, we can set Q = 0. To maintain a steady
distribution in time, then
∂
∂Γe
(N(Γe, t)
dΓe
dt
) = 0. (2.17)
Since the change in Γe is caused purely by synchrotron cooling in the fast cooling
regime, then it follows from Equations 2.15 and 2.17, that ∂Ne∂Γe ∝ Γ−2e . As the Lorentz
factor is proportional to the energy of the electron (Equation 2.13), then p = 2, where
p is defined in Equation 2.9.
This means (from Equation 2.11) that the spectral power varies as ν−1/2 until
it falls below the cooling frequency, where the cooling time becomes longer than the
dynamical time-frame. At lower frequency, the electron does not have time to cool,
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so only few electrons are at this Γe, and the flux falls quickly off.
For fast cooling the total spectrum is (Piran 1999):
Fν ∝


( ννc )
1/3Fν,max νc > ν
( ννc )
−1/2Fν,max νm > ν > νc
(νmνc )
−1/2 ( ννm )
−p/2Fν,max ν > νm,
(2.18)
where Fν,max is the observed peak flux.
To compare this with the Band function, we subtract one from the spectral indices
to get the photon indices α and β (as the energy spectrum equals the photon spectrum
multiplied with the photon energy). Since the high index depends on p, the usual
method is to compare the observed α with the low frequency part. In general, we
expect the spectrum to be somewhere between the νc > ν and νm > ν > νc cases,
leading to a constraint on the spectral index, −1/3 ≤ s ≤ 1/2.
This has led to the so called "line-of-death" problem, as the low energy index is
restricted to α < −2/3. If we compare to Fig. 2.2 however, we will see that a significant
fraction of bursts have α higher than this, several bursts even have a positive α,
which cannot be explained purely by synchrotron radiation (see e.g. Crider et al. 1998;
Baring & Braby 2004). For these bursts at least, some other radiation mechanism
must contribute.
I have here ignored synchrotron self-absorption, where synchrotron photons, after
being emitted, scatters continuously of the synchrotron electrons. For GRB prompt
emission it is assumed, at least initially, that the jet is optically thin so we can ignore
this effect, as it would also reduce the observed flux significantly, which fits poorly
with the large flux observed for GRBs, though it has been argued that it may be used
to solve some cases of a positive α, see for instance Lloyd & Petrosian (2000).
2.2.2 Inverse Compton emission
Even in the optically thin regime however, scattering can alter the spectral shape. A
photon scattering off a charged particle and decreasing its energy is called Compton
scattering, so inverse Compton (IC) scattering refers to the process where the charged
particle loses energy to the photon.
At the energies of the electrons in the GRB jet, the photons are likely to only
scatter off an electron once, as they thereby gain an energy that is so high that
the cross-section becomes too small to scatter with another electron (in the rest-
frame of the electron). Since the cross-section is energy dependant, IC scattering
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will predominantly change the spectrum by scattering low energy photons to higher
energies. Furthermore, it will influence the cooling time, as the electrons now cool
both through synchrotron cooling (Equation 2.14) and through IC scattering. The
scattering will boost the photon energy with a factor of Γ2e. A special case of the
IC scattering is Synchrotron self-Compton (SSC) radiation. This is the result of IC
scattering of synchrotron radiation by the same relativistic electrons that produced
the synchrotron radiation in the first place.
Baring & Braby (2004) find that with IC scattering, α could be as high a 0.
That could help explain bursts with very hard spectra, such as GRB130427A (see
Fan et al. 2013). Furthermore, adding IC scattering may help explain the spectral
evolution in bursts where α is seen to increase with time (approach zero). Initially IC
scattering would be effective, up-scattering photons, so that there are less photons at
low frequencies, and α is very negative. At some point, the jet expands, so that the
probability for a scattering event decreases, and α hence increases as IC becomes less
effective.
However, there are bursts for which α is observed to increase at the beginning of
a pulse (e.g. Crider et al. 1998), which would indicate Thomson thickening, which is
inconsistent with the simple fireball model. Panaitescu & Mészáros (2000) suggested
that IC scattering of synchrotron self-absorbed radiation could be responsible for the
hard spectra, but this would require a scenario where the GRB jet material is in the
slow cooling phase, which seems unlikely.
2.2.3 Thermal emission
The inconsistency between non-thermal radiation processes and the spectral obser-
vations of GRBs became even more pronounced when the instrumentation became
good enough to study the temporal evolution of spectra. Time-resolved spectra have
an even higher occurrence of α outside the synchrotron allowed values (Gruber et al.
2014). It is not just that the best fit value is outside the synchrotron range, but
allowed synchrotron values give a significantly poorer fit to the data.
Still, many bursts do have decent fits to synchrotron models, even for individual
time slices of the spectra. The problem though, is that we observe the spectral shape
to have a variance in time which is hard to explain from the considerations outlined
in Section 2.2.1. The conditions in the GRB jet are expected to change over time, so
that the electrons move from the fast to the slow cooling regime, but that does not
explain the large changes in α observed by for instance Crider et al. (1998).
One radiation process that is expected to display the soft spectral evolution ob-
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served, is thermal emission from a black body. Blackbody radiation was originally
expected in the jet model, as the relativistic moving plasma will be thermally coupled
by multiple Compton scatterings, if the density is high enough. We would observe
this radiation as originating from the photosphere where the jet becomes optically
thin. It was hence obvious to look for thermal emission when it became clear that an
additional component was needed on top of the synchrotron radiation.
The models used for the fit are either simple blackbody functions, such as this one
(as implemented by the HEASoft program Xspec):
fBB =
K[E(1 + z)]2
(1 + z) kB T 4 (exp[E(1 + z)/(kBT )]− 1) , (2.19)
where K is a normalisation, kB is the Stefan-Boltzman constant, and z is the redshift,
or alternatively, more complex models can be used, such as multi-blackbodies, which
consists of a superposition of Planck functions with different temperatures. The latter
is probably more physically correct, while the former has the advantage of being
conceptually simple. It should be noted that even for the more complex functions,
the observed temperature is not the physical blackbody temperature of the flow, but
rather the Doppler boosted value:
Tobs = DTco (2.20)
where Tco is the temperature in the co-moving frame, and
D =
1
Γ(1− βµ) (2.21)
is the Doppler factor of the plasma moving with an angle, µ = cos(angle), to the
observer.
The difficulty in studying thermal emission in GRBs, and the reason this compo-
nent was originally ruled out, is that the blackbody temperature and flux will naturally
evolve with time, smearing out the signal in a time-integrated spectrum, making it
difficult to separate from the non-thermal emission. When individual spectra from
shorter time periods are extracted, a model consisting of a blackbody spectrum with
an underlying power-law to represent the non-thermal part, often gives a good fit
to the data, as seen in Fig. 2.6 showing the Fermi spectrum of GRB090902B as an
example (Ryde et al. 2010).
Since the emitting plasma is moving at relativistic speeds, the blackbody emission
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Figure 2.6: Figure from Ryde et al. (2010) showing an example of a blackbody fit to the
spectrum of GRB090902B. Different colours are data from different Fermi detectors. Lower
panel show the deviation between data point and fitted model.
is not the classical version, but rather what is often referred to as ’quasi-thermal’
or ’blackbody like’ radiation. Pe’er (2008) calculated the temporal evolution of a
thermal component in a relativistically expanding plasma, including the observed
radiation from equal arrival time surfaces (including the same high angle emission
effects discussed in Chapter 1), and found that after energy injection stops (the end
of inner engine activity), the blackbody flux decays as F (t) ∝ t−2 and the temperature
as TBB(t) ∝ tα, with α ∼ 1/2−2/3. This is found to match observations for a sample
of bursts (Ryde 2004; Ryde et al. 2005; Pe’er & Ryde 2010).
Fitting the thermal component has the advantage over the non-thermal emission,
that it allows us to probe the inner engine directly, and determine flow properties
such as Γ, the radius of the photosphere, Rph, and the initial size of the flow, R0 (see
Pe’er et al. 2007b, and Chapter 3).
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2.3 The Afterglow Spectrum
The GRB afterglow (that is, the part of Fig. 1.4 that is marked ’afterglow’) is believed
to be caused by synchrotron radiation from external shocks when the jet plows into
the surrounding medium. The physics is similar to that described in Section 2.2.1,
except the jet now interacts with the ISM, so the density and type of the ISM is
relevant.
Initially, the jet electrons are still in the fast cooling regime. Later, however,
they transit into slow cooling. Furthermore, the density profile of the surrounding
medium can be one of several different types, so we have several different physical
cases, leading to a multitude of models for the GRB afterglow. Writing the density
profile in the form n(r) ∝ r−k, two typical values of k are often explored. For long
GRBs, the likely progenitor is a massive star, which has likely gone through mass-loss
(see Section 1.4), so we expect a stellar wind profile which has k = 2. Alternatively a
constant density medium with k = 0, as is the case for the typical ISM, is assumed.
The index k can be determined from the spectral and temporal flux indices, Fν ∝
ν−b t−a, as:
k =
4(3b− 2a)
3b− 2a− 1 , (2.22)
see Starling et al. (2008). This relationship is valid for the spectral index in the part
of the spectrum where νm < ν < νc. Starling et al. (2008) do indeed find that k is
consistent with a wind for four out of five long GRBs, and a homogeneous circum-
burst medium for the last (though other studies find that a constant density medium
is overwhelmingly preferred for GRBs, e.g. Fryer et al. 2006). They also determine
p, the electron energy distribution index, through Equation 2.11. They find a mean
value of 2 in a sample of 10 bursts, consistent with the fireball model (the existence
of bursts with p < 2 is termed the ’p-problem’, as this would cause the integral of
Equation 2.9 to diverge, unless we introduce an upper cutoff in the electron energy
distribution, see e.g. Bhattacharya 2001).
IC scattering may also contribute to the afterglow emission of some GRBs, partic-
ularly if the surrounding medium density is high. This could be observed as a break
in the light curve (Wei & Lu 2000). In general the afterglow fits better with the syn-
chrotron emission of the standard model than the prompt emission, though it is often
difficult to isolate the afterglow from late-time contributions from the prompt emis-
sion such as flares. Wang et al. (2015) found that at least half of GRB afterglows fit
well with the external shock synchrotron radiation, while up to 96% can be well fitted
by including additional factors such as a long-lasting reverse shock, see Section 1.3.3.
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In several bursts, thermal emission has also been observed in soft X-rays during
the afterglow (e.g. Campana et al. 2006a; Page et al. 2011). In most models, this
emission is not directly associated with the external shock, or fireball, afterglow. To
understand the different models for this component, we will first take a look at the
GRB-SN connection.
2.4 Supernova Connection
Woosley (1993) originally suggested that the progenitor model for GRBs evolved
into what he termed a ’failed supernova’, as it was thought that not enough 56Ni
would be produced during the core-collapse, so it could not lead to a traditional
SN (the half-life of nickel is several days, so radioactive-decay energy can reheat the
ejecta and supply energy to the SN). We now know however, that the majority of
long GRBs are followed by a Type Ib/Ic SN, which has on several occasions been
observed in the optical light curve a few days after the burst, either spectroscopically
(e.g. GRB030329, Hjorth et al. 2003; Stanek et al. 2003), or through a bump in the
photometric light curve (e.g. GRB980326, Castro-Tirado & Gorosabel 1999, see also
Sect 1.2.2).
The highest redshift for a secure GRB-SN connection is z = 0.283 (GRB120422A
Schulze et al. 2014), though GRB101219B at z = 0.55 has a clear bump in the after-
glow and some spectroscopic evidence as well (Sparre et al. 2011). At larger distances,
it becomes difficult to observe the SN with sufficiently good S/N. The total energy
output in a SN might be comparable to that of a GRB, but the explosion is more
isotropic, and not ultra-relativistic, so it cannot be observed out to nearly as high a
redshift. Added to that, the γ-rays from the GRB stands out from the host galaxy
emission, and the SN also has to compete with the optical afterglow, which for some
GRBs can be very long-lasting. SN bumps in the afterglow light curve have been
more or less convincingly detected out to a redshift of about z ∼ 1 (Della Valle et al.
2003).
Despite this difficulty, there are several long GRBs for which we can rule out
an associated SN (or the SN was extreme faint), such as GRBs 060505 and 060614
(Fynbo et al. 2006). For GRB060505, no SN was detected down to a limit several
hundred times fainter than that of the ’standard’ GRB-SN SN1998bw, and even
fainter than any Type Ic SN ever observed. This GRB is in all other aspects a typical
long GRB, leading to the conclusion that some long GRBs just do not produce a
SN, possibly because no radioactive material is formed as the material falls directly
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in to the black hole before forming an accretion disc, or because there simply is not
enough energy left by the time the GRB jet pierces the star (Hjorth & Bloom 2012,
and references therein).
The resulting picture of the GRB-SNe is a diverse population, with a broad dis-
persion both in peak brightness rise time, and spectral broadness. Woosley & Bloom
(2006) showed that when including the non-detections, GRB-SN span the entire ’nor-
mal’ Type Ib/Ic population.
Short GRBs are not associated with classical SNe as shown by the clear non-
detection for GRBs 050509B (Hjorth et al. 2005a; Bloom et al. 2006) and 050709
(Hjorth et al. 2005b). It was suggested that the merger of compact objects, believed
to be the progenitor for short GRBs, should be accompanied by a so-called ‘kilonova’
produced by the decay of radioactive species from the merger, visible in the NIR. This
signature was indeed detected in observation of the short GRB130603B (Berger et al.
2013; Tanvir et al. 2013), and possibly in the long/short GRB060614 (Yang et al.
2015, the burst lasted 102 s, but if the observation is indeed a kilonova, a compact
binary merger is the more likely progenitor model).
2.5 A SN shock breakout
Several bursts with associated SNe have a detection of the thermal emission ob-
served in the soft X-ray afterglow mentioned in Section 2.3 (Campana et al. 2006a;
Starling et al. 2011, 2012; Page et al. 2011). It was suggested for GRB060218 (Campana et al.
2006a) that this component is due to the SN shock front breaking into the winds sur-
rounding the progenitor, as would be the case if this was a Wolf-Rayet star. This
interpretation is motivated by high blackbody temperature, which can be obtained,
if the thermal radiation is from shock-heated plasma. Furthermore the radius of
the emitting region, which should be where the wind becomes optically thin, is larger
than the blackbody radius, indicating asymmetry, which would be the case for a jet, or
asymmetric winds. The wind mass-loss rate can be calculated, by considering a shock
propagating into the wind. This will compress the wind material into a thin shell,
which we know should have an optical depth of about one since we observe thermal
radiation. This means we can calculate the mass of the shell, and with the approx-
imate wind velocity and the radius of the shell (the radius of the emitting region),
we can determine the mass-loss. Campana et al. (2006a) found that for GRB060218
this approximately equalled the expected value for a Wolf-Rayet star.
This interpretation of the thermal emission is attractive, as it has large explanatory
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value. We can even back-extrapolate to find the likely radius of the progenitor.
However, there are some problems with the energetics. The blackbody luminosity
inferred from the observations of GRB060218 seems too large to be explained as the
shock break-out (see e.g. Ghisellini et al. 2007a; Li 2007, and Section 3.4.1).
Butler (2007) interpreted the thermal emission in GRB060218 as radiation from
L-shell transitions of Fe. He suggested that this line emission originates from a cocoon
around the GRB jet as it exits the progenitor stellar envelope. This model, and the
one presented in Chapter 3 are inconsistent with the suggestion that weak bursts such
as GRB060218, which are classified as XRFs, are caused by the jet being ’quenched’
in the stellar envelope, so that the γ-rays cannot escape, and a ’proper’ GRB never
happens.
2.6 The Cocoon model
Mészáros & Rees (2001) postulated the existence of the cocoon around the jet. As
the jet moves through the progenitor stellar-envelope, the surrounding material slows
it down, and energy is deposited outwards, heating the material that has been pushed
out to a hot plasma cocoon. As the jet penetrates the star, the cocoon can escape as
well, accelerating up to relativistic velocity (though still slower than the jet, due to
the higher density), and the deposited energy is converted into bulk kinetic energy.
As the density is high, the optical depth is initially much larger than one, so the
radiation from the cocoon is delayed with respect to the prompt emission, as the
photons are initially trapped, and need to diffuse before they can escape. Pe’er et al.
(2006) suggested that this is the physical model for the initial steep decay of the X-ray
light curve seen in Fig. 1.4.
The spectrum for this emission has a high energy tail in the form of a power law
as the energy is continuously injected, but Mészáros & Rees (2001) also suggest that
we might observe the underlying thermal emission when the cocoon has expanded
sufficiently, and that this is what is observed in the X-ray afterglow of for instance
GRB090618 (Page et al. 2011). This model allows for higher blackbody luminosities
and temperatures than SN shock breakout. However there are observations of thermal
X-rays for bursts which do not show a steep decay in the light curve, such as GRBs
060218 and 100316D. Starling et al. (2012) argue that the underlying mechanism
might be different for those low-luminosity bursts, such that the thermal emission for
those bursts may be due to the shock breakout, but that the cocoon emission may be
responsible for the more energetic bursts.
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In the following chapter, I present a model that could encompass all observed
thermal soft X-ray components.
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Abstract Thermal radiation, peaking in soft X-rays, has now been detected
in a handful of GRB afterglows and has to date been interpreted as shock break-
out of the GRB’s progenitor star. We present a search for thermal emission in the
early X-ray afterglows of a sample of Swift bursts selected by their brightness in
X-rays at early times. We identify a clear thermal component in eight GRBs and
track the evolution. We show that at least some of the emission must come from
highly relativistic material since two show an apparent super-luminal expansion of
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the thermal component. Furthermore we determine very large luminosities and high
temperatures for many of the components—too high to originate in a SN shock break-
out. Instead we suggest that the component may be modelled as late photospheric
emission from the jet, linking it to the apparently thermal component observed in the
prompt emission of some GRBs at gamma-ray and hard X-ray energies. By comparing
the parameters from the prompt emission and the early afterglow emission we find that
the results are compatible with the interpretation that we are observing the prompt
quasi-thermal emission component in soft X-rays at a later point in its evolution.
3.1 Introduction
Gamma-ray bursts (GRBs) are extremely bright transient sources, completely dom-
inating the gamma-ray sky for milliseconds to half an hour. The nature of these
bursts was long unknown, but since discovering an association with type Ic super-
novae (SNe) (e.g. Galama et al. 1998; Hjorth et al. 2003; Stanek et al. 2003), long
GRBs (any burst lasting longer than two seconds) are known to be caused by the
core-collapse of massive stars. While the afterglows have provided a lot of informa-
tion over the past 15 years, there is still a lot of uncertainty associated with the
prompt high energy radiation. Recent evidence has been found in some GRBs for
an apparently thermal component in the early soft X-ray emission (Campana et al.
2006a; Starling et al. 2011; Page et al. 2011). This component is often, though not
exclusively (e.g. Ghisellini et al. 2007a), interpreted as originating from the SN shock-
breakout, as associated SNe have been detected spectroscopically for GRB060218/
SN2006aj (Campana et al. 2006a; Pian et al. 2006) and GRB100316D/SN2010bh (Starling et al.
2011; Wiersema et al. 2010; Chornock et al. 2010; Bufano et al. 2012), and photomet-
rically for GRB090618 (Page et al. 2011; Cano et al. 2011).
Interestingly, a weak second component was found to be required statistically in
the combined late prompt/early afterglow spectra of a few very soft GRBs (Moretti et al.
2008), suggesting either the emergence of the afterglow or a thermal component. The
clear evidence for individual X-ray thermal components has so far only been detected
in low redshift bursts with SNe. Sparre & Starling (2012) searched for this thermal
emission in the total sample of Swift bursts, but removed all bursts with high redshift,
as they argue that the thermal emission detected in these are at high risk of being
false positives. We have analysed a sample of bright early X-ray afterglows for the
presence of thermal-type emission as well, but without the redshift filter, as we see
no reason to rule these out beforehand. We find several new apparent thermal com-
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ponents, including bursts with redshifts z > 1. In section 3.2 we present the sample
and the analysis of the Burst Alert Telescope (BAT) and the X-Ray Telescope (XRT)
data. In section 5.3 the results of our time-resolved spectroscopy is presented for the
best fit time series of each burst. In section 5.4 we examine the implications of the
physical parameters deduced from modeling the emission component.
A flat universe cosmology is assumed with H0 = 70km s−1Mpc−1 and ΩM = 0.27.
1 σ errors for each parameter have been used. When only upper limits are given, these
are 3σ.
3.2 Observational data and methods
The sample presented in this paper consists of the brightest bursts (as of 2011 De-
cember 20) in the Swift online catalogue (Evans et al. 2007). We have selected bursts
with at least 20 000 counts in the XRT Window Timing (WT) data as well as reli-
able spectroscopic redshifts, to ensure good fit statistics and to be able to study the
evolution in time and the rest-frame properties of the afterglows. Twenty nine bursts
fit these criteria, but the dataset for GRB100906A had to be discarded as repeated
extractions of the spectra failed to produce reliable results, so the final sample size is
twenty eight bursts (see Table 3.1).
In this paper, we have processed data from Swift BAT and XRT using the analysis
tools within HEASOFT. BAT data have been included when available and the spec-
trum extracted using standard procedure, binning the data in the standard energy
binning. The WT mode data have been used from the XRT observations. This has
been divided into time periods with a minimum of 10 000 counts for each spectrum,
except for GRB060418 where 5 000 counts per spectrum was used. The XRT light-
curves for bursts with a detection of a thermal component are presented in Fig. 3.1
and the time periods delineated. This way between two and nine spectra have been
extracted for each burst. For data reduction the FTOOLs Swift-specific sub package
"xrtproducts" has been used. As centre-position the output from running "xrtcen-
troid" on the Photon Counting (PC) mode data has been used. The response files
are from the Swift repository. The spectra have been pile-up corrected following
Romano et al. (2006).
We should note here that this sample of the brightest early-phase Swift-XRT
bursts only overlaps with the six candidate bursts with possible blackbody emission
of Sparre & Starling (2012) in GRB100621A as well as GRB090618 and GRB060218
which were claimed elsewhere. The rest of their bursts were not bright enough to enter
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our sample. Of the bursts we claim as possible detections in Table 3.1, the above-
mentioned bursts are detected in common. We also find detections in GRB060202,
060418, 061007, 061121, and 090424. All of these bursts, except GRB061007 are
noted as initial possible candidates by Sparre & Starling (2012).
3.3 Results
The extracted spectra were fit in Xspec with a Band model (Band et al. 1993) with
photoelectric absorption from both the Milky Way (z = 0, fixed) and the GRB host
galaxy (variable and at the redshift of the host). This model was compared to a
similarly absorbed Band+blackbody model. The Galactic foreground column densi-
ties were fixed to values from the Leiden/Argentine/Bonn (LAB) Survey of Galactic
H1 (Kalberla et al. 2005) throughout the analysis. The equivalent hydrogen column
density based on the dust extinction column would be somewhat different, usually
slightly lower (Watson 2011). Using this value would typically increase the column
density inferred at the host galaxy redshift (NH), but would not affect the other fit
parameters substantially. All fits have been done in two steps to reduce the com-
putational cost to a manageable level. First the spectra for a given burst were fit
simultaneously to determine NH for the host galaxy. The absorption was then frozen
to this value during individual fitting of the spectra. NH for the host was determined
separately for the Band and the Band+blackbody models. The optical spectroscopic
redshifts of the GRBs were used to calculate model parameters in the host galaxy
rest frame. Fit statistics and parameters of the best-fit blackbody for the time series
with the most significant blackbody detection for each burst in the sample can be
seen in Table 3.1. The temperature and the luminosity1 were determined from the
fits. Using these parameters and the Stefan-Boltzmann eq., the apparent radiative
surface area was determined, assuming a simple, non-relativistic blackbody. Under
spherical geometry, the radius would then be: L = σ AT 4, where A = 4pi R2.
1The luminosity is given by the blackbody normalisation in the xspec model:
normbb =
L39
D210
=
L39
D2
L(10)
(1 + z)2
Here L39 is the luminosity in units of 1039 ergs/s, and D10/DL(10) is the proper motion/luminosity
distance to the source in units of 10 kpc.
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Table 3.1: Blackbody parameters for the best fit time series for each burst in the sample.
Parameters have only been included if the improvement for the addition of a blackbody is better than ∆χ2 =25.
GRB Redshift refs. ∆χ2 bb lum.a bb %b kT/keV Rphot
c γ Timed Time Seriese
060202 0.783 (1) 28.1 2.7+0.1
−0.2 13 0.38
+0.01
−0.02 5.9
5.1
5.2 60
+14
−18 211–431 B
060218 0.0331 (2) 73.4 0.0116+0.0007
−0.0006 0.24 0.156 ± 0.004 0.46
+0.45
−0.46 40
+9
−12 1661–1914 H
060418 1.489 (3) 33.9 1.6+9
−0.7 3.5 0.53 ± 0.02 2.2
+7.7
−1.2 <254 150–235 D
061007 1.262 (4) 36.1 119+12
−11 10 3.2
+0.4
−0.3 1.9
+0.17
−0.18 328
+100
−64 86–102 A
061121 1.314 (4) 49.4 257 ± 26 0.74 2.9 ± 0.2 6.7± 1.6 669+14
−18 72–86 B
090424 0.544 (5) 49.8 0.16+0.01
−0.04 27 0.228 ± 0.006 19
+23
−17 26
+8
−9 333–5554 B
090618 0.54 (6) 46.9 1.81+0.08
−0.08 17 0.74
+0.08
−0.06 12± 2 <1058 138–145 C
100621A 0.542 (7) 36.5 0.73+0.07
−0.09 23 0.38
+0.39
−0.36 2.8
+2.6
−2.6 40
+11
−10 141–40540 C
060124 2.300 (4) 11.9 <25 <0.25 — — — 557–635 B
060510B 4.9 (8) 9.26 <136 <38 — — — 127–252 A
060526 3.221 (9) 8.17 <8.8 <4.1 — — — 81.5–282 A
060614 0.125 (10) 14.2 <0.14 <15 — — — 97–109 A
060729 0.543 (4) 11.6 <37 <23 — — — 130–146 A
060814 1.92 (11) 24.0 <0.25 <52 — — — 168–75055 C
060904B 0.703 (4) 15.5 <1.8 <33 — — — 77–178 A
071031 2.692 (4) 19.3 <70 <22 — — — 109–178 A
080310 2.42 (12) 14.5 <8.6 <3.1 — — — 215–287 B
080319B 0.937 (13) 20.1 <7.6 <0.05 — — — 90–120 B
080607 3.036 (14) 7.45 <222 <18 — — — 123–144 B
080928 1.692 (4) 19.1 <22 <8.0 — — — 210–248 B
081008 1.9685 (15) 14.7 <35810 <100 — — — 94–144 A
081028 3.038 (16) 8.60 <3.5 <14 — — — 341–61920 B
090417B 0.345 (17) 2.87 <0.1 <1.8 — — — 702–1497 B
090516A 4.109 (18) 14.6 <325 <46 — — — 171–136 A
090715B 3.0 (19) 9.33 <82 <7.7 — — — 219–274 C
100814A 1.44 (20) 9.17 <41 <3.6 — — — 94–157 A
110205A 2.22 (21) 12.0 <76 <7.1 — — — 273–325 D
110801A 1.858 (22) 18.5 <57 <13 — — — 380–424 C
a Blackbody luminosity in 1048 ergs s−1, b Percent of total luminosity in the thermal component
c Photospheric radius in 1013 cm, d Seconds since BAT trigger, e Part of light curve that contains best fit improvement
References: (1) Butler (2007); (2) Mirabal & Halpern (2006); (3) Prochter et al. (2006); (4) Fynbo et al. (2009); (5) Chornock et al. (2009);
(6) Cenko et al. (2009); (7) Milvang-Jensen et al. (2010); (8)Price (2006); (9) Jakobsson et al. (2006); (10) Della Valle et al. (2006); (11)
Jakobsson et al. (2012a); (12) De Cia et al. (2012); (13) Racusin et al. (2008); (14) Prochaska et al. (2009); (15) D’Avanzo et al. (2008); (16)
Berger et al. (2008); (17) Berger & Fox (2009); (18) de Ugarte Postigo et al. (2009); (19) Wiersema et al. (2009); (20) O’Meara et al. (2010); (21)
Cenko et al. (2011); (22) Cabrera Lavers et al. (2011)
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In Table 3.1, the ∆χ2 values are given for the two models. The actual probabilities
as seen in Table 3.2 are inferred from a Monte Carlo analysis, and gives the likelihood
that the added blackbody is just a better fit per random chance. As can be seen
from Table 3.1 the spectral fit seems generally to be improved with the addition of
a blackbody. The blackbody model only adds two free parameters, so the fact that
χ2 decrease by more than a factor of two in all but one burst indicates that an extra
component is needed in addition to the Band function.
To test the statistical significance of the fit improvement, we used a Monte Carlo
method, generating 10 000 artificial spectra from the single Band function model. We
did this for every burst with a large improvement in χ2 (∆χ2 ≥ 25, the 3σ limit
from the first three time series analysed), since it is extremely unlikely, that a small
∆χ2 value will turn out to be significant, and because the Monte Carlo analysis is
computationally expensive. The distribution of χ2 was found to be the same for dif-
ferent time series in the same burst, but not compatible between different bursts using
the Kolmogorov-Smirnoff test. For bursts with no match in ∆χ2 in the first 10 000
spectra, a further 10 000 were done to improve statistics. The detection probabilites
for an additional blackbody component resulting from these simulations are provided
in Table 3.2 for each time series. We adopt a thermal component detection criterion
of less than one in 10 000 over the null hypothesis in at least one of the time series.
This corresponds to a detection probability of better than ∼ 4σ.
Early afterglow thermal emission has already been reported for GRB060218 (Campana et al.
2006a), and extensively analysed (Waxman et al. 2007; Li 2007; Ghisellini et al. 2007b,a;
Sollerman et al. 2006). The detection of thermal emission in GRB090618 (Page et al.
2011) and GRB100621A (Sparre & Starling 2012) has also been reported, though not
as extensively, and so we include our analysis of these bursts here for comparison. In
addition to these bursts we report the detection of thermal emission in GRBs 060202,
060418, 061007, 061121, and 090424.
3.3.1 GRB 061007
The spectral fitting for GRB061007 is improved for the added blackbody for time
series A to > 4σ confidence (that is, the Monte Carlo analysis found no ∆χ2 match in
20 000 simulated spectra). We also performed 10 000 simulations separately for time
series B, where 0.16% (approximately 3σ confidence) of the faked data had a ∆χ2
as large or larger than the real one. The component is very bright, accounting for
respectively 10 and 11% of the total luminosity in series A and B. With luminosities
of up to 1.9 × 1050 ergs s−1 as well as blackbody temperatures of several keV, this
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Figure 3.1: Light curves for bursts with apparent thermal emission. The lines indicate
where the data has been split into different spectra. Black letters indicate the time series
with highest ∆χ2.
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thermal emission is both more luminous and hotter than those previously reported
(Campana et al. 2006a; Page et al. 2011; Sparre & Starling 2012). The spectra are
plotted in Fig. 3.2, top panel.
3.3.2 GRB 090424
The thermal emission from GRB090424 looks more like the “classical" thermal com-
ponent, with low luminosity and temperatures of ∼ 0.2 keV, similar to, for instance,
GRB060218. We performed the Monte Carlo analysis for both series separately. For
time series B no ∆χ2 match was found in 20 000 spectra. For the time series A about
0.2% (> 3σ) match the real value. Compared to the burst’s low total luminosity, the
thermal emission is very bright, constituting about one fourth of the total luminosity.
The spectra can be seen in Fig. 3.2, second panel.
3.3.3 GRB 061121, 060202 and 060418
GRBs 061121, 060202 and 060418 are only good candidates for thermal emission
in one time series. Spectra can be seen in Fig. 3.2. We note that the parameters
for GRB060418 are not very well constrained. All parameters for the detections are
similar, with temperatures around 1 keV, luminosities corresponding to few percent of
the total, and apparent host-frame blackbody radii around 1011–1012 cm. The general
tendency seems to be for the thermal component to be detected in the declining phase
after a flare (though for GRB061121 the time series includes the peak of the flare),
see Fig 3.1.
3.3.4 Previous detections
Our statistical analysis is relatively conservative as we require a > 4σ detection.
Furthermore, we use a Band model as our underlying continuum, which allows for
a certain curvature in the spectra without invoking an additional component. For
example for a burst such as GRB090618 where thermal emission has been claimed
previously, we only have a clear detection by our criteria in the very late phase.
For our claimed detections, only GRB061007 is not noted to possibly have a thermal
component (i.e. to have a significant deviation from a single power-law) in the analysis
of Sparre & Starling (2012). However, this may not be surprising, since we find a
highly significant detection only in the first epoch and the signal may be washed
out over the rest of the burst. GRBs 060202, 060418, 061121, and 090424 are all
flagged as initial possible candidates in Sparre & Starling (2012), but are excluded
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Figure 3.2: Spectra for GRBs 061007 (time series A and B), 090424 (time series A and B),
061121 (time series B), 060418 (time series C) and 060202 (time series B) respectively. Left
panel shows the spectra including the residuals, right panel shows the unfolded spectra. For
GRBs 061007 and 090424 black lines show time series A, while grey lines show time series
B.
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from their final list for a variety of reasons. We examine these reasons below and
discuss why these GRBs have thermal components. GRBs 060202 and 061121 were
excluded because the significance of their detections was too sensitively dependent on
the column density used in the fits. For our analysis, we do not find that varying our
column density, which is based on a simultaneous fit of all the data, has a notable
effect on the statistical significance of the detection for these bursts. Within a 90%
c.l ∆χ2 varies with a maximum of 3, while the temperature for the blackbody fit
remains constant within errors. Furthermore it was noted that GRB061121 had
a high temperature and redshift. We do not include the temperature or redshift
attributes of the thermal components in our search criteria. GRB060418 was excluded
by Sparre & Starling (2012) because of strong flaring activity in the light curve. We do
not exclude flaring light curves in our analysis a priori since we fit the data with a Band
model as the underlying continuum and include the BAT data in our analysis where
it is available. Finally, GRB090424 was found to have a low statistical significance
in their time-sliced spectra. Our detection comes from a spectrum over a much wider
time range (333–5554s compared to 700–1000s) and hence has a far higher signal-to-
noise ratio.
We track the evolution of the temperature and luminosity of GRB090618 and find,
in the host galaxy rest-frame an apparent expansion with a best-fit speed of 10.5+9.5
−2.1×
1010 cms−1 (see Fig. 3.3). This is 3.5+3.0
−0.7 times the speed of light. We therefore
conclude that the thermal component in GRB090618 must be treated relativistically.
3.4 Origin of the thermal component
3.4.1 SN shock breakout
It has been suggested that the thermal emission found in previous GRB early after-
glows is due to a SN shock break-out from the stellar winds surrounding the pro-
genitor. While this may be a plausible model for low-luminosity systems, it seems
implausible that the very large luminosities discovered here could possibly be related
to a shock breakout from a SN. Models of SN shock breakouts confirm this (e.g. Li
2007). Typical values reported are 1047 ergs for the break-out energy and a black-
body temperature of 1 keV. This energy is lower than any we observe in the soft
X-ray thermal component. Even attempts to explain GRB060218’s thermal compo-
nent, (the lowest blackbody luminosity in our sample) with an asymmetric explosion
(Waxman et al. 2007) have been shown by Ghisellini et al. (2007a) to require a deal of
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Table 3.2: ∆χ2’s and probabilities for all time series of bursts where at least one series has
∆χ2≥ 25. (GRB060218 has been omitted).
Timea Nr.b Band χ2/d.o.f ∆χ2 Probability
GRB060202 (z = 0.783)
171.3 A 361.29/329 6.7 0.12
295.3 B 342.65/268 28 0.000068
684.1 C 370.49/342 6.4 0.13
GRB060418 (z = 1.489)
93.00 A 174.59/192 5.0 0.16
128.5 B 245.48/202 2.1 0.50
140.2 C 216.15/201 13 0.0078
171.9 D 240.63/211 34 < 5× 10−5
542.1 E 157.76/176 6.9 0.076
GRB061007 (z = 1.261)
94.22 A 340.71/316 36 < 3.3× 10−5
113.1 B 336.81/308 27 0.0016
139.5 C 379.37/319 11 0.10
181.1 D 356.18/317 4.0 0.56
251.8 E 330.56/316 8.1 0.21
372.8 F 330.56/315 12 0.070
612.8 G 387.64/316 14 0.041
1286 H 312.30/264 24 0.0033
GRB061121 (z = 1.314)
68.80 A 298.45/323 2.0 0.61
78.72 B 456.34/339 49 < 5× 10−5
102.6 C 257.15/235 4.1 0.27
371.3 D 228.59/194 20 0.0003
GRB090424 (z = 0.544)
165.0 A 387.76/305 21 0.0020
618.1 B 380.28/328 50 < 3.3× 10−5
GRB090618 (z = 0.54)
128.1 A 191.41/208 11 0.034
134.3 B 244.24/226 19 0.0045
140.8 C 255.60/241 27 0.00095
147.8 D 254.21/231 16 0.0074
155.6 E 234.05/214 5.7 0.21
165.1 F 214.43/208 6.6 0.16
178.3 G 200.51/185 1.3 0.83
200.9 H 253.39/233 29 0.00057
256.1 I 368.69/300 47 < 3.3× 10−5
GRB100621A (z = 0.542)
88.05 A 249.80/311 7.6 0.041
117.3 B 322.56/286 8.8 0.028
173.3 C 257.35/212 37 < 5× 10−5
a Mean time in seconds after BAT trigger time.
b Time series
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Figure 3.3: Expansion of the blackbody radius for GRB090618. The solid line shows the
best fit for a constant velocity (v = 3.5 c. For comparison a fit with an apparent velocity
equal to the speed of light (v = c, dot-dashed) is also shown, but does not fit the data well.
fine tuning. The fact that we obtain very large luminosities for both GRB061007 and
GRB061121 (about four orders of magnitude larger than GRB060218), but that the
properties of the extra component are not qualitatively dissimilar to previous thermal
components found, suggests strongly that not only is a SN shock break-out not the
origin in these cases, but it may not be in most other cases where this has been dis-
covered either. Soderberg et al. (2008) reported the case of possible shock breakout
in a SN without an accompanying GRB, SN2008D. It has also been suggested that
this was photospheric emission from a mildly relativistic jet (Mazzali et al. 2008).
The case has been throughly studied, (van der Horst et al. 2011; Gorosabel et al.
2010; Tanaka et al. 2009), but without conclusive results. With a total energy of
EX ≈ 2× 1046 ergs, this burst is consistent with what could be expected for a break-
out, and with the limited photon statistics we cannot distinguish the origin of the
emission using the spectra. For the GRBs though, we should look elsewhere for the
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origin of an apparently thermal component in the late prompt/early afterglow soft
X-ray emission.
3.4.2 Alternative models
While much progress has been made because of the afterglows of GRBs, the origin of,
and mechanism behind the prompt phase and early afterglow are still uncertain. Emis-
sion from a cocoon surrounding the jet has been proposed (e.g. Suzuki & Shigeyama
2013), but the model does not seem to explain the energies and expansion velocities
reported here.
The models traditionally used to model the high energy spectra, a cut-off power-
law or smoothly broken power-law (Band et al. 1993), are empirical and not strongly
motivated from a physical understanding of the emission process. The main part of the
radiation is often considered to be non-thermal, with high energy photons originating
from synchrotron and/or inverse Compton processes in the ultra-relativistic jet (e.g.
Tavani 1996; Cohen et al. 1997; Daigne et al. 2011)). However, based on the detection
of components in the prompt gamma-ray emission with a blackbody-like spectral
shape in addition to a power law (Ryde 2005), and on difficulties in reproducing
low energy spectral indices with synchrotron models (Crider et al. 1998), a trend has
been growing to attribute much of the prompt-phase emission to the photosphere
at the head of the ultra-relativistic jet (e.g. Pe’er et al. 2007a; Pe’er & Ryde 2010;
Lazzati et al. 2013). Such emission emerges from an optically thick plasma, generally
not in thermal equilibrium, producing a quasi-thermal spectrum (Ryde & Pe’er 2009).
Observationally, this high energy photospheric emission decays in luminosity and
temperature as a power-law in time (Ryde & Pe’er 2009). If that trend continues, it
is not unreasonable to suppose that it may appear at the end of the prompt phase in
soft X-rays as an apparently thermal component with high apparent luminosity and
temperature. Under this hypothesis, we can then model the excess component as late
photospheric emission.
Using eqs. 5 and 7 found in Pe’er et al. (2012) (modified to our parameters), we
can calculate the Lorentz factor and the photospheric radius:
rph = Rhostbb ×
γ
ξ (1 + z)2
γ = [(1 + z)2D2L
F obsbb σT
2mp c3Rhostbb
]1/4 × (Ltot/Lobsbb )1/4
Taking the model luminosities found for each time series we get values for the Lorentz
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factors, as seen in Table 3.1. These values should be corrected with a factor expressing
the ratio of the blackbody and total luminosity that is in the relevant burst epoch,
as the equation uses the values over the entire burst, but as the luminosity ratio is to
the power of 1/4, the correcting factor will be close to 1. We then use these values to
calculate the photospheric radii (also shown in Table 3.1), where ξ is a geometrical
factor close to one (we set ξ=1 exactly).
The Lorentz factors calculated here are asymptotic values, valid for the coasting
phase of the jet, so they should be similar to the values calculated from the prompt
phase emission. As seen in Table 3.1, the Lorentz factors we get are consistent with
the emission being late photospheric, with values between ten and several hundreds.
Another consistency check is apparent superluminal motion of the photospheric radii.
In order to look for this, we fitted the photospheric expansion assuming this to be
constant throughout. We checked all bursts with detections better than 2 σ in more
than one time series, using these for the fit. Fig. 3.4 shows fits for GRBs 090618 and
061007.
For GRB090618 we fit an apparent velocity of 111 c, which corresponds to 0.6+0.4
−0.2 c
in the jet frame using the calculated asymptotic Lorentz factor, consistent with a
relativistic expansion close to that Lorentz factor. For GRBs 061007 and 061121 the
fitted non-relativistic velocities are 93 c and 68 c respectively. However, using the
asymptotic Lorentz factors in this case yields jetframe velocities only a small fraction
of the speed of light. We conclude that for these bursts the jet has started to slow
down and expand, so the assumption of a constant Lorentz factor is no longer valid.
Our sample then includes all cases, both the jet coasting phase, with velocities near
the speed of light, as seen in GRB090618, the deceleration phase as seen for GRBs
061007 and 061121, and the case where the jet has slowed down completely, seen by
the constant radius (photospheric as well as simple blackbody) of GRBs 060418 and
090424.
In principle, the observed evolution of the thermal component in the soft X-ray
should be compatible with those observed at early times in the gamma-ray regime.
While we have only one GRB in our sample which has a reported prompt phase
gamma-ray thermal component, GRB061007 (see below), as reported by Ryde & Pe’er
(2009), the evolution in temperature and luminosity behaves consistently across bursts,
with an initial increase in value until a break occurs after a few seconds, and then
a decay with a power-law index between −4.5 and −0.8 for the luminosity and −1.3
and −0.3 for the temperature. Using the points we have from the bursts with good fit
over several time series to calculate power-law indices, we get values largely consistent
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Figure 3.4: Evolution of the photospheric radius for GRBs 090618 and 061007. The pho-
tospheric radii are derived from eqs. 5 and 7 in Pe’er et al. (2012). The solid lines show
the best fit for constant velocity. Only the velocity of GRB090618 is consistent with expan-
sion close to c in the jetframe using the calculated asymptotic Lorentz factor for the burst,
indicating a slowdown of the jet in the other bursts by the time of the XRT observations.
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with these for GRB061007, 090618, 061121, 090424 and 060218; luminosity: −0.2+0.2
−1.1,
−0.7+0.3
−1.9, −1.9+1.0−8.5, −0.8+0.6−0.6, and 0.7+0.2−0.6, and temperature: −1.0+0.5−1.0, −0.4+0.2−1.4 and
−0.8+0.4
−4.9, 0.04
+0.05
−0.04, and −0.12+0.18−0.03 respectively. As far as we are aware there is no
theoretical reason why these power-law decay trends necessarily have to continue in-
definitely, but the fact that our results for the luminosity and temperature decay rates
lie in the range observed from the gamma-ray prompt phase is encouraging for the
model.
GRB061007 is of special interest, since Larsson et al. (2011) find the prompt emis-
sion of this burst to be dominated by apparent thermal emission. They find that the
evolution in temperature and flux follow the light curve. By the time the XRT started
observing, the light curve is in constant decline, so the temperature and flux would
be expected to decay, as we find in our analysis of the XRT data. We cannot compare
decay indices, as Larsson et al. (2011) observe before the onset of the declining phase.
The thermal component started off very strong, accounting for about 75% of the total
luminosity. By the time of the XRT observation it has fallen to about 10% for the
first two time series, and then becomes too weak to be statistically significant.
A comparison of Lorentz factors is also instructive. Larsson et al. (2011) find val-
ues of ∼ 200− 600, which should be directly comparable to the asymptotic Lorentz
factors in our sample, for which we obtain similar values, between about 30 and 670
(see table 3.1), from our observations. For GRB061007, at XRT observation time, the
jet seems to be slowing down, but we still find apparent superluminal expansion of the
blackbody radius, which means that the Lorentz factor is still significant. Our pro-
posed model is furthermore supported by observations such as that of Axelsson et al.
(2012), who report a detection of prompt phase thermal emission for GRB110721A,
following the blackbody temperature all the way down to 4.9 keV.
With this interpretation, our discovery of highly luminous quasi-thermal compo-
nents in the soft X-ray emission allows the photospheric prompt emission model to
be explored at much later times and with the more sensitive narrow-field soft X-ray
instruments, and thus potentially with better statistics and spectral resolution than
has so far been the case.
3.5 Conclusions
We have examined a sample of the brightest Swift GRBs looking for thermal emission
in the XRT data. We find clear evidence for this emission in 8 out of 28 bursts,
with an indication that such emission exists in the majority of bursts. We track the
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temperatures and luminosities of these components over time. We find that several of
these thermal components are very luminous (three to four orders of magnitude more
luminous than the component in GRB060218) and the temperature is high. These
facts therefore make SN shock breakout an unlikely explanation in the generality of
GRB thermal components, since the components uncovered here are physically similar
to other thermal components discovered so far. We find that several of the components
have apparent superluminal expansion, indicating that they are clearly expanding
relativistically and use late photospheric emission from the jet as a physically well-
motivated theory, to allow us to determine Lorentz factors for the bursts. We find the
decay rates of the luminosity and temperatures as well as the Lorentz factors to be
compatible with values obtained elsewhere from prompt gamma-ray thermal emission.
This explanation links the emission observed in the prompt phase to that of later times
and is supported by the detection of superluminal motion and the observation that
the trends observed in the gamma-ray thermal emission reported extend to the soft
X-ray regime and may mark a crucial step in understanding the prompt/early phase
of GRB emission.
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Chapter 3 Thermal Emission in the Early X-ray Afterglows of GRBs: Following the
Prompt Phase to Late Times.
4Characterising the Environment
Having looked at the GRB itself, we now turn our attention to the environment in
which these bursts are found. Progress in studying the birth sites of GRBs is in large
part owed to afterglow follow-up programs providing spectroscopy and photometry of
the GRB afterglow and host. In this chapter, I will detail a number of the diagnostics
used on afterglow/host observations to characterise the burst environment. I will
end the chapter by using the results from one such follow-up program, namely the
X-shooter GRB program, to show some statistical properties of the homes of GRBs.
4.1 Voigt-Profile Fitting
One way to study the environment, is by characterising the absorption lines found
in GRB afterglow spectra. Since the GRB optical afterglow is often very bright,
it serves as a background source for lighting up the line-of-sight between the burst
and observer. The absorption lines from the gas will tell us, not only the redshift, see
Section 1.5.2.1, but also the relative abundances of the elements in that gas. Afterglow
photons pass through the gas, but are absorbed if their energy matches that of a
quantum mechanical transition of a atom/ion/molecule in the gas. The depth and
width of a resultant absorption line will depend upon a number of parameters that
together form what is known as a Voigt profile. Before I describe this profile, I will
go through its individual components.
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4.1.1 Oscillator strength
The oscillator strength, f , of the line, quantifies the intrinsic strength of the transition,
i.e. the strength of the line per excitation. It is given by:
fν = B12
hνmec
(2pie)2
, (4.1)
where c is the speed of light, h is Planck’s constant, ν is the frequency of the transition,
and me and e are the mass and charge of the electron. Here, B12 is the Einstein
coefficient giving the probability for a transition from energy state 1 to the higher
energy state 2.
4.1.2 Number density
The depth of the absorption line naturally also depends on how much absorbing
material is available. This is related to the optical depth at the given frequency,
which is found from the simple solution to the radiative transfer equation:
Iν(τν) = Iν(0)e−τν , (4.2)
where Iν(0) is the specific intensity before absorption and τν is the optical depth.
This solution is derived for the simplified case of a homogenous absorbing material
with no scattering. This is not necessarily a realistic assumption, but it provides an
analytical solution.
The optical depth is defined as:
τν(x) =
∫ x
x0
nσνdx = Nσν , (4.3)
where n is the number density of the absorbing material, which integrated over the
path x is given by the column density N , and the cross section σν at the transition
frequency ν.
4.1.3 Doppler broadening
Having now dealt with the depth of the line; intrinsic strength and strength in num-
bers, we turn to the main contributors for broadening the line. If the absorbing ma-
terial, here assumed to be identical atoms, are at rest with respect to each other, then
they will all absorb at the same frequency (though see the section below). However,
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atoms at a temperature T have a velocity distribution determined by the Maxwell–
Boltzmann distribution (assuming the gas is ideal) given by:
n(ν)dν = N
√
ma
2pikT
e−mav
2/2kT dν, (4.4)
where ma is the mass of the atom and k is the Boltzmann constant. If ν0 now is the
rest frequency for the transition in question, then photons will be absorbed that have
a frequency of:
ν = ν0(1± v/c), (4.5)
where v is the velocity of the atom. Solving for v we then get a distribution of
radiation around the centre frequency of:
I(ν) = I(0)e−mac
2(ν−ν0)
2/2kTν20 . (4.6)
Equation 4.6 is in the form of a Gaussian with a variance of:
σG =
√
kT
ma
ν0
c
. (4.7)
The full width at half maximum (FWHM ) of the line profile can then be found:
FWHM = 2
√
2 ln 2σG =
2ν0
c
√
2 ln 2
kT
ma
, (4.8)
in frequency space, or substituting back in velocity space:
FWHM = 2
√
2 ln 2
kT
ma
= 2
√
2 ln 2
b√
2
, (4.9)
where b is the Doppler broadening generally defined as:
b =
√
b2th + b
2
turb. (4.10)
Note that b can have a contribution from turbulent motion of the gas. So far we have
only dealt with thermal broadening. Turbulence is difficult to describe physically, and
usually we have to settle for solving for the total b-value.
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4.1.4 Natural broadening
Besides the classical Doppler broadening, the line also has an intrinsic quantum me-
chanical width due to the uncertainty principle; ∆E∆t ≥ ~/2. This dictates that the
energy difference between lower and upper state of the transition does not correspond
to one exact energy, but rather a range of energies ∆E. This results in a natural
broadening of the line determined by the Lorentz profile (Rybicki & Lightman 1979):
φν =
Γ
4pi2(ν − ν0)2 + (Γ/2)2 , (4.11)
where Γ is the quantum mechanical damping constant which is given by the sum of
probabilities for natural decay from each energy level in the transition. This profile
peaks at ν = ν0 which gives a profile maximum of φ(ν0) = 4/Γ. Half of that is
φHM = 2/Γ which we put back into Equation 4.11 to solve for the frequency at half
max:
ν1/2 = ν0 ± Γ/4pi => FWHM = Γ/2pi. (4.12)
Compared to a Gaussian profile, a Lorentz profile with the same area under the curve
has broader wings, as illustrated in Fig. 4.1.
4.1.5 Instrumental broadening
The last component we need is not related to the actual absorption line, but to
how we observe it. No spectrograph has infinite resolution, and hence the spectral
distribution observed is convolved with an instrumental point-spread function (PSF),
usually approximated by a Gaussian.
The spectral resolving power is defined as R=λ/∆λ, and is usually specified for
each instrument. However, under ideal conditions (good seeing), the actual resolution
is often higher, so for instruments such as X-shooter (see Section 4.6) we measure
the width of atmospheric lines. By using these telluric lines, which should not be
resolvable by X-shooter, we can rule out any other contribution to the broadening.
4.1.6 The Voigt profile
We now have all the components needed to describe the absorption line. The convo-
lution of a Doppler and Lorentz profile is known as a Voigt profile:
φν =
Γ
4pi2
∫ +∞
−∞
1
b
√
pi
e−(v/b)
2
[ν − ν0(1 + v/c)]2 + (Γ/4pi)2 dv, (4.13)
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Figure 4.1: Comparison of a Gaussian (blue) and Lorentzian (green) profile. Both distri-
butions have a mean of 0 and a variation of 1.
(Rybicki & Lightman 1979). This is often written in the compact form:
φν =
1
(∆νD)−1
√
pi
H(a, u), (4.14)
where ∆νD = b ν0/c is the Doppler width and H(a, u) is the Voigt function, given as:
H(a, u) =
a
pi
∫ +∞
−∞
e−y
2
dy
a2 + (u− y)2 , (4.15)
with a = Γ/4pi∆νD, y = v/b and u = (ν − ν0)/∆νD. We can express the optical
depth as:
τλ =
√
pie2
mec
Nfλ
b
H(a, u). (4.16)
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The central optical depth is given by H(a, u) = 1:
τc =
√
pie2
me
Nf
bν
. (4.17)
4.1.7 Determining column density
Now that we have a description of the absorption line, we can use this to determine
some physical parameters of the gas. One of the most interesting parameters is the
column density, N , i.e. the number of particles contained in a column with a surface
area of 1 cm2 and length along the full line-of-sight. In principle, all we need to do
is fit the absorption line(s), and solve for N and b. However, even relatively weak
lines (i.e. low f) can appear saturated (i.e. unable to appear any deeper despite the
column density being high enough) in low resolution spectroscopy. The lines weak
enough to avoid this could also be smeared out due to the instrumental broadening.
For low-resolution spectroscopy, rather than fitting to the Voigt profile, the column
density can be determined through the equivalent width, EW , of the absorption line.
This is defined as the width, in wavelength units, of a rectangular strip of the spectrum
having the same area as the absorption line, i.e.:
EWrest =
∫
Icont − I(λ)
Icont
dλ =
∫
1− e−τ(λ)dλ. (4.18)
Solving this, leads to the relationship between column density and EW known as the
curve of growth (CoG). A CoG for molecular hydrogen lines is displayed in Fig. 4.2.
It is divided into three segments that each have an approximate analytical solution,
so to determine N we need to identify where on the CoG the gas conditions put us.
Linear or weak regime
Optical thin region where τ0 < 1. The line is not saturated, either because f or N
is very low, or a combination of the two. The EW then gives a direct measure of N ,
EW ∝ N , independent on the value of b. The proportionality factor can be found by
Taylor expansion of Equation 4.18, and by using the numerical values we get:
N = 1.13× 1020 EW
λ2f
cm−2. (4.19)
Flat or saturated regime
As the optical depth nears and exceeds unity the line becomes saturated, and EW is
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Figure 4.2: Figure from Marggraf et al. (2004) showing the curve of growth for Lyman-
Werner transitions towards two sources in the Milky Way (EW = Wλ). The plot is nor-
malised by wavelength and oscillator strength, to easily show several transitions in the same
plot. J gives the quantum number for the excited state of the absorption line, and the three
curves illustrates the dependence on b in the saturated regime. The linear regime is below
log(Nfλ) ∼ 16, followed by the flat regime, and then the damping regime starts to the very
right of the plot.
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no longer useful to determine the column density. It is however possible to constrain
b, as seen in Fig. 4.2. In this regime, the line is predominantly Gaussian, and we can
use Equations 4.2, 4.6, and 4.9 to find τ , and then solve Equation 4.18 in the limit
where τ0, the optical depth at the central wavelength, exceeds 1. This leads to:
EWrest ∝ b
√
ln(τ0). (4.20)
Damping regime
At very high optical depth τ0 ≫ 1, the damping wings can be used to estimate N , as
more radiation is absorbed, so the wings are clearly visible, but unlike for the centre of
the line, this part is not saturated. In this regime, the natural broadening dominates
the wings, see also Fig. 4.1. We can hence treat the Gaussian contribution to the
Voigt profile as a δ function, and set τλ = NφLorentz(λ). Using the approximation
(λ − λ0) = ∆λ ≫ Γλ2/4pic2 ≡ β as the wings makes the line very broad, we can
expand τλ (Equation 4.11 and 4.16) to:
τλ ∼ pie
2λ2
mc2
Nfβ
1
∆λ2
. (4.21)
Plugging this into Equation 4.18, the integral solves as a gamma function, and we
get:
EW ∝
√
N. (4.22)
Note that while EW is not dependent on b in this regime, if b is large, N needs to be
very large for the damping wings to be dominated by natural broadening (i.e. for the
line to enter this regime).
Even if the spectral resolution is high, the line can still be saturated, simply
because the gas is optically thick to the exciting photons. If the line is in the damping
region, we can instead fit the Lorentz profile to the damping wing directly. If there
is doubt about whether a line is saturated or not, it is useful to fit more lines from
the same species. The line ratio should then correspond to that given by the intrinsic
strength f , if not one or more lines are saturated. If the line is saturated, a fit will
give a lower limit on N , as there will in reality have been more of the given species
of atoms or ions, but not enough photons to be absorbed. To get a reliable estimate
of both N and b, lines from more than one species can be simultaneously fit.
It is important to accurately determine the continuum level in the spectrum around
the line, otherwise the area of the line will be over- or underestimated. This is
especially tricky for lines such as Lyα, which is often completely saturated and has
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extensive damping wings. The continuum then needs to be estimated far from the
line to be sure it does not include the wing.
4.2 Fitting Emission Lines
In addition to absorption lines, afterglow spectra sometimes contain emission lines.
These are not stimulated emission, and are not related to the afterglow, but originate
from the host galaxy. Hence the gas associated with emission and absorption may be
entirely different components of the host.
Emission lines are less troublesome to fit, as they do not experience saturation
(although they could in principle be too bright for the instrument to handle). The
emission lines in GRB spectra are often broad due to the fact that they are composed
of emission from the entire host galaxy, which comprises several different gas clouds,
moving with respect to each other. For that reason all other contributions to the
broadening can be ignored, and the line can be fit with a Gaussian, and integrated to
find the total flux.
Note though, that while the instrumental PSF may be ignored for the line flux
itself, an accurate determination of the continuum is important. This can be done by
using the 2D spectrum, and fitting a PSF to regions free of features on both sides of
the line, which are then interpolated to find the PSF near the line. This PSF is then
subtracted around the line, and the 1D spectrum is extracted and fit with a Gaussian.
Emission lines are not only from the line-of-sight but from extended regions, and
hence we cannot calculate a column density. There are ways to determine abundances
from emission line fluxes though, which we will now examine.
4.3 Nebular-Line Diagnostics
It is possible to determine the electron temperature or density from the ratios of
certain nebular lines that are insensitive to one of these parameters. To determine
the temperature, lines with a large difference in upper energy level (and hence ∆E)
are compared, as the ratio will depend only weakly on density. Inversely, to determine
the density, lines from energy levels very close to each other are compared, as a change
in temperature (and hence a change in number of photons available to excite these
levels) will affect the line fluxes roughly the same way.
The electron temperature is a function of metallicity, as metals serve as the pri-
mary cooler of the gas, such that higher electron temperatures correspond to lower
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Figure 4.3: Figure from McGaugh (1991) showing the calibration of R23 as a metallicity
indicator. U¯ is the ionisation parameter.
metallicities. In astronomy, the most common set of lines observed that are directly
temperature dependent are the [O iii] λ4363 line, compared with for instance [O iii]
λ5007. This is referred to as the ’direct’ or ’Te’ method of determining metallic-
ity. Unfortunately the [O iii] λ4363 line is very weak, and is rarely observed, even
in metal-poor environments. Furthermore, temperature gradients within the nebula
may cause the metallicity estimate to be significantly off (e.g. Stasińska 2002, 2005).
Because of the weakness of [O iii] λ4363, empirical calibrations have been estab-
lished between the direct method and ratios using strong emission lines. Below I
briefly describe the three most commonly used. For reference, solar metallicity equals
12 + log(O/H) = 8.69.
4.3.1 R23
R23 refers to the ratio:
R23 ≡ [O ii]λ3727 + [O iii]λλ4959, 5007Hβ . (4.23)
The metallicity calibration of R23 has two branches of solutions. The degeneracy
is broken by using one (or both) of the ratios: [N ii]/Hα or [N ii]/[O ii]. Several
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calibrations are in use, one of the most common being from McGaugh (1991), which is
plotted in Fig. 4.3. This solution is divided into an upper branch for log(O/H)> −3.4:
12 + log(O/H) = 12− 2.939− 0.2x− 0.237x2 − 0.305x3 − 0.0283x4
− y(0.0047− 0.0221x− 0.102x2 − 0.0817x3 − 0.00717x4), (4.24)
and a lower branch log(O/H)< −3.9:
12+ log(O/H) = 12− 4.944+ 0.767x+0.602x2− y(0.29+ 0.332x− 0.331x2), (4.25)
where x = logR23 and y = log([O iii]λλ4959, 5007/[O ii]λ3727), and then a turnover
region in between. This calibration is based on theoretical models of H ii regions.
Other calibrations, for instance Pilyugin (2001) for dwarf irregular galaxies, are done
empirically through a comparison to the direct method.
4.3.2 O3N2
The O3N2 indicator is defined as:
O3N2 ≡ log [O ii]λ5007/Hβ
[N ii]λ6583/Hα
. (4.26)
A commonly used calibration is Pettini & Pagel (2004) who find:
12 + log(O/H) = 8.73− 0.32×O3N2, (4.27)
from a sample of 137 extragalactic H ii regions.
O3N2 has the advantage over R23 of not being degenerate with metallicity. Fur-
thermore it relies on ratios of emission lines which are close in wavelength, making it
less depending on a correct extinction correction. R23 is still more often used though,
as the [N ii]λ6583 line is weaker than the others, and has the longest wavelength, so
it is the first to be shifted out of the optical spectrum with increased redshift.
4.3.3 N2
N2 is the ratio:
N2 ≡ log [N ii]
Hα
. (4.28)
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Pettini & Pagel (2004) find a best linear fit of:
12 + log(O/H) = 8.90 + 0.57×N2, (4.29)
with only a very minor improvement when including higher order terms. N2 has the
same advantages and drawbacks as O3N2. Both are less sensitive to metallicity at
low [N ii]/Hα values, and should preferentially be used at metallicities approaching
solar.
Besides using one or more of these methods, results are reported from a simulta-
neous fit to all three, see e.g. Mannucci et al. (2011). This however, can complicate
the calibration issues, as discussed below.
4.3.4 Calibration issues
The calibrations given here for the three methods are by far not the only ones in
use. And as illustrated in Fig. 4.3 where the R23 solution is plotted for different
values of ionisation parameter, model predictions strongly depend on the assumed
physical parameters of the H ii regions. Furthermore models are for the most part
still limited to plane or spherical geometries and neglect to account for the possibility
of a clumpy gas distribution. Empirical calibrations fare little better however, as they
share the same bias mentioned above for the direct method, namely that temperature
gradients or fluctuations within the gas could mean that the determined electron-
temperature metallicity is significantly underestimated. On top of this, recombination
(free electrons recombining with ions which then quickly cascade to the ground state)
could contribute to the excitation of the lines, possibly even dominating the line ratio
at low enough temperatures.
Since all methods are affected by errors, we do not have a ’correct’ version to
calibrate against. Nebular-line diagnostics are therefore only useful for comparing
metallicities found by using the same method and calibration, as Kewley & Ellison
(2008) find that the errors are mainly systematic (for the theoretical calibrations at
least) and hence affect all measurements the same. They also supply conversions
between some of the most used calibrations, concluding that the discrepancy can
be as large as 0.7 dex. The metallicity we calculate is hence only relative to others
calculated by strong-line methods.
This large discrepancy makes nebular-line diagnostics an uncertain method for
measuring metallicity. Unfortunately, in many cases no alternative exists. In Chap-
ter 5 the simultaneous metallicity from absorption and emission lines is reported.
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But as argued, these two methods probe different physical regions, and may not be
expected to yield the same result.
4.4 Fitting the Stellar Population
GRB host galaxies can also be studied through photometry, by modelling the stellar
population. Stellar population synthesis modelling compares the spectrophotometric
observations with a grid of models over populations of stars having a range of different
physical conditions such as stellar ages and mass, specific star-formation rate (sSFR),
metallicity, and extinction, as well as the redshift.
A stellar population is modelled by integrating the contribution from the indi-
vidual stars in the population. If we want to model the spectral energy distribution
(SED) of a population of a certain age, mass and metallicity, we assume an initial
stellar mass function (IMF; see Section 4.4.1), and then use stellar evolutionary tracks
to follow the stars to a given age. A star’s evolutionary track is the movement with
time through the Hertzsprung-Russel diagram, i.e. the evolution of luminosity and
effective temperature (colour) of a star with a given mass and chemical composition.
Models of the stellar atmosphere are then used to calculate the bolometric luminosity,
i.e. the star’s SED. From the IMF and individual stellar models, we can then sum up
the contribution and get the total SED. Stellar population synthesis modelling then
fit the observed SED to a large range of these models with different inputs, to find
the best possible combination of physical parameters. An example of a best-fit model
to data is shown in Fig. 4.4.
One of the most widely used set of models today are those by Bruzual & Charlot
(2003). Like most other models, these are tested on stellar clusters within the Milky
Way and Magellanic Clouds, for which we know the physical parameters. Stellar
clusters provide a good test of stellar models, since all stars have the same age (as
recently cemented by Li et al. 2014) and are born from the same gas (i.e. have
same initial chemical composition), and hence the only variable governing the stellar
evolution is mass.
Below we take a deeper look at some of the more complicated in- and output
parameters of stellar population synthesis modelling.
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Figure 4.4: The result of modelling the stellar population of the host galaxy of
GRB121024A (see Chapter 5). Black points show the actual observed photometric mag-
nitudes, while the green points are equivalent magnitudes calculated from the model spectra
to fit the band-widths used for the observations.
4.4.1 The Initial Mass Function
The most important characteristic describing a star is its mass. The initial mass a star
is born with (i.e. the mass of the star as it enters the main-sequence and starts burning
hydrogen in the core), governs the further life of the star. The IMF is an empirical
function that describes the distribution of initial masses of a population of stars. This
is an important piece of information if we want to study collections of stars such as
stellar clusters or whole galaxies. It is also important for the theory of star formation,
as most stars form in clusters or groups. The exact form of the IMF, and whether
there exists a universal form is still very much a matter of debate. Theory predicts a
dependence on the environment, but up until recently observations seem to indicate
only a very small difference (though see for instance Cenarro et al. 2003; Treu et al.
2010). These observations are not of the IMF directly, but rather the distribution
of luminosity, i.e. the luminosity function as, unlike the stellar mass, this quantity
can actually be measured, provided that we know the distance to the star. We then
assume a relationship between the luminosity and mass, and use stellar models to
extrapolate back to the initial mass distribution. The IMF is usually expressed as a
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simple power law or series thereof, with a cut-off in mass both at the low and high
end.
To illustrate the importance of IMFs on physical parameters, we look at SFRs.
Section 4.5.2 explains how emission line fluxes can be used to estimate an SFR, fol-
lowing Kennicutt (1998). In that review, he assumes a Salpeter IMF for the SFR
relations. This was determined by Salpeter (1955) for stars in the Solar neighbour-
hood, and was for many years widely used. The Salpeter IMF is a power law with a
steep increase towards low masses on the form ξ(M) ∝ M−2.35, where ξ(M)∆M is
the number of stars with masses in the range M to M +∆M . It predicts the forma-
tion of numerous solar-mass (and below) stars, and only few stars of very high masses
(10–100M⊙). More recent work has shown that while the Salpeter function works
reasonably well at high masses, the IMF appears to be flatter at lower masses, and
actually starts to decrease as the masses decrease towards sub-stellar (brown dwarfs),
though the variations in IMFs over the Galaxy increase at low masses. Salpeter him-
self never observed stars with M < 0.1M⊙. Current functions include (among many
others) the Kroupa (Kroupa 2001) or Chabrier (Chabrier 2003) IMFs. These are
piecewise functions with different exponents for different mass intervals (the low mass
piece of Chabrier is a log-normal function). Some observations even seem to suggest
what is called a top-heavy IMF, meaning that there are actually more stars at high
mass (see e.g. Habergham et al. 2010). A comparison of a handful of IMFs can be
seen in Fig. 4.5.
To convert the SFRs of Kennicutt (1998) to newer IMFs, Salim et al. (2007) used
the Bruzual & Charlot (2003) models (see Section 4.4) to find conversion factors be-
tween the different functions. This relies on fitting the expected Hα luminosity for
populations with given SFRs, and comparing the results for the different IMFs. They
find a conversion factor of 1.58 between the Salpeter and Chabrier IMFs and 1.06
from Chabrier to Kroupa.
4.4.2 Age
The stars in a stellar population such as a galaxy do not all have the same age. Rather,
stars are formed continuously or in bursts as long as there is gas available. For the
modelling, the usual strategy to handle this, is to sum up single-age stellar populations
(often with a single metallicity to go with that age, although in theory there could be
metallicity gradients in the galaxy). When giving the age of the stellar population,
there is no one obvious choice of how to define an age parameter. One choice is to
give the luminosity-weighted mean stellar age, that is, the average age of the stars in
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Figure 4.5: Figure from Offner et al. (2014) showing different initial mass functions.
the population weighted by luminosity. This is not the most physically meaningful
parameter, as massive-young stars are more luminous and hence will dominate the
age, but it is directly connected to the SED.
One problem with determining the age, is the age/metallicity degeneracy. A higher
metallicity will make a star colder, but so will increasing the age. The associated
colour change cannot be disentangled by standard photometric observations. One
way to distinguish between the two is to compare the strength of Balmer lines, which
are sensitive to age, to the strength of emission lines from metals. This require
either spectral data or specific narrow-band photometry. Photometric observations
can detect a strong Balmer break however, see Section 1.5.2.3, which can rule out a
very young population, as the Balmer absorption line widths increase with stellar age
until about a few hundred Myr, where the stellar population is dominated by A type
stars.
Regarding metallicity, a further problem is the possibility of non-Solar relative
abundances, see Section 7.2.1. Different abundance ratios have yet to be implemented
in most models.
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4.4.3 Mass-loss
Stars lose mass through stellar winds and pulsation throughout their lives. Stellar
mass loss is a very critical part of the input models, as it impacts the colour by a
large amount. Despite this, it is one of the parameters that models handle extremely
badly, and hence it is often put in ’by hand’ from calibration of clusters. Specifically,
the contribution from thermally pulsing asymptotic giant branch (AGB) stars are
implemented very differently in different models, causing a large uncertainty (e.g.
Bruzual 2007; Conroy et al. 2009).
4.4.4 Gas and dust
A galaxy of course consists of more than stars. Non-baryonic matter is not going to
affect the SED, so we can ignore that, but gas and dust also interacts with light. Gas
is mainly ignored as it affects the spectra through lines that for the most part are
smeared out in the SED. Strong emission lines such as Hα will affect the magnitude,
and are part of the models. Dust is even more important, as it attenuates the light
from the stars, contributing to a change in the SED. To account for this an extinction
or attenuation curve is assumed. This contribution is explained in detail in Chapter 6.
It is worth noting that the subject of stellar evolution theory, despite being a
very fundamental part of astronomy, still has a lot of unsolved problems, and that
the different models available can give significantly different results. The uncertain-
ties on the resultant fit parameters are therefore large, especially when little other
information is available, so that the fit has many unknown parameters for a relatively
small data set.
4.5 Methods for Determining the Star Formation Rate
One of the parameters fitted in stellar population synthesis modelling is the SFR. This
can be determined through a range of indicators, some of the most used of which I
will go through here.
4.5.1 UV luminosity
The ultraviolet (UV) part of the SED is dominated by light from young, massive stars.
With the assumption of an IMF, the UV luminosity can hence, in principle, provide
a direct measure of the star-formation rate, provided that this has been constant on
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time-scales comparable to the life of these young stars. Kennicutt (1998) gives the
relation
SFR(M⊙ year−1) = 1.4× 10−28Lν(erg s−1Hz−1), (4.30)
assuming a Salpeter IMF and with Lν in the range 1500–2800Å.
The UV luminosity is a widely used method of determining the SFR, especially
at higher redshifts (z > 1) where the UV part of the spectrum is shifted into the
atmospheric window, and can hence be observed by ground-based telescopes. It is
also an appealing method for its simplicity, but suffers several drawbacks. First, as
we are probing the massive population of young stars, which in terms of numbers
is a minority of the population, the method is very sensitive to the extrapolation to
less massive stars, and hence the choice of IMF. Secondly, the UV part of the SED
is highly affected by dust, and the determined SFR is therefore very dependent on a
correct attenuation curve, as demonstrated in Chapter 7.
4.5.2 Emission line fluxes
Nebular recombination lines provide an indirect measure of the same young massive
stellar population through re-emission of the ionising photons emitted by these stars.
Only the most massive stars, M > 10M⊙, contribute significantly to the ionisation,
so the SFR measured is almost instantaneous. This however makes the method even
more dependent on the assumed IMF. One of the most observed lines is Hα, for which
Kennicutt (1998) gives the conversion (again for a Salpeter IMF):
SFR(M⊙ year−1) = 7.9× 10−42L(Hα)(erg s−1), (4.31)
assuming a Case B recombination at Te = 10, 000K. Case B recombination is for an
optically thick nebula, where the emitted photons from recombination to the ground
state of hydrogen are re-absorbed again by other hydrogen atoms. Similar relations
exists for other lines.
SFRs from recombination lines also suffers from uncertainties in dust extinction,
and furthermore assumes a low escape fraction for ionising photons. For a galaxy as
a whole, this is usually taken as a fairly good assumption, but for an individual H ii
region, the escape fraction can be high (see e.g. Hunter et al. 1993).
Hα is the most suitable recombination line to determine SFRs, as it is the least
affected by underlying stellar absorption. Weaker lines such as Hβ suffers from ab-
sorption, so that the line flux is not a representation of the ionising flux. Instead,
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forbidden lines have been used which are at shorter wavelengths than Hα, and are
hence redshifted out of the optical spectrum later, and can be used out to larger
distances.
The [O ii]λ3727 doublet is often used, as it has a short wavelength, while being
relatively bright. The luminosity of forbidden lines is not directly linked with the
ionising photons, and are sensitive to metallicity and ionisation conditions. [O ii]λ3727
has been shown to calibrate well with Hα, but the calculated SFR is still associated
with a large error. The Kennicutt (1998) relation is:
SFR(M⊙ year−1) = (1.4± 0.4)× 10−41L[O ii](erg s−1). (4.32)
SFRs from emission lines rely on a correct aperture correction and correct contin-
uum extraction, see Section 4.2.
4.5.3 FIR luminosity
SFRs are also being determined from far-infrared (FIR) luminosities. At these wave-
lengths the spectrum is dominated by dust emission (see Section 6.3). Star-forming
regions are usually dusty, and since the dust absorbs the most in UV, the FIR lumi-
nosity can be used to estimate the amount of light from young massive stars that has
been re-processed by dust. However, older stars also contribute to heating the dust.
Furthermore, not all the UV light is absorbed, and how much depend heavily on the
distribution and amount of dust in the observed system.
FIR SFRs are hence most useful when provided together with UV SFRs, in which
case both the escaping UV light and dust absorbed light is included. This has the
added advantage of not depending on an accurate extinction correction. Kennicutt
(1998) gives:
SFR(M⊙ year−1) = 4.5× 10−44LFIR(erg s−1), (4.33)
valid for starburst galaxies (and a Salpeter IMF). LFIR is the integrated luminosity
over the wavelength range 8–1000µm. The FIR SFR shares the dependance on IMF.
It has the disadvantage compared to the UV and optical lines, that less telescope time
is available to perform the observations, as it requires space-based telescopes, at least
out to a redshift where FIR is shifted into the sub-millimeter range. Furthermore, the
whole FIR range is rarely observed, so certain monochromatic luminosities are used
to represent the integrated range, see e.g. Lee et al. (2013).
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4.5.4 Radio Emission
Radio emission is correlated with star formation through thermal electrons in the H ii
regions emitting through bremsstrahlung, as well as from accelerated electrons within
SN shocks. Since SNe are the results of the death of massive (and hence not very old)
stars, they trace star formation. SFRs are determined from calibrations to the other
star-formation tracers, see for instance Heesen et al. (2014). Radio emission has the
advantage of not being absorbed by dust. However, it is difficult to perform radio
observations deep enough to detect ordinary star-forming galaxies outside of the local
Universe.
4.5.5 X-ray emission
In a few cases, X-ray emission has been used as an SFR indicator as well (e.g.
Watson et al. 2004). This depends on the galaxy having no active galactic nucleus
(AGN), as this otherwise dominates the emission. In the absence of an AGN, a large
amount of a galaxies’ X-rays originate from young stars, specifically X-ray binaries.
However, this method is little tested, and likely has a very large uncertainty, so I will
not go into further detail here.
4.6 The X-Shooter Sample
We will now look into the practical results of these diagnostics, by taking a look
at the sample from the dedicated X-shooter GRB program. The X-shooter is a
multi-wavelength, medium resolution spectrograph mounted on the VLT. It has 3
spectroscopic arms which provide spectroscopy from near UV to NIR simultaneously.
The ultimate goal of the GRB program is to produce a well-defined, homogeneous
sample of GRB afterglows. The current sample (as of December 31st, 2013), consists
of 58 afterglow observations. The sample is defined so that the GRBs targeted are easy
to observe, with Galactic absorption in the line-of-sight at AV ≤ 0.5mag, a visibility
above airmass (path length through the atmosphere) 2 for more than 60min and an
X-ray afterglow observation within 10min of the burst trigger. These criteria are
not related to the host conditions and should hence minimise any bias, but maximise
optical afterglow detections and redshift completeness.
Fig. 4.6 shows the number of bursts in the sample, those for which it is possible to
determine redshift and the number of metallicity and star-formation rates determined
from the X-shooter spectrum. The success rate for determining z is quite high, while
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Figure 4.6: Bar chart of the X-shooter GRB sample showing total burst size, number of
redshift determinations, number of metallicity determinations, and number of SFR deter-
minations. For redshift and metallicity it is marked how many determinations are from
absorption and emission lines respectively. Especially for the redshift determinations there
is an overlap, where z can be determined through both emission and absorption.
roughly one third of the bursts allow for a determination of metallicity either through
absorption or emission lines (depending on redshift), and similarly about one third of
the bursts have a well-determined star-formation rate determined from nebular line
fluxes.
One of the science goals of the X-shooter GRB program, is to study star-forming
galaxies across the Universe. Lines-of-sight towards GRBs are often observed to pass
through Damped Lyman-α absorbers (DLAs). These systems are characterised by a
column density of neutral hydrogen N(H i) > 2 × 1020, and for GRBs sight lines we
regularly observe a column density of about logN(H i) = 22, allowing us to trace the
reservoirs of the Universe’ neutral hydrogen, i.e. the material available to form stars,
out to large redshifts (five bursts in the sample have a redshift z > 4, with the highest
at z = 5.9). In order to use GRBs to study the evolution in SFR density, or the
metallicity bias, see Section 1.6.1 (though the absorption systems are, in some cases,
located at kpc distances from the GRB), we must have a high redshift completeness
88 Chapter 4 Characterising the Environment
at these large redshifts.
By examining the line-of-sight metallicity (i.e. in absorption), we may be able
to constrain any metallicity preference for the GRB environment. Fig. 4.7 shows a
comparison to QSO-DLA metallicity evolution with redshift. Though the statistics
are still poor, it appears that the GRBs trace environments with similar metallicities,
and have a potential to push metallicity detections out to a higher redshift than that
observed using quasars as background sources. In the figure, I have included X-shooter
data that are newer than 2013 (or older than the official start date of the sample), to
increase the sample size, as well as included two bursts not part of the official sample,
but observed because they were seen to be unusually bright or interesting. This
may introduce a small bias. At lower redshift metallicities are secured for the host
galaxies (i.e. not along the line-of-sight), from emission line diagnostics, as described
in Section 4.3.
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Figure 4.7: Absorption metallicity along the line of sight to quasars and GRBs. GRB
metallicities are marked with diamonds (except the two bursts not in the sample, which are
marked with pentagons), while QSO-DLAs are marked with bars giving the uncertainty, and
QSO-DLA upper and lower limits are marked with triangles. The QSO-DLA sample is taken
from Rafelski et al. (2012) and references therein, while the GRB data are from Friis et al.,
in prep. Metallicities determined from Fe lines have been increased with 0.3, to account for
dust depletion, see Section 6.6.4.
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The X-shooter GRB program has also more than doubled the number of molec-
ular hydrogen detections towards GRBs. For a discussion of this see Section 5.4.4,
where the detection towards GRB121024A is discussed. These detections expand
on those from QSO sight-lines, and hence might be used to test, for instance, the
relation between Cl i and H2 column densities (theoretically the two should be linked
through chemical reactions) reported by Balashev et al. (2015). For GRB121024A
(see Chapter 5) the non-detection of Cl i gives an upper limit of logN(Cl i) = 14.3,
which together with logN(H2) ∼ 19.8 fits with the relation found for QSOs. The
observations of GRB afterglows also offer a unique opportunity to study the dust
content of the burst environment, both through depletion line analysis, and through
the change in SED, see Chapters 6 and 7.
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Abstract We present the first reported case of the simultaneous metallicity
determination of a gamma-ray burst (GRB) host galaxy, from both afterglow absorp-
tion lines as well as strong emission-line diagnostics. Using spectroscopic and imag-
ing observations of the afterglow and host of the long-duration Swift GRB121024A at
z = 2.30, we give one of the most complete views of a GRB host/environment to date.
We observe a strong damped Lyα absorber (DLA) with a hydrogen column density of
logN(H i) = 21.88±0.10, H2 absorption in the Lyman-Werner bands (molecular frac-
tion of log(f)≈ −1.4; fourth solid detection of molecular hydrogen in a GRB-DLA),
the nebular emission lines Hα, Hβ, [O ii], [O iii] and [N ii], as well as metal absorption
lines. We find a GRB host galaxy that is highly star-forming (SFR∼ 40M⊙ yr−1),
with a dust-corrected metallicity along the line of sight of [Zn/H]corr = −0.6 ± 0.2
([O/H] ∼ −0.3 from emission lines), and a depletion factor [Zn/Fe]= 0.85±0.04. The
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molecular gas is separated by 400km s−1 (and 1–3 kpc) from the gas that is photo-
excited by the GRB. This implies a fairly massive host, in agreement with the derived
stellar mass of log(M∗/M⊙) = 9.9+0.2−0.3. We dissect the host galaxy by characterising
its molecular component, the excited gas, and the line-emitting star-forming regions.
The extinction curve for the line of sight is found to be unusually flat (RV ∼ 15).
We discuss the possibility of an anomalous grain size distributions. We furthermore
discuss the different metallicity determinations from both absorption and emission
lines, which gives consistent results for the line of sight to GRB121024A.
5.1 Introduction
The study of gamma-ray burst (GRB) afterglows has proven to be a powerful tool
for detailed studies of the interstellar medium (ISM) of star-forming galaxies, out to
high redshifts (e.g. Vreeswijk et al. 2004; Prochaska et al. 2007; Ledoux et al. 2009;
Sparre et al. 2014). With quickly fading emission spanning the entire electromag-
netic spectrum, GRB afterglows offer a unique opportunity to probe the surrounding
environment. The intrinsic spectrum of the afterglow is well fitted with simple power-
law segments, so the imprints of the intergalactic medium (IGM) as well as the ISM
surrounding the burst are relatively easy to distinguish from the afterglow in the
observed spectrum. Moreover, with absorption and emission-line analysis it is possi-
ble to determine parameters such as H i column density, metallicity, dust depletion,
star-formation rate (SFR) and kinematics of the GRB host galaxy.
Metallicity is a fundamental parameter for characterising a galaxy and it holds
important information about its history. Metallicity might also play a crucial role
in the GRB production mechanism. For GRB hosts, the metallicity is measured ei-
ther from hydrogen and metal absorption lines, or by using diagnostics based on the
fluxes of strong nebular emission lines, calibrated in the local Universe. Different
calibrations are in use leading to some discrepancy (e.g. Kudritzki et al. 2012), and
the different diagnostics have their strengths and weaknesses (e.g. less sensitive to
reddening, multiple solutions, or more sensitive at high metallicities). The absorption
lines probe the ISM along the line of sight, while the nebular line diagnostics deter-
mine the integrated metallicity of the H ii regions of the host. For GRB damped Lyα
absorbers (GRB-DLAs, N(H i)> 2 × 1020 cm−2 Wolfe et al. 2005), a direct compar-
ison of metallicity from the two methods is interesting because it can either provide
a test of the strong-line methods or alternatively allow a measurement of a possi-
ble offset in abundances in H ii regions and in the ISM. So far, this comparison has
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only been carried out for a few galaxy counterparts of DLAs found in the line of
sight of background QSOs (QSO-DLAs, e.g. Bowen et al. 2005; Péroux et al. 2012;
Noterdaeme et al. 2012; Fynbo et al. 2013; Jorgenson & Wolfe 2014). To our knowl-
edge, a comparison for GRB-DLAs has not been reported before. For both emission
and absorption measurements to be feasible with current instrumentation, the ob-
served host needs to be highly star-forming, to have strong nebular lines, and at the
same time be at a redshift high enough for the Lyα transition to be observed (at
redshifts higher than z ≈ 1.5 the Lyα absorption line is redshifted into the atmo-
spheric transmission window). GRB121024A is a z = 2.30 burst hosted by a highly
star-forming galaxy. We measure abundances of the GRB host galaxy in absorption
and compare them with the metallicity determined by strong-line diagnostics using
observed nebular lines from [O ii], [O iii], [N ii] and the Balmer emission lines.
Apart from the absorption features from metal lines, we also detect the Lyman-
Werner bands of molecular hydrogen. Molecular hydrogen is hard to detect in ab-
sorption, because it requires high S/N and mid-high resolution. As long duration
GRBs (tobs > 2 s) are thought to be associated with the death of massive stars (e.g.
Hjorth et al. 2003; Stanek et al. 2003; Sparre et al. 2011; Cano 2013; Schulze et al.
2014), they are expected to be found near regions of active star formation, and hence
molecular clouds. In spite of this, there are very few detections of molecular absorption
towards GRBs (see e. g. Tumlinson et al. 2007). Ledoux et al. (2009) found that this
is likely due to the low metallicities found in the systems observed with high resolution
spectrographs (R = λ/∆λ & 40000). Typically, mid/high-resolution spectroscopy at
a sufficient S/N is only possible for the brighter sources. As is the case for QSO-
DLAs, lines of sight with H2 detections will preferentially be metal-rich and dusty.
The observed spectra are therefore UV-faint and difficult to observe (GRB080607 is
a striking exception, where observations were possible thanks to its extraordinarily
intrinsic luminosity and rapid spectroscopy, see Prochaska et al. 2009). Now with
X-shooter (Vernet et al. 2011) on the Very Large Telescope (VLT) we are starting to
secure spectra with sufficient resolution to detect H2 for fainter systems resulting in
additional detections (Krühler et al. 2013; D’Elia et al. 2014).
Throughout this paper we adopt a flat ΛCDM cosmology with H0 = 71km s−1
and ΩM = 0.27, and report 1 σ errors (3 σ limits), unless otherwise indicated. Refer-
ence solar abundances are taken from Asplund et al. (2009), where either photospheric
or meteoritic values (or their average) are chosen according to the recommendations
of Lodders et al. (2009). Column densities are in cm−2. In Sect. 5.2 we describe the
data and data reduction used in this paper, in Sect. 5.3 we present the data analysis
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Table 5.1: X-shooter observations
tobs (UT)a tGRB (min)b texp. (s) Mean Airmass Seeing
04:47:01 116 600 1.23 0′′.6-0′′.7
04:58:35 127 600 1.19 0′′.6-0′′.7
05:10:12 139 600 1.16 0′′.6-0′′.7
05:21:46 151 600 1.13 0′′.6-0′′.7
a Start time of observation on October 24, 2012.
b Mid-exposure time in seconds since GRB trigger.
and results, which are then discussed in Sect. 5.4.
5.2 Observations and Data Reduction
On 2012 October 24 at 02:56:12 UT the Burst Alert Telescope (BAT, Barthelmy et al.
2005) onboard the Swift satellite (Gehrels et al. 2004) triggered on GRB121024A.
The X-Ray Telescope (XRT) started observing the field at 02:57:45 UT, 93 seconds
after the BAT trigger. About one minute after the trigger, Skynet observed the
field with the PROMPT telescopes located at CTIO in Chile and the 16” Dolomites
Astronomical Observatory telescope (DAO) in Italy (Reichart et al. 2005) in filters
g′, r′, i′, z′ and BRi. Approximately 1.8 hours later, spectroscopic afterglow mea-
surements in the wavelength range of 3000Å to 25 000Å were acquired (at 04:45
UT), using the cross-dispersed, echelle spectrograph X-shooter (Vernet et al. 2011)
mounted at ESO’s VLT. Then at 05:53 UT, 3 hours after the burst, the Gamma-
Ray burst Optical/NIR Detector (GROND, Greiner et al. 2007, 2008) mounted on
the 2.2 m MPG/ESO telescope at La Silla Observatory (Chile), performed follow-up
optical/NIR photometry simultaneously in g′, r′, i′, z′ and JHK. About one year
later (2013 November 07), VLT/HAWK-I imaging of the host was acquired in the J
(07:02:13 UT) and K (06:06:47 UT) band. To supplement these, B, R and i band
imaging was obtained at the Nordic Optical Telescope (NOT) at 2014 January 06
(i) and February 10 (R) and 19 (B). Gran Telescopio Canarias (GTC) observations
in the g and z band were optioned on 2014 February 28. For an overview see Ta-
bles 5.1, 5.2 and 5.3. Linear and circular polarisation measurements for the optical
afterglow of GRB121024A have been reported in Wiersema et al. (2014).
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Table 5.2: X-shooter resolution
Arm Slit R=λ/∆λ
NIR 0′′.9 6800
VIS 0′′.9 13000
UVB 1′′.0 7100
5.2.1 X-shooter NIR/Optical/UV Spectroscopy
The X-shooter observation consists of four nodded exposures with exposure times of
600 s each, taken simultaneously by the ultraviolet/blue (UVB), visible (VIS) and
near-infrared (NIR) arms. The average airmass was 1.18 with a median seeing of
∼0′′.7. The spectroscopy was performed with slit-widths of 1′′.0, 0′′.9 and 0′′.9 in the
UVB, VIS and NIR arms, respectively. The resolving power R = λ/∆λ is determined
from telluric lines to be R = 13000 for the VIS arm. This is better than the nominal
value due to the very good seeing. Following Fynbo et al. (2011a) we then infer
R = 7100 and R = 6800 for the UVB and NIR arms, see Table 5.2 for an overview.
X-shooter data were reduced with the ESO/X-shooter pipeline version 2.2.0 (Goldoni et al.
2006), rectifying the data on an output grid with a dispersion of 0.15Å/pixel in the
UVB, 0.13Å/pixel in the VIS and 0.5Å/pixel in the NIR arm. The wavelength
solution was obtained against arc-lamp frames in each arm. Flux-calibration was
performed against the spectrophotometric standard GD71 observed during the same
night. We further correct the flux-calibrated spectra for slit-losses by integrating
over filter curves from GROND photometry shifted to X-shooter observation times
(assuming a slope of α = 0.8). For the UVB arm, only the g′ band photometry is
available, which covers the DLA (see Sect. 5.3.1), making this calibration less secure.
Wavelengths are plotted in vacuum and corrected for heliocentric motion.
5.2.2 NOT, GTC and VLT/HAWK-I imaging
To derive physical parameters of the host of GRB121024A via stellar population
synthesis modelling, we obtained late-time photometry from VLT/HAWK-I, NOT
and GTC. Exposure times and seeing can be found in Table 5.3.
J and K band images were observed with HAWK-I on the Yepun (VLT-UT4)
telescope at the ESO Paranal Observatory in Chile. HAWK-I is a near-infrared imager
with a pixel scale of 0′′.106/pix and a total field of view of 7′.5 × 7′.5. B, R and i
images were obtained with the ALFOSC optical camera on the NOT. The photometric
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Table 5.3: Photometric Observations
Instrument Timea Filter Exp. time (s) Seeing Mag. (Vega)
MPG/GROND 3.0 h g′ 284 1′′.55 20.79± 0.07
MPG/GROND 3.0 h r′ 284 1′′.40 19.53± 0.05
MPG/GROND 3.0 h i′ 284 1′′.26 19.05± 0.07
MPG/GROND 3.0 h z′ 284 1′′.39 18.66± 0.08
MPG/GROND 3.0 h J 480 1′′.36 17.84± 0.09
MPG/GROND 3.0 h H 480 1′′.29 16.98± 0.10
MPG/GROND 3.0 h Ks 480 1′′.21 16.07± 0.11
VLT/HAWK-I 355.2 d J 240× 10 0′′.6 22.4± 0.1
VLT/HAWK-I 355.1 d K 240× 10 0′′.5 20.8± 0.2
NOT/ALFOSC 483.9 d B 5× 480 1′′.3 24.2± 0.2
NOT/ALFOSC 475.0 d R 9× 265 1′′.1 23.8± 0.3
NOT/ALFOSC 440.0 d i 9× 330 0′′.9 23.8± 0.3
GTC/OSIRIS 491.3 d g′ 3× 250 1′′.6 24.9± 0.1
GTC/OSIRIS 491.3 d z′ 10× 75 1′′.4 23.2± 0.3
a Time since the GRB trigger (observer’s time frame).
For the afterglow measurements time is given in hours, while for the host galaxy, it
is shown in days.
calibration was carried out by observing the standard star GD71 at a similar airmass
to the GRB field. g′ and z′-band host galaxy images were taken with the 10.4m GTC.
The images were acquired with the OSIRIS instrument which provides an unvignetted
field of view of 7′.8×7′.8 and a pixel scale of 0′′.25/pix (Cepa et al. 2000). Images were
taken following a dithering pattern. The z′-band images were defringed by subtracting
an interference pattern which was constructed based on the dithered individual frames.
The photometric calibration was carried out by observing the standard star SA95-193
(Smith et al. 2002). NOT and GTC are located at the observatory of Roque de los
Muchachos, La Palma, Spain.
All images were dark-subtracted and flat-fielded using IRAF standard routines.
5.2.3 GROND and Skynet Photometry
GROND data was reduced using standard IRAF tasks (Tody 1997; Krühler et al.
2008). The afterglow image was fitted using a general point spread function (PSF)
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model obtained from bright stars in the field. The optical images in g′, r′, i′, z′
were calibrated against standard stars in the SDSS catalogue, with an accuracy of
±0.03mag. The NIR magnitudes were calibrated using stars of the 2MASS catalogue,
with an accuracy of ±0.05mag. Skynet obtained images of the field of GRB121024A
on 2012 October 24-25 with four 16′′ telescopes of the PROMPT array at CTIO,
Chile, and the 16′′ DAO in Italy. Exposures ranging from 5 to 160 s were obtained in
the BV RI (PROMPT) and g′, r′, i′ (DAO) bands, starting at 02:57:07UT (t = 55 s
since the GRB trigger) and continuing until t = 7.3h on the first night, and continuing
from t = 20.7−25.5h on the second night. Bias subtraction and flat-fielding were per-
formed via Skynet’s automated pipeline. Post-processing occurred in Skynet’s guided
analysis pipeline, using both custom and IRAF-derived algorithms. Differential aper-
ture photometry was performed on single and stacked images, with effective exposure
times of 5 s to 20min on the first night, and up to ∼4 h on the second night. Photom-
etry was calibrated to the catalogued B, V, g′, r′, i′ magnitudes of five APASS DR7
stars in the field, with g′, r′, i′ magnitudes transformed to RI using transformations
obtained from prior observations of Landoldt stars (Henden, A. et al., in preparation).
The Skynet magnitudes can be seen in Appendix 5.5.1.
5.3 Analysis and Results
5.3.1 Absorption Lines
The most prominent absorption feature is the Lyα line. We plot the spectral region in
Fig. 5.1. Over-plotted is a Voigt-profile fit to the strong Lyα absorption line yielding
logN(H i) = 21.88 ± 0.10. The error takes into account the noise in the spectrum,
the error on the continuum placement and background subtraction at the core of the
saturated lines. Tables 4a and 4b shows the metal absorption lines identified in the
spectrum.
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Figure 5.1: The UVB spectrum centred on the damped Lyα absorption line at the GRB
host galaxy redshift. For clarity purposes, the spectrum has been smoothed with a me-
dian filter with a sliding window width of 3 pixels. A neutral hydrogen column density fit
(logN(H I) = 21.88 ± 0.10) to the damped Lyα line is shown with a solid line (red), while
the 1σ errors are shown with the shaded area (also red). In blue is shown the velocity range
of the metal absorption lines. The dashed line shows the continuum placement, while the
grey line near the bottom shows the error spectrum.
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Table 4a: Ionic column densities of the individual components of the line profile. The transitions used to derive column densities are
reported in the second column. Transitions marked in bold are those unblended and unsaturated lines that we use to determine the
line-profile decomposition. Velocities given are with respect to the [O iii] λ5007 line (z = 2.3015). (b) / (s) indicate that the line is
blended / saturated. The error on the redshifts of each component is 0.0001
Component Transition a b c d e
z — 2.2981 2.2989 2.3017 2.3023 2.3026
b (km s−1) — 26 21 20 22 35
v (km s−1) — −264 −191 64 118 145
log(N)
Mg i λ1827, λ2026(b) 13.97± 0.05 13.57± 0.05 < 13.4 13.57± 0.07 < 13.4
Al iii λ1854(s), λ1862(s) — — — — —
Si ii λ1808(s) — — — — —
S ii λ1253(s) — — — — —
Ca ii λ3934, λ3969 13.25± 0.16a 12.50± 0.16b 12.20± 0.16 11.90± 0.16 11.20± 0.16
Cr ii λ2056, λ2062(b), λ2066 13.47± 0.05 13.48± 0.05 13.39± 0.05 13.67± 0.05 13.34± 0.09
Mn ii λ2576, λ2594, λ2606 13.15± 0.05 13.07± 0.05 12.71± 0.05 13.21± 0.05 12.93± 0.05
Fe ii λ1611, λ2260, λ2249 15.15± 0.05 15.09± 0.05 14.81± 0.05 15.27± 0.05 15.12± 0.05
Ni ii λ1345, λ1454, λ1467.3, λ1467.8, λ1709 13.91± 0.10 13.88± 0.10 13.95± 0.09 14.17± 0.10 13.73± 0.29
Zn ii λ2026(b), λ2062(b) 13.14± 0.05 13.05± 0.05 12.50± 0.08 13.40± 0.05 12.19± 0.40
a redshift: 2.2979, b-value: 30 km s−1, see main text
b redshift: 2.2989, b-value: 23 kms−1, –
c redshift: 2.2979, b-value: 20 km s−1, –
d redshift: 2.2987, b-value: 30 km s−1, –
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Table 4b: Same as for Table 4a, but for excited levels.
Component α β
z — 2.2981 2.2989
b (km s−1) — 28 30
v (km s−1) — −264 −191
log(N)
Fe ii* λ2389, λ2396(b) 13.25± 0.05 13.16± 0.05
Fe ii** λ2396(b), λ2405(b), λ2607 12.92± 0.05 12.80± 0.05
Fe ii*** λ2405(b), λ2407, λ2411(b) 12.63± 0.05 12.58± 0.07
Fe ii**** λ2411(b), λ2414, λ2622 12.53± 0.06 12.61± 0.05
Fe ii***** λ1559, λ2360 13.95± 0.08 13.68± 0.13
Ni ii** λ2166, λ2217, λ2223 13.43± 0.05 13.47± 0.05
Si ii* λ1309, λ1533, λ1816a 14.98± 0.11c 14.39± 0.05d
a The column density of the α component of Si ii* has been determined solely from
the λ 1816 line.
To determine the ionic column densities of the metals, we model the identified
absorption lines with a number of Voigt-profile components, as follows. We use the
Voigt-profile fitting software VPFIT1 version 9.5 to model the absorption lines. We
first normalise the spectrum around each line, fitting featureless regions with zero- or
first-order polynomials. To remove the contribution of atmospheric absorption lines
from our Voigt-profile fit, we compare the observed spectra to a synthetic telluric spec-
trum. This telluric spectrum was created following Smette et al. (2010) as described
by De Cia et al. (2012) and assuming a precipitable water-vapour column of 2.5mm.
We systematically reject from the fit the spectral regions affected by telluric features
at a level of > 1 per cent2. None of the absorption lines that we include are severely
affected by telluric lines. The resulting column densities are listed in Tables 4a, 4b
and 5.5 for lines arising from ground-state and excited levels, respectively. We report
formal 1-σ errors from the Voigt-profile fitting. We note that these do not include the
uncertainty on the continuum normalisation, which can be dominant for weak lines
(see e.g. De Cia et al. 2012). We hence adopt a minimum error of 0.05dex to account
for this uncertainty. The error on the redshifts of each component is 0.0001. The
Voigt-profile fits to the metal lines are shown in Figs. 5.2 and 5.3.
1http://www.ast.cam.ac.uk/~rfc/vpfit.html
2This procedure does not aim at reproducing the observed telluric spectrum, but simply reject
suspect telluric lines from the Voigt-profile fit.
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Table 5.5: Total column densities (summed among individual velocity components and including excited levels) and abundances with
respect to H and Fe.
Ion log(N/cm−2)tot log(N/cm−2)a+b log(N/cm−2)c+d+e [X/H]tot [X/Fe] [X/Fe]a+b [X/Fe]c+d+e
H i 21.88± 0.10 — — — — — —
Mg i < 14.31 14.11± 0.03 < 13.86 — — — —
Al iii > 14.11 — — — — — —
Si ii > 16.35 — — > −1.0 > 0.53 — —
S ii > 15.90 — — > −1.1 > 0.46 — —
Ca ii 13.37± 0.12 13.32± 0.13a 12.40± 0.12 −2.9± 0.2 −1.29± 0.13 −0.97± 0.14a −2.02± 0.11
Cr ii 14.18± 0.03 13.78± 0.04 13.97± 0.03 −1.3± 0.1 0.22± 0.05 0.18± 0.05 0.24± 0.04
Mn ii 13.74± 0.03 13.41± 0.04 13.47± 0.03 −1.6± 0.1 −0.01± 0.05 0.03± 0.05 −0.04± 0.04
Fe ii 15.82± 0.05 15.45± 0.05 15.58± 0.03 −1.6± 0.1 — — —
Ni ii 14.70± 0.06 14.33± 0.05 14.47± 0.06 −1.4± 0.1 0.17± 0.08 0.02± 0.08 0.16± 0.06
Zn ii 13.74± 0.03 13.40± 0.03 13.47± 0.04 −0.7± 0.1 0.85± 0.06 0.88± 0.05 0.83± 0.05
aDifferent a and b broadening parameter and redshift for Ca ii, see Sect. 5.3.1
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The fit to the absorption lines from ground-state levels is composed of five com-
ponents (a-e). We consider the redshift of the [O iii] λ5007 emission-line centroid
z = 2.3015, as the reference zero-velocity. Components ’a’ through ’e’ are shifted
−264, −191, 64, 118 and 145 kms−1, respectively. Given the resolution of the instru-
ment of 23 km s−1 (VIS arm), the individual components are blended, and therefore
the profile decomposition is not unequivocal. However, regardless of the properties
(and numbers) of the individual components, they are clearly divided into two well
separated groups: a+b and c+d+e. When forcing more components to the fit of each
group, the resultant total column density are consistent with the previous estimate
for each of the two groups. We stress that the resultant b-values are not physical,
but likely a combination of smaller unresolved components. First we determine red-
shift z and broadening parameter b (purely turbulent broadening) of the individual
components of the line profile, by considering only a master-sample of unblended and
unsaturated lines (shown in bold in Table 4a), with b and z tied among transitions
of different ions. Values for z and b were then frozen for the rest of the absorption
lines, and the column densities were fitted. We report 3-σ lower and upper limits
for the saturated and undetected components, respectively. For the saturated lines
Al iii, Si ii and S ii we do not report column densities from the Voigt-profile fit, but
instead from the measured equivalent widths (EWs), converted to column densities
assuming a linear regime. For these, we only report the total column density for all
the components together.
At the H i column density that we observe, we expect most elements to be pre-
dominantly in their singly ionised state (Wolfe et al. 2005). We hence expect much
of the Mg to be in Mg ii (for this reason we do not report the abundance of Mg i
in Table 5.5). Ca ii seems to have a different velocity composition than the rest of
the lines. One possibility is that Ca ii may extend to a slightly different gas phase,
as its ionisation potential is the lowest among the observed lines (less than 1Ryd =
13.6 eV). Alternatively, since the Ca ii lines are located in the NIR arm, a small shift
in the wavelength solution with respect to the VIS arm could cause the observed dif-
ference. However, a positive comparison between the observed and synthetic telluric
lines rules out any shift in the wavelength calibration. We have allowed z and b to
have different values for the two Ca ii lines. This resulted in a slightly different a+b
component, but the same c+d+e component as for the rest of the sample.
The fine-structure lines show a different velocity profile composed only of two
components, α and β, see Table 4b. The redshift of α and β are the same as for
component a and b found for the resonance lines (but different broadening parame-
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Figure 5.2: Velocity profiles of the metal resonance lines. Black lines show the normalised
spectrum, with the associated error indicated by the dashed line at the bottom. The Voigt-
profile fit to the lines is marked by the red line, while the single components of the fit are
displayed in several colours (vertical dotted lines mark the centre of each component). The
decomposition of the line-profile was derived by modelling only the underlined transitions.
The oscillator strength ’f’, is labelled in each panel. Saturated lines have not been fitted
with a Voigt-profile, so for these we show only the spectrum. See online version for colours.
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Figure 5.3: The same as Fig. 5.2, but for fine-structure lines. Telluric features are high-
lighted in yellow.
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ters). Remarkably, no fine-structure lines are detected at the position of components
c+d+e. The Si ii* lines are poorly fitted when tied together with the rest of the
fine-structure lines, so we allow their z and b values to vary freely. These components
are then referred to as γ and δ, which are quite similar to components α and β,
respectively, see Fig. 5.2. The column density for component γ of the stronger Si ii*
line appears strongly saturated, so only the λ1816 line has been used to determine
the column density in this component.
The total ionic column densities (summed over individual components and includ-
ing excited levels when necessary) are given in Table 5.5. We also report the column
densities of the groups of component a+b and c+d+e, which are well resolved from
each other, unlike the individual components. Our first metallicity estimate is from
Zn, as this element is usually not heavily depleted into dust (see e.g. Pettini et al.
1994). We derive [Zn/H]=−0.7± 0.1 (the other non-refractory elements Si and S are
saturated, but the limits we find are consistent). This is in agreement with the value
reported in Cucchiara et al. (2015a).
We note that high ionisation lines from Si iv as well as C iv are detected, but are
highly saturated, see Fig. 5.4.
5.3.2 Dust Depletion
Refractory elements, such as Fe, Ni, and Cr, can be heavily depleted into dust grains
(e.g. Savage & Sembach 1996; Ledoux et al. 2002, De Cia et al. in prep.), and thus can
be missing from the gas-phase abundances. A first indicator of the level of depletion
in the ISM is the relative abundance [Zn/Fe] (referred to as the depletion factor),
because Zn is marginally if not at all depleted into dust grains, and its nucleosynthesis
traces Fe. We measure [Zn/Fe] = 0.85 ± 0.06. This value is among the highest for
QSO-DLAs, but typical at the observed metallicity of [Zn/H] = −0.7 ± 0.1 (e.g.
Noterdaeme et al. 2008, De Cia et al. in prep.). Following De Cia et al. (2013) we
calculate a column density of Fe in dust-phase of logN(Fe)dust = 16.74 ± 0.17 and
a dust-corrected metallicity of [Zn/H]corr = −0.6 ± 0.2, indicating that even Zn is
mildly depleted in this absorber, by ∼ 0.1dex. This is not surprising given the level
of depletion, as also discussed by Jenkins (2009).
We also compare the observed abundances of a variety of metals (namely Zn,
S, Si, Mn, Cr, Fe, and Ni) to the depletion patterns of a warm halo (H), warm
disk+halo (DH), warm disk (WD) and cool disk (CD) types of environments, as
defined in Savage & Sembach (1996). These are fixed depletion patterns observed in
the Galaxy and calculated assuming that Zn is not depleted into dust grains. We
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Figure 5.4: High ionisation lines. These lines are highly saturated. See Fig. 5.2 for details.
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fit the observed abundances to the depletion patterns using the method described
in Savaglio (2001). We find that none of the environments are completely suitable
to describe the observed abundances. The fits to cool- and warm-disk patterns are
displayed in Fig. 5.5 (χ2ν=1.18 and 1.58, respectively, with 4 degrees of freedom). For
the cool disk the lower limit on the Si column density is not very well reproduced,
while the fit for the warm disk overestimates the Mn abundance. The real scenario
could be somewhere in between these two environments. Alternatively, the actual
depletion pattern is different than what has been observed by Savage & Sembach
(1996), or there are some nucleosynthesis effects which we cannot constrain for our
case.
Another quantity that is very useful to derive from the observed dust depletion is
the dust-to-metals ratio (DTM, normalised by the Galactic value). Constraining the
DTM distribution on a variety of environments can indeed shed light on the origin
of dust (e.g. Mattsson et al. 2014). Based on the observed [Zn/Fe] and following
De Cia et al. (2013), we calculate DTM = 1.01±0.03, i.e. consistent with the Galaxy.
From the depletion-pattern fit described above we derive similar, although somewhat
smaller, DTM = 0.84± 0.02 (CD) and DTM = 0.89± 0.02 (WD). These values are
in line with the distribution of the DTM with metallicity and metal column densities
reported by De Cia et al. (2013), and are also consistent with those of Zafar & Watson
(2013). Following Zafar & Watson (2013), we calculate DTM = 0.1 now based on the
dust extinction AV that we model from the SED fit (Sect. 5.3.9). Due to the small
amount of reddening in the SED, this DTM(AV ) value is a factor of 10 lower than
expected at the metal column densities observed. This will be discussed further in
Sect. 5.4.3.
At the metallicity of GRB121024A (∼ 1/3 solar), it is not possible to draw further
conclusions on the dust origin based on the DTM. Both models of pure stellar dust
production and those including dust destruction and grain growth in the ISM converge
to high (Galactic-like) DTM values at metallicities approaching solar (Mattsson et al.
2014).
5.3.3 Distance between GRB and Absorbing Gas
The most likely origin of the fine-structure transitions observed in the a+b (α+β)
component, is photo-excitation by UV photons from the GRB afterglow itself (see
e.g Prochaska et al. 2006b; Vreeswijk et al. 2007). Assuming the afterglow to be the
only source of excitation, we model the population of the different levels of Fe and
Ni, closely following Vreeswijk et al. (2013). Using an optical light curve to estimate
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Figure 5.5: The dust-depletion pattern fit for a cold disk (red solid curve) and a warm disk
(red dashed curve) to the observed abundances measured from absorption-line spectroscopy
(diamonds and arrows, for the constrained and 3σ limits, respectively).
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the luminosity of the afterglow, we can then determine how far the excited gas must
be located from the GRB site, for the afterglow to be able to excite these levels. We
model the total column density from component a+b (α+β) of all observed levels
(ground state and excited states) of Ni ii and Fe ii. We input the optical light curve
from Skynet, see Fig. 5.6 and Tables in Appendix 5.5.1, which is extrapolated to
earlier times using the power-law decay observed. We use the broadening parameter
b from the Voigt-profile fits, and the same atomic parameters (see Vreeswijk et al.
2013).
The best fit (see Fig. 5.7) is obtained with a distance of 590 ± 100pc between
the cloud and burst, and a cloud size of < 333pc (1σ). The resultant fit is rather
poor (χ2/d.o.f= 40.6/4). As can be seen in Fig. 5.2 and 5.3, the column densities of
the ground level of Ni ii (as probed by Ni ii λλλ 1709, 1454, 1467) and 5th excited
level of Fe ii (as probed by Fe ii 5s λλ 1559, 2360) are not very well constrained due
to the observed spectrum having a low S/N ratio near those features. The formal
errors from the Voigt profile fit are likely an underestimate of the true error for
these column densities. This, in turn, results in the χ2 of the excitation model fit
being overestimated. Furthermore the lack of spectral time series means the resultant
parameters are not well constrained. For the c+d+e component we are able to set
a lower limit of 1.9 kpc on the distance to the burst using Fe ii, and 3.5 kpc using
Si ii (3σ). Since Si ii is saturated, we use the EW to determine the column density,
but that only gives the total value of all components together. Hence, for the c+d+e
component we fitted using VPFIT and compared the total column density with what
we get from the EWs. After establishing that both methods yield the same result, we
feel confident in using the column density of logN(Si ii)c+d+e > 15.99 together with
a detection limit logN(Si ii*)c+d+e < 12.80 on the 1265Å line, as this is the strongest
of the Si ii* lines. The lack of vibrationally-excited H2 in the spectra, see below, is in
agreement with a distance ≫ 100pc, see Draine (2000).
5.3.4 Molecular Hydrogen
We detect Lyman- and Werner-band absorption lines of molecular hydrogen at red-
shift z = 2.3021 (corresponding to metal-line component "c+d+e") in rotational
levels J=0, 1, 2 and 3, see Fig. 5.8. The fitting and analysis of the molecular hy-
drogen transition lines follow Ledoux et al. (2002, 2003) and Krühler et al. (2013).
We performed a Voigt-profile fit of lines mainly from the Lyman bands L0-0 up to
L3-0, as these are found in the less noisy part of the spectrum (a few J=2 and 3
lines from the Lyman bands L4-0 and L5-0 were also fitted). J = 0 and 1 lines are
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Figure 5.6: GRB-afterglow light curve from the Skynet instruments, used as input for the
population modelling. The legend gives the instrument and observational band. The black
arrow indicates the starting point of the X-shooter observations. Observations started 55 s
after the GRB trigger. See online version for colours.
strong and fairly well constrained by the presence of residual flux around them, hint-
ing at damping wings in L ≥ 1. Given the low spectral resolution of the data and the
possibility of hidden saturation, we tested a range of Doppler parameters. The esti-
mated H2 column densities, log N(H2) are given in Table 5.6 for Doppler parameter
values of b = 1 and 10 km s−1 resulting in logN(H2)=19.8–19.9. Using the column
density of neutral hydrogen for component ’c+d+e’ of logN(HI) = 21.6, calculated
assuming the same Zn metallicity for the two main velocity components (’a+b’ and
’c+d+e’), this results in a molecular fraction in the order of log f ∼ −1.4, where
f ≡ 2N(H2)/(N(H I)+2N(H2)). For the component ’a+b’ at redshift z ∼ 2.2987,
we report logN(H2) < 18.9 as a conservative upper limit on detection. A more de-
tailed analysis is not possible because of the high noise-level. The implications of this
detection are discussed in Sect. 5.4.4.
We searched for vibrationally-excited H2 by cross-correlating the observed spec-
trum with a theoretical model from Draine (2000) and Draine & Hao (2002) similar
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Figure 5.7: Best-fit model for the excited-level populations of the a+b (α+β) column
densities of Fe ii (top panel) and Ni ii (bottom). Black lines show the fit to the resonance
level. For Fe ii, from the lower levels and up, excited-level population are shown with red,
green, purple, orange and blue. For Ni ii the red line shows the first excited level, while the
blue line shows the second. Open circles show the actual values from Voigt-profile fits. See
online version for colours.
to the procedure outlined in Krühler et al. (2013). There is no evidence for H∗2 in
our data, neither through the cross-correlation nor for individual strong transitions,
and we set an upper limit of 0.07 times the optical depth of the input model. This
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Table 5.6: Estimated column densities for H2 for broadening parameter values b = 10 and
b = 1 (kms−1).
Rotational level log(N(H2)/cm−2)
b = 10km s−1 b = 1 km s−1
J = 0 19.7 19.7
J = 1 19.2 19.3
J = 2 16.1 18.3
J = 3 16.0 18.2
Total 19.8 19.9
approximately corresponds to logN(H∗2) < 15.7. A column density of H
∗
2 as high as
seen in e.g. GRBs 120815A or 080607 (Sheffer et al. 2009) would have been clearly
detected in our data.
We furthermore note that CO is not detected. We set a conservative limit of
logN(CO) < 14.4, derived by using four out of the six strongest CO AX bandheads
with the lowest 6 rotational levels of CO. The wavelength range of the other two
bandheads are strongly affected by metal lines, and thus do not provide constraining
information.
5.3.5 Emission Lines
In the NIR spectrum, we detect Hα, Hβ, the [O ii] λλ3727, 3729 doublet, [N ii] λ6583
(highest-redshift [N ii] detection published for a GRB host) and the two [O iii] λλ4959,
5007. Table 5.7 shows the fluxes (extinction-corrected, see Sect. 5.3.8). The reported
fluxes are derived from Gaussian fits, with the background tied between the [O iii]
doublet and Hβ, and between Hα and [N ii], assuming a slope of the afterglow spec-
trum of 0.8. [O ii] is intrinsically a doublet, so we fit a double Gaussian with a
fixed wavelength spacing based on the wavelength of the rest-frame lines. Using the
GROND photometry, we estimate a slit-loss correction factor of 1.25± 0.10. Fig. 5.9
shows the emission-line profiles, the 2D as well as the extracted 1D spectrum. The
figure shows a Gaussian fit to the lines, after subtracting the PSF for the continuum
(done by fitting the spectral trace and PSF as a function of wavelength locally around
each line, see Møller 2000, for details). For the weaker [N ii], a formal χ2 minimisation
is done by varying the scale of a Gaussian with fixed position and width. The noise is
estimated above and below the position of the trace (marked by a horizontal dotted
line in Fig. 5.9). We assign the zero-velocity reference at the redshift of the [O iii]
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Figure 5.8: X-shooter spectrum showing Lyman- and Werner-band absorption. The shaded
area shows the synthetic spectrum from a fit with Doppler parameter b = 1 kms−1, while
the blue-dotted line shows the fit for b = 10km s−1. J0 marks the transitions from the J =
0 rotational level, and likewise for higher J. See online version for colours.
λ5007 line. For the weaker [N ii] line, we fix the Gaussian-profile fit to be centred at
this zero-velocity.
5.3.6 Star-Formation Rate
The SFR can be derived from the emission line fluxes of Hα and [O ii]. Using con-
version factors from Kennicutt (1998), but converted from a Salpeter initial mass
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Figure 5.9: Emission lines detected from the GRB121024A host. Each panel shows the 2D
spectrum after continuum PSF subtraction on top. The bottom part shows the extracted 1D
spectrum. The blue line shows the Gaussian fit to the line profile. The abscissa shows the
velocity dispersion with respect to the [O iii] λ5007 reference frame. The [N ii] spectrum has
been smoothed and binned differently than the other lines, and the fit has been performed
with the Gaussian profile centre frozen at 0 km s−1 with respect to the reference frame, as
indicated with the dashed line in the figure. [O ii] has been fit as a doublet for the flux
estimate.
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Table 5.7: Measured emission-line fluxes
Transition Wavelengtha Fluxb Widthc Redshift
[O ii] 3726.03, 3728.82 14.5±1.2 —d 2.3015e
Hβ 4861.33 7.4±0.4 218±12 2.3012
[O iii] 4958.92 9.0±0.4 194±28 2.3017
[O iii] 5006.84 27.2±0.7 192±7 2.3010
Hα 6562.80 21.0±1.5 279±17 2.3010
[N ii] 6583.41 1.9±0.7 ∼ 140 2.3015f
a Wavelengths in air in units of Å.
b Extinction corrected flux in units of 10−17 erg s−1 cm−2.
c FWHM of line (after removing instrumental broadening) in units of km s−1. Errors
do not include uncertainty in continuum.
d [O ii] is intrinsically a doublet, which is not fully resolved here, so we do not give
the width.
e Calculated using a weighted wavelength average of 3727.7Å.
f The Gaussian fit shown of [N ii] has a redshift frozen to that of the [O iii] λ5007
line.
function (IMF) to Chabrier (Treyer et al. 2007), we report extinction corrected (see
Sect. 5.3.8) values of SFRHα = 42± 11M⊙ yr−1 from the Hα flux and a SFR[O ii] =
53 ± 15M⊙ yr−1 derived from [O ii]. For a comparison with results from the stellar
population synthesis modelling see Sect. 5.3.10.
5.3.7 Metallicity from Emission Lines
We determine the gas-phase metallicity of the GRB host galaxy using the strong-line
diagnostics R23 (using the ratio ([O ii] λλ3727 + [O iii] λλ4959, 5007)/Hβ), O3N2 (us-
ing ([O ii]/Hβ)/([N ii]/Hα)) and N2 (using [N ii]/Hα; for a discussion of the different
diagnostics see e. g. Kewley & Ellison 2008). Note that different metallicity calibrators
give different values of metallicity. R23 appears to be consistently higher than O3N2
and N2. The R23 diagnostic has two branches of solutions, but the degeneracy can
be broken using the ratios [N ii]/Hα or [N ii]/[O ii]. In our case [N ii]/Hα=0.09±0.02
and [N ii]/[O ii] = 0.13 ± 0.03, which places the R23 solution on the upper branch
(though not far from the separation). Because of the large difference in wavelength
of the emission lines used for R23, this method is sensitive to the uncertainty on
the reddening. Both O3N2 and N2 use lines that are close in wavelength, so for
these we expect the reddening to have a negligible effect. Instead, they then both
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depend on the weaker [N ii] line, which has not got as secure a detection. We derive
12+ log(O/H)= 8.6±0.2 for R23 (McGaugh 1991), 12+ log(O/H)= 8.2±0.2 for O3N2
and 12+ log(O/H)= 8.3 ± 0.2 for N2 (both from Pettini & Pagel 2004). The errors
include the scatter in the relations (these values are from Kewley & Ellison 2008, and
references therein), though the scatter in N2 is likely underestimated. See Sect. 5.4.1
for a comparison with absorption-line metallicity.
5.3.8 Balmer Decrement
The ratio of the Balmer lines Hα and Hβ can be used to estimate the dust extinction.
We use the intrinsic ratio found I(Hα)/I(Hβ) = 2.86 (Osterbrock 1989), for star-
forming regions (and case B recombination, meaning photons above 13.6 eV are not
re-absorbed), where we expect GRBs to occur. The ratio we measure is 2.98 which,
assuming the extinction law of Calzetti et al. (2000)3, results in E(B − V ) = 0.04±
0.09mag. We note that adopting a different extinction law (from e.g. Pei 1992) results
in the same reddening correction within errors, because there is little difference within
the wavelength range of the Balmer lines.
5.3.9 Broad-Band Spectral Energy Distribution
We fitted the broad-band afterglow data from XRT and GROND (without the g′-
band, due to possible DLA contamination), where simultaneous data exist (11 ks after
the trigger). The fit was perform within the ISIS software (Houck & Denicola 2000)
following the method of Starling et al. (2007). The XRT data were extracted using
Swift tools. We use single and broken power-law models. For the broken power-law,
we tie the two spectral slopes to a fixed difference of 0.5. Such spectral feature is known
as the "cooling break" of GRB afterglows (e.g. Sari 1998), and is observed to be the
best-fit model for most burst Zafar et al. (2011), with the exception of GRB080210
(Zafar et al. 2011; De Cia et al. 2011). We fit with two absorbers, one Galactic fixed
at N(H)GalX = 7.77× 1020 cm−2 (Willingale et al. 2013), and one intrinsic to the host
galaxy4. An SMC dust-extinction model (the average extinction curve observed in
the Small Magellanic Cloud) was used for the host, while the reddening from the
Milky Way was fixed to E(B − V ) = 0.123 (Schlegel et al. 1998). A single power-law
3We use the Calzetti et al. (2000) law, which is an attenuation law for star burst galaxies, where
the Pei (1992) laws are relevant for lines of sight towards point-sources inside galaxies where light is
lost due to both absorption and scattering out of the line of sight.
4We assume solar metallicity, not to provide a physical description of the absorbers, but purely
to let N(H)X conform to the standard solar reference. The reference solar abundances used are from
Wilms et al. (2000).
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Figure 5.10: NIR-to-X-ray spectral energy distribution and model for the afterglow at 11 ks
after the trigger. The solid red line shows the model. g′-band magnitude is not included in
the fit, due to possible contribution from the Lyα transition.
is preferred statistically (χ2 / d.o.f = 1.07), see Fig. 5.10, but the two models give
similar results.
The best fit parameters for the single power-law SMC absorption model are
N(H)X = (1.2+0.8−0.6) × 1022 cm−2 and E(B − V ) = 0.03 ± 0.02mag at a redshift of
z = 2.298, and a power-law index of β = 0.90± 0.02 (90 per cent confidence limits),
see Table 5.8. LMC and MW (the average extinction curves observed in the Large
Magellanic Cloud and the Milky Way) model fits result in the same values within
errors. For a discussion on the extinction see Sect. 5.4.3.
5.3.10 Stellar Population Synthesis Modelling
Using our photometry of the host, see Table 5.3, we perform stellar population syn-
thesis modelling of the host galaxy. We use a grid of stellar evolution models with
different star formation timescales, age of stellar population and extinction, to com-
pute theoretical magnitudes and compare them to the observed photometry. For the
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Table 5.8: Best fit parameters from the broad-band spectral energy distribution, for a
single power-law SMC absorption model.
N(H)X (1.2+0.8−0.6)× 1022 cm−2
E(B − V ) 0.03± 0.02mag
Power-law index β 0.90± 0.02
Table 5.9: Host galaxy parameters from stellar population synthesis modelling
Starburst age (Myr) ∼ 250
Extinction (mag) 0.15± 0.15
MB −22.1± 0.2
log(M∗/M⊙) 9.9
+0.2
−0.3
SFR (M⊙ yr−1) 40+80−25
model input, we assume stellar models from Bruzual & Charlot (2003), based on an
IMF from Chabrier (2003) and a Calzetti dust attenuation law (Calzetti et al. 2000).
Table 5.9 lists the galaxy parameters resulting from the best-fit to the HAWK-I, NOT
and GTC data. The best fit is obtained with a χ2 = 8 for the 7 data points used in the
modelling. Most of the contribution to the χ2 comes from the B-band observations.
This data point lies ≈ 3σ above the best-fit and the g-band measurement, which
probes a very similar wavelength range. The reported value of the SFR takes into
account the uncertainty in the dust attenuation, and thus has large error bars. We
observe a significant Balmer break, which is well fit with star-burst ages between 50
and 500 Myr. The SFR of ∼ 40M⊙ yr−1 is consistent with the results from Sect. 5.3.6.
5.3.11 Kinematics
The X-shooter spectrum contains information both on the kinematics of the absorbing
gas along the line-of-sight to the location of the burst inside the host galaxy, as well as
kinematics of the emitting gas in H ii regions probed by the emission lines. The emis-
sion lines have a full-width-at-half-maximum (FWHM) of around 210km s−1 from a
Gaussian fit, see Table 5.7. We do not observe signs of rotation in the 2 dimensional
spectrum. One possibility is that the galaxy could be dominated by velocity disper-
sion, as observed for galaxies of similar mass and properties, Förster Schreiber et al.
(2009). The velocity width that encloses 90% of the optical depth (as defined by
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Table 5.10: Equivalent widths of intervening systems.
EWs / Å
Transition z = 2.0798 z = 1.959 z = 1.664
C iv, λ1548 0.43± 0.10 3.64± 0.15 —
C iv, λ1550 0.38± 0.10 3.11± 0.14 —
Fe ii, λ2382 — 0.72± 0.10 0.36± 0.05
Mg ii, λ2796 — 3.73± 0.08 1.29± 0.05
Mg ii, λ2803 — 2.53± 0.11 1.02± 0.05
Ledoux et al. 2006) is 460 km s−1 based on the Si ii λ1808 line. This is consistent
with the correlation between absorption line width and metallicity for GRB host
galaxies of Arabsalmani et al. (2015). The velocity for each absorption component,
with respect to the emission lines, is given in Table 4a. The characteristics of different
gas components are discussed in Sect. 5.4.5.
5.3.12 Intervening Systems
We identify three intervening systems along the line of sight, at redshifts z = 2.0798,
z = 1.959, and z = 1.664. Table 5.10 lists the observed lines along with the measured
EWs. Furthermore only at z = 1.959 do we observe the Lyα line, but blended with
a Si iv line. The intervening systems will not be discussed further in this work.
5.4 Discussion and Implications
5.4.1 Abundance Measurements from Absorption and Emission Lines
The metallicity of GRB hosts is usually determined either directly through absorption
line measurements, or via the strong-line diagnostics using nebular-line fluxes. The
two methods probe different physical regions; the ISM of the host galaxy along the
line of sight as opposed to the ionised star-forming H ii regions emission - weighted
over the whole galaxy. Hence, the two methods are not necessarily expected to yield
the same metallicity, see for instance Jorgenson & Wolfe (2014). The line of sight
towards the GRB is expected to cross star-forming regions in the GRB host. Thus, the
absorption and emission lines may probe similar regions. Local measurements from
the solar neighbourhood show a concurrence of the two metallicities in the same region,
see e. g. Esteban et al. (2004). Only a few cases where measurements were possible
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using both methods have been reported for QSO-DLAs (see e.g. Bowen et al. 2005;
Jorgenson & Wolfe 2014) but never for GRB-DLAs. The challenge is that the redshift
has to be high enough (z & 1.5) to make Lyα observable from the ground, while at
the same time the host has to be massively star-forming to produce sufficiently bright
emission lines. Furthermore, the strong-line diagnostics are calibrated at low redshifts,
with only few high redshift cases available (see for instance Christensen et al. 2012).
The spectrum of GRB121024A has an observable Lyα line as well as bright emis-
sion lines. We find that the three nebular line diagnostics R23, O3N2 and N2 all find a
similar oxygen abundance of 12+ log(O/H) = 8.4±0.4. Expressing this in solar units
we get a metallicity of [O/H]∼ −0.3 (or slightly lower if we disregard the value found
from the R23 diagnostic, given that we cannot convincingly distinguish between the
upper and lower branch). This is indeed consistent with the absorption line measure-
ment from the low-depletion elements (dust-corrected value) [Zn/H]corr = −0.6± 0.2,
though the large uncertainty in the strong-line diagnostics hinders a more conclusive
comparison.
Krogager et al. (2013) find a slightly lower metallicity from absorption lines in
the spectrum of quasar Q2222-0946, compared to the emission-line metallicity. How-
ever, this is easily explained by the very different regions probed by the nebular
lines (6 kpc above the galactic plane for this quasar) and the line of sight, see also
Péroux et al. (2012). QSO lines of sight intersect foreground galaxies at high impact
parameters, while the metallicity probed with GRB-DLAs are associated with the
GRB host galaxy. Interestingly, Noterdaeme et al. (2012) find different values for
the metallicities, even with a small impact parameter between QSO and absorber,
for a QSO-DLAs. A comparison of the two metallicities is also possible for Lyman
break galaxies (LBGs), see for instance Pettini et al. (2002) for a discussion on the
metallicity of the galaxy MS 1512–cB58. They find that the two methods agree for
a galaxy with an even larger velocity dispersion in the absorbed gas than observed
here (∼ 1000kms−1). The line of sight toward GRB121024A crosses different clouds
of gas in the host galaxy, as shown by the multiple and diverse components of the
absorption-line profiles. The gas associated with component a+b is photo-excited,
indicating that it is the closest to the GRB. Given the proximity, the metallicity of
this gas could be representative of the GRB birth site. Assuming the GRB exploded
in an H ii region, the emission- and absorption-metallicities are expected to be similar,
though if other H ii region are dominating the brightness, the GRB birth sight might
contribute only weakly to the emission line-flux, see Sect 5.4.5. Building a sample
of dual metallicity measurements will increase our understanding of the metallicity
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distribution and evolution in galaxies.
5.4.2 The Mass-Metallicity Relation at z ∼ 2
Having determined stellar mass, metallicity and SFR of the GRB host, we can inves-
tigate whether the galaxy properties are consistent with the mass-metallicity relation
at the observed redshift. Appropriate for a redshift of z ≈ 2, we use equation 5 from
Mannucci et al. (2010):
12 + log(O/H) = 8.90 + 0.47× (µ0.32 − 10)
where µ0.32 = log(M∗[M⊙]) − 0.32 × log(SFRHα[M⊙] yr−1). Using the stellar mass
from Sect. 5.3.10 and the SFR from Hα we find an equivalent metallicity of
12+ log(O/H)= 8.6± 0.2 ([O/H]=−0.1± 0.2). The error does not include a contri-
bution from the scatter in the relation, and is hence likely underestimated. This value
is consistent with the metallicity derived from the emission lines, but given the large
uncertainty this is perhaps not that illustrative. Instead, we use the mass-metallicity
relation determined in Christensen et al. (2014) for QSO-DLAs for absorption-line
metallicities remodelled to GRBs by Arabsalmani et al. (2015). This results in a
metallicity [M/H]=−0.3±0.2, not including scatter from the relation, and using the
mean impact parameter of 2.3 kpc calculated in Arabsalmani et al. (2015). This is
consistent with the dust-corrected metallicity of [Zn/H]corr = −0.6± 0.2.
5.4.3 Grey Dust Extinction?
We determine the dust extinction/attenuation of the host galaxy of GRB121024A
both from the Balmer decrement (Sect. 5.3.8) and a fit to the X-ray and optical spec-
tral energy distribution (SED, see Sect. 5.3.9), as well as from the stellar population
synthesis modelling (Sect. 5.3.10). The first method determines the attenuation of the
host H ii regions (from the X-shooter spectrum alone), while the SED fitting probes
the extinction along the line of sight (using XRT+GROND data). The stellar pop-
ulation synthesis modelling models the host attenuation as a whole (using host pho-
tometry). All methods determine the amount of extinction/attenuation by comparing
different parts of the spectrum with known/inferred intrinsic ratios, and attribute the
observed change in spectral form to dust absorption and scattering. We find values
that agree on a colour index E(B−V ) ∼ 0.04mag. This value is small, but falls within
the range observed for GRB-DLA systems. However, low AV ’s are typically observed
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for the lowest metallicities. For our case we would expect a much higher amount of
reddening at our determined H i column density and metallicity. Using the metallicity
of [Zn/H]corr = −0.6 ± 0.2, column density logN(H i) = 21.88 ± 0.10, dust-to-metal
ratio DTM= 1.01± 0.03 (see Sect. 3.2), and a reference Galactic dust-to-metal ratio
AV,Gal/N(H,Gal) = 0.45× 10−21 mag cm2 (Watson 2011), we expect an extinction of
AV = 0.9 ± 0.3mag (De Cia et al. in prep. and Savaglio et al. 2003). This is in-
compatible with the determined reddening, as it would require RV > 15 (RV for the
Galaxy is broadly in the range 2–5). For the Balmer decrement and SED fitting we
have examined different extinction curves (MW and LMC besides the SMC) and we
have tried fitting the SED with a cooling break, neither option changing the extinc-
tion significantly. In an attempt to test how high a fitted reddening we can achieve,
we tried fitting the SED with a lower Galactic N(H i) and reddening. While keeping
reasonable values (it is unphysical to expect no Galactic extinction at all), and fitting
with the break, the resulting highest colour index is E(B − V ) ∼ 0.06mag. This
is still not compatible with the value derived from the metallicity, so this difference
needs to be explained physically.
One possibility to consider is that the host could have a lower dust-to-metals ratio,
and hence we overestimate the extinction we expect from the metallicity. However,
we see no sign of this from the relative abundances, see Sect. 5.3.2. The metallicity
is robustly determined from Voigt-profile fits and EW measurement of several lines
from different elements (including a lower limit from the none Fe-peak element Si).
The lines are clearly observed in the spectra, see Fig. 5.2, and the metallicity that we
find is consistent with the mass-metallicity relation.
To examine the extinction curve, we perform a fit to the XRT (energy range: 0.3–
10 keV) X-ray data alone and extrapolate the resultant best-fit power-law to optical
wavelengths. We try both a single power law, as well as a broken power law with
a cooling break in the extrapolation. The latter is generally found to be the best
model for GRB extinction in optical fit (e.g. Zafar et al. 2011; Greiner et al. 2011;
Schady et al. 2012). We calculate the range of allowedAλ by comparing the X-shooter
spectrum to the extrapolation, within the 90% confidence limit of the best-fit photon
index, and a break in between the two data sets (X-ray and optical). The resulting
extinction does not redden the afterglow strongly, so we cannot constrain the total
extinction very well directly from the SED. However, the optical spectroscopy indi-
cates a high metal column density. The strong depletion of metals from the gas phase
supports the presence of dust at AV = 0.9 ± 0.3mag (see Sect 5.3.2). Fixing AV at
this level, allows us to produce a normalised extinction curve (Fig. 7.1). This extinc-
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tion curve is very flat, much flatter than any in the local group (Fitzpatrick & Massa
2005), with an RV > 9.
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Figure 5.11: Extinction curves for the line of sight to GRB121024A. We plot the extinction
law assuming AV = 0.9 ± 0.3mag as expected from the measured metallicity, H i column
density and dust-to-metal ratio. The solid black curve shows the extinction curve for a
broken power law with AV = 0.9, while the grey-shaded area corresponds to the AV error-
space. Likewise, the extinction curve for a single power law is plotted with the dashed black
curve, and the hatched area displays the error-space. Over-plotted, in colours, are extinction
curves from Pei (1992).
The most likely physical scenario that can explain this shape of the curve is grey
dust. If the dust extinction is ’grey’, i.e., has a much weaker dependence on wavelength
than in the local extinction laws, then a given visual extinction will be much less
apparent in the SED (’flat’ extinction curve) and thus underestimated in our analysis.
Such grey extinction corresponds to larger RV and is physically interpreted with large
grain sizes. A weak wavelength dependance in the extinction for GRBs has been
suggested before. Savaglio & Fall (2004) reported a MW-like depletion pattern, but
a very low reddening in the SED. Gao et al. (2009) likewise claim a grey extinction
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law for GRB lines of sight determined by comparing observed spectra to intrinsic
ones (by extrapolating from X-rays), arguing for grain growth through coagulation in
the dense molecular clouds surrounding GRBs. The larger grains have an extinction
that is less dependent on wavelength, because of the contribution of their physical
cross-section to the opacity. Preferable destruction of the smaller grains by the GRB
would be another possibility, but is unlikely in our case, because the absorbing gas
is far from the GRB. We note that the other GRB-DLAs with molecular-hydrogen
detection show the expected amount of reddening (using a standard extinction curve),
though anomalies do exist in GRB observations. The most notable example to date is
reported by Perley et al. (2008) for GRB061126. As for the GRB121024A afterglow,
they observe a very flat optical–to–X-ray spectral index, arguing for large quantities of
grey dust, or a separate origin of the optical and X-ray afterglow. To fit the extinction
curve for GRB061126, an RV ∼ 10 is needed. We find an RV even higher than this,
making this case even more extreme than previously observed. We refer to future
work on this problem (Friis et al., in prep), as a deeper analysis is beyond the scope
of this paper.
5.4.4 Molecular Hydrogen in GRB-DLAs
The lack of detection of molecular hydrogen towards GRBs has puzzled astronomers
(see e. g Tumlinson et al. 2007), given that long GRBs are associated with active star
formation, and hence are expected to show signatures of molecular clouds. Compared
to QSO-DLA line of sights then, we would expect the presence of H2 to be more com-
mon for GRB-DLAs, because the QSO-DLA line of sights have a higher probability
to intersect the outskirts/halo of the intervening galaxy, where we would anticipate
a low molecular content. Recently, a number of H2 detections in GRB afterglows
have been reported (Prochaska et al. 2009; Krühler et al. 2013; D’Elia et al. 2014),
making GRB121024A the fourth definite case. This detection supports the emerging
picture that dust has played a major role in biasing past observations against molec-
ular detection (e.g. Ledoux et al. 2009). Molecules are thought to form on the surface
of dust grains, and once formed, shielded from Lyman-Werner photons by the grains.
Krühler et al. (2013) suggest that it is likely this connection that is responsible for
the low number of H2 detections towards GRB-DLAs. The high dust column density
makes the GRB afterglow UV-faint, preventing high-resolution and high S/N spec-
troscopy, which is needed to identify the presence of molecular gas. Thus, the lack of
H2 detections in most GRB-DLAs can be explained with an observational bias. They
illustrate this argument by investigating the metallicity, N(H i) and dust depletion pa-
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rameter space, showing that the GRB-DLAs with unsuccessful molecular searches fall
outside the region where we would expect detections (with the only exception being
GRB050829A). This argument is supported by the observed logN(H i), metallicity
and depletion factor of GRB121024A, which lies inside the parameter space where
molecular detections are expect.
The high level of dust depletion observed in this GRB-DLA (see Sect. 5.3.2), is con-
sistent with molecular detections in QSO-DLAs (Noterdaeme et al. 2008; Krühler et al.
2013), where there is a strong preference for H2-bearing DLAs to have significant de-
pletion factors. The dependence on the total neutral hydrogen column density is weak
(although intrinsically-weak molecular lines are better constrained in strong DLAs),
whereas the parameter that seems to determine whether H2 is detected, is the col-
umn density of iron locked into dust. The logN(Fe)dust that we measure is 2 dex
higher than the column density above which a significant presence of molecules has
been observed in QSO-DLAs (Noterdaeme et al. 2008). Indeed De Cia et al. (2013)
studied logN(Fe)dust and concluded that GRB hosts are promising sites for molecular
detections.
D’Elia et al. (2014) find a molecular fraction for GRB120327A of log(f) between
−7 and −4 with a depletion factor of [Zn/Fe]= 0.56± 0.14, while for the dustier line of
sight towards GRB120815A Krühler et al. (2013) reports a value of log(f)=−1.14±
0.15 ([Zn/Fe]= 1.01 ± 0.10). For GRB121024A we find intermediate values, al-
though with the high noise-level the numbers are consistent with those reported for
GRB120815A. For GRB080607 Prochaska et al. (2009) only report limits on both
the molecular fraction and the Zn+Fe column densities. Although the sample is
too small to infer anything statistically, it appears that the H2 detection criteria in
GRB afterglows follow the trend observed for QSO-DLAs. For a fair estimate of the
molecular fraction, the column densities of both H2 and H i should be constrained
for individual velocity components, while this is hardly the case for H i. Recent work
(e.g. Balashev et al. 2015) indicates that the molecular fraction in QSO-DLAs can
possibly be much higher than the line-of-sight average values usually measured.
5.4.5 Gas kinematics: dissecting the host components
One of the striking features of the metal absorption-line profiles observed towards
GRB121024A is that they consist of two widely separated groups of velocity com-
ponents (a+b and c+d+e, see Sect. 5.3.1). The separation is of about 340km s−1,
which lies at the high end of the velocity distribution of Møller et al. (2013) and
Ledoux et al. (2006). The latter is for QSO-DLAs, however Arabsalmani et al. (2015)
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showed that GRB-DLAs follow the velocity-metallicity distribution of QSO-DLAs.
This suggests that either the two components belong to separate galaxies (see for
instance Savaglio et al. 2012, on the GRB090323 systems), or that this galaxy is
fairly massive compared to the average GRB host of ∼109M⊙ (Savaglio et al. 2009;
Castro Cerón et al. 2010, but see also Perley et al. 2013 and Hunt et al. 2014). The
scenario with separate galaxies is disfavoured, because the two absorption components
show very similar relative abundances (see Table 4a) and also because the emission
lines are centred in between the two absorption components (unlike for GRBs 050820A
and 060418; see Chen 2012). Thus, a likely possibility is that the two absorption com-
ponents are probing different regions within the host. This is in agreement with the
mass found in Sect. 5.3.10, of almost 1010M⊙.
Furthermore, the blue (a+b) and the red (c+d+e) absorption components are
associated with gas at different physical conditions. On one hand, Fe ii, Ni ii and
Si ii fine-structure lines are detected only in the blue component. These lines are
photo-excited by the GRB radiation at a distance of ∼600pc. On the other hand,
H2 molecules are detected in the red component only, indicating a gas that is not
disturbed by the GRB (at a distance of minimum 3.5 kpc). Through absorption-line
spectroscopy at the X-shooter resolution, these two different gas components could
be located inside the host (with respect to the GRB) and characterised.
The observed emission component (arbitrarily set at v = 0) traces the brightest
star-forming regions. Since GRBs tend to reside around the brightest star-forming
regions in their host (Fruchter et al. 2006), one might expect to observe absorption
components at velocities close to that of the emission as the line of sight passes through
this gas. However, the gas around the GRB can be photo-ionised out to hundreds
of parsecs (e.g. Ledoux et al. 2009; Vreeswijk et al. 2013); it is thus highly unlikely
that the optical/UV absorption lines are probing the actual GRB environment. For
GRB121024A, this is further supported by the fact that the a,b component is located
∼600pc away from the GRB. Given that giant molecular clouds have a maximum
radius of ∼200pc (Murray 2011), the a,b component is undoubtedly unrelated to the
GRB surroundings.
Although GRBs are most often associated with the brightest star-forming regions,
this is not always the case. GRB980425 (e.g. Michałowski et al. 2009) is an example
where the star-forming region in which the GRB occurred is quite faint compared to
the larger and brighter star-forming regions in the host. A potentially similar scenario
could hold for GRB121024A as well, in which case the burst should not be identified
with v = 0. In this situation, the possible interpretations of the kinematics would be
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different and lead to other geometric setups compared to those conceivable were the
GRB localised close to v = 0. It should also be noted that we have not discussed trans-
verse motion which could complicate the interpretation even further. Finally, since
the host is most likely an irregular galaxy, indicating a 3D perturbed environment
without a rotating disk, we find it appropriate not to draw further conclusions.
While the available data do not allow us to discriminate between possible scenarios,
this work demonstrates how powerful GRB afterglow observations can be to start
dissecting individual building-block components of star-forming galaxies at z ∼ 2
and above. This is especially true once we have gathered enough data to compile a
statistical sample; see (e.g. Fox et al. 2008) for previous work on VLT/UVES data
and Fynbo et al. (in prep) for upcoming VLT/X-shooter results on a large afterglow
sample.
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5.5 Appendix
5.5.1 Skynet magnitude tables
Tables 5.11, 5.12, 5.13, 5.14, 5.15 and 5.16 give the magnitudes (not corrected for
reddening) used for the optical light-curve input to model the distance between the
excited gas (component a+b) and the burst itself.
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Table 5.11: Skynet - Filter R
Filter Time (h) Exposure time S/N Mag. (Vega)
R 0.01656 1× 10 s 27.7 15.01± 0.04
R 0.02232 1× 10 s 18.9 15.51± 0.06
R 0.02760 1× 10 s 12.1 15.88± 0.09
R 0.03288 1× 10 s 7.58 16.0+0.2
−0.1
R 0.04032 1× 20 s 10.7 16.3± 0.1
R 0.04824 1× 20 s 9.35 16.4± 0.1
R 0.06720 1× 40 s 7.45 16.5+0.2
−0.1
R 0.08088 1× 40 s 13.1 16.68+0.09
−0.08
R 0.10824 1× 40 s 5.47 16.9± 0.2
R 0.18216 1× 80 s 5.82 17.5± 0.2
R 0.20880 1× 80 s 3.58 17.0± 0.3
R 0.24744 1× 160 s 10.9 17.4± 0.1
R 0.35520 1× 160 s 5.37 17.8± 0.2
R 0.40536 1× 160 s 6.08 17.6± 0.2
R 0.50928 1× 160 s 2.86 17.9+0.4
−0.3
R 0.55584 1× 160 s 6.08 17.5± 0.2
R 0.66000 1× 160 s 5.53 17.6± 0.2
R 0.91992 3× 160 s 5.79 18.4± 0.2
R 1.28712 4× 160 s 6.64 18.79± 0.2
R 1.84008 9× 160 s 3.68 19.3± 0.3
R 2.79768 7× 160 s 6.72 19.5+0.2
−0.1
R 3.21240 7× 160 s 8.31 19.8± 0.1
R 3.59184 7× 160 s 10.1 19.8± 0.1
R 4.12824 12× 160 s 10.7 19.8± 0.1
R 4.9908 18× 160 s 7.18 20.0± 0.1
R 24.5124 40× 160 s 1.94 21.9+0.7
−0.4
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Table 5.12: Skynet - Filter I
Filter Time (h) Exposure time S/N Mag. (Vega)
I 0.02328 1× 5 s 13.4 14.88± 0.08
I 0.02784 1× 5 s 9.57 15.1± 0.1
I 0.03312 1× 10 s 10.2 15.4± 0.1
I 0.04032 1× 20 s 14.6 15.49+0.08
−0.07
I 0.04896 1× 20 s 11.8 15.70+0.1
−0.09
I 0.05616 1× 10 s 2.34 16.2+0.5
−0.4
I 0.06672 1× 40 s 5.75 16.2± 0.2
I 0.08088 1× 40 s 15.4 16.03± 0.07
I 0.09504 1× 40 s 7.74 15.9± 0.1
I 0.10896 1× 40 s 7.16 16.2+0.2
−0.1
I 0.12864 1× 80 s 15.1 16.21± 0.07
I 0.15504 1× 80 s 3.84 16.3+0.3
−0.2
I 0.18216 1× 80 s 9.82 16.5± 0.1
I 0.20880 1× 80 s 5.14 16.7± 0.2
I 0.24744 1× 160 s 16.3 16.72± 0.07
I 0.30144 1× 160 s 13.3 16.74+0.09
−0.08
I 0.35520 1× 160 s 11.3 16.73+0.1
−0.09
I 0.40536 1× 160 s 6.89 17.0+0.2
−0.1
I 0.50928 1× 160 s 8.51 16.9± 0.1
I 0.55632 1× 160 s 7.10 17.1+0.2
−0.1
I 0.61248 1× 160 s 6.87 16.8+0.2
−0.1
I 0.66000 1× 160 s 5.78 17.2± 0.2
I 0.71592 1× 160 s 3.53 17.3± 0.3
I 0.81528 2× 160 s 5.50 17.4± 0.2
I 0.94704 2× 160 s 11.4 17.45+0.1
−0.09
I 1.21368 1× 160 s 5.87 17.7± 0.2
I 1.33872 2× 160 s 6.90 18.1+0.2
−0.1
I 1.53672 2× 160 s 3.92 18.3+0.3
−0.2
I 1.75560 1× 160 s 2.80 18.0+0.4
−0.3
I 2.07528 5× 160 s 4.51 18.4+0.3
−0.2
I 2.46480 5× 160 s 3.76 18.6± 0.3
I 2.83080 6× 160 s 8.36 18.64± 0.1
I 3.21504 7× 160 s 12.1 18.72± 0.09
I 3.59496 7× 160 s 13.7 18.71± 0.08
I 4.10328 11× 160 s 12.8 18.99+0.09
−0.08
I 4.81200 12× 160 s 9.54 193± 0.1
I 5.63112 16× 160 s 6.02 19.2± 0.2
I 24.3192 47× 160 s 1.89 21+0.7
−0.4
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Table 5.13: Skynet - Filter B
Filter Time (h) Exposure time S/N Mag. (Vega)
B 0.02520 2× 10 s 4.98 17.2± 0.2
B 0.05592 2× 20 s 4.22 17.9+0.3
−0.2
B 0.12144 3× 40 s 5.10 18.3± 0.2
B 0.27456 2× 160 s 5.61 18.8± 0.2
B 3.87000 37× 160 s 5.96 21.2± 0.2
Table 5.14: Skynet - Filter g′
Filter Time (h) Exposure time S/N Mag. (Vega)
g′ 0.03312 1× 20 s 3.76 17.4± 0.3
g′ 0.25032 1× 80 s 4.45 18.3+0.3
−0.2
g′ 0.69912 1× 80 s 2.16 19.50.6−0.4
Table 5.15: Skynet - Filter r′
Filter Time (h) Exposure time S/N Mag. (Vega)
r′ 0.05688 1× 20 s 6.15 16.9± 0.2
r′ 0.15576 1× 80 s 10.6 17.4± 0.1
r′ 0.30168 1× 160 s 11.8 17.66+0.1
−0.09
r′ 0.50952 1× 160 s 8.21 18.0± 0.1
r′ 0.56088 1× 80 s 5.14 18.0± 0.2
Table 5.16: Skynet - Filter i′
Filter Time (h) Exposure time S/N Mag. (Vega)
i′ 0.08088 1× 20 s 5.22 16.3± 0.2
i′ 0.35328 1× 80 s 4.50 17.6+0.3
−0.2
i′ 0.61272 1× 160 s 4.91 17.9± 0.2
i′ 0.66408 1× 80 s 3.06 17.9+0.4
−0.3
i′ 21.99288 38× 160 s 1.13 20.9+1.2
−0.6
6Interstellar Dust
Interstellar dust refers to the tiny, but macroscopic, particles that exist in between
stars in our and other galaxies. The word ’dust’ is slightly misleading, as the dust-
grain size is more like that of soot or sand particles. For many years, dust was mainly
a hindrance to astronomers, as the grains absorb light at optical wavelengths, making
accurate observations of objects behind the dust more difficult. But as our knowl-
edge grew, particularly with the dawn of infrared astronomy, we have learned that
dust plays an integral part in many astrophysical processes, such as star and planet
formation (e.g. Chandler & Sargent 1997; Schneider et al. 2012) and the formation of
molecules (e.g. Pirronello et al. 2004; Jing et al. 2011).
Today, the study of dust is driven as much from a need to understand the physical
details of the formation and composition of the dust itself, as from the desire to
determine the contribution from dust to absorption and emission, so that this can be
removed from observations (dust absorbs up to 50% of all starlight in the Galaxy).
Despite these needs, many aspects of interstellar dust are still highly uncertain, or
simply not known at all. This difficulty stems from the complexity of the particles
compared to interstellar gas and the common molecules, so rather than dealing with
simple quantum mechanical states, a full solid state treatment is needed.
In this chapter, I highlight what we do know about dust, along with the most
prevalent theories of dust formation and composition, and the observations that these
are based upon.
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6.1 Properties of Dust
The basic observational properties of dust is an overall absorption and scattering in
the UV/optical, usually leading to a substantial reddening of the background spec-
trum, along with specific features at certain wavelengths, and thermal emission in the
infrared (as well as some IR band-emission). Below I describe specific spectral fea-
tures from dust. The general absorption/scattering and thermal emission mechanisms
are described in Sections 6.3 and 6.5 respectively.
6.1.1 Absorption Features
6.1.1.1 The 2175Å bump
The strongest spectroscopic feature in the dust spectrum is a wide ’bump’ in ab-
sorption at 2175Å. Despite this feature being ubiquitous throughout the Milky Way,
the origin is not well understood. The central wavelength is observed to be very
constant while the width of the bump varies a lot. The only physical quantity ob-
served to correlate with the width is the mean gas density along the line-of-sight
(Fitzpatrick & Massa 1986).
Given the strength of the bump it must be caused by a very abundant material.
Carbon is the most abundant material in the Universe, next after hydrogen and
helium, and is hence the prime candidate for being responsible for the bump. Draine
(1989) calculated that the profile corresponds to an oscillator strength per hydrogen
nucleon nXfX/nH ≈ 9.3 × 106. Assuming fX ≤ 0.3, and that the bump is caused
by either of the abundant elements Fe, Si, or Mg, it would require that more metals
are locked up in dust, than are available in the gas phase in order to produce the
bump. Furthermore, graphite, an ordered and stable form of carbon, has a resonance
very close to 2175Å. For this reason many models for the bump predict graphite,
although we would then expect a correlation between the central wavelength and
width, which is not observed (Draine & Malhotra 1993). Besides, observations suggest
that amorphous carbon, not graphite, is injected into the ISM (see Section 6.2).
It is perhaps possible that small graphite particles can be produced from the amor-
phous carbon later on, but Witt et al. (1986) reported measurements of scattering in
a few cases, indicating that the particles responsible for the bump must, at least in
some cases, be relatively large (compared with the photon wavelength).
An alternative to graphite is polycyclic aromatic hydrocarbon (PAH) molecules
(i.e. a large molecule, rather than dust grains). PAHs have a very similar atomic
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structure to graphite sheets, as the carbon atoms which are not on the surface have
very similar electronic transitions to those in graphite. We hence also expect a transi-
tion in this wavelength interval. The observed variation of width (without a matching
variation in the central wavelength), could possibly be explained by differences in the
PAH mix from one sightline to another. However, this has not been tested, and so
the exact origin of the bump is still considered an open question.
The 2175Å bump is a strong function of the metallicity of the gas, with the UV
bump appearing slightly weaker in the LMC extinction curve (metallicity ∼ 50%
solar), and essentially absent in the SMC extinction curve (metallicity ∼ 10% solar).
6.1.1.2 Mid-IR silicate features
We observe bands of absorption lines in the IR, most notably a set of broad bands
centred roughly at 9.7µm and 18µm. The 9.7µm features are generally identified as
resonance lines from silicate minerals, as observed in the lab from Si–O bending and
stretching modes. A bend bond in chemistry is the electron sharing between atoms
within small ring molecules, so that the bond is literally ’bend’. Bending is then a
change in angle, while stretching is a lengthening of the chemical bond.
This is supported by the fact that we observe these features in outflows from
oxygen-rich stars but not from carbon-rich stars, as the first is expected to form
silicate dust, while in the latter all the oxygen (which is needed to form the silicates)
is bound up in CO molecules. The bands are observed to be free of subfeatures, unlike
in laboratory crystal measurements, probably indicating that the silicate is mainly
amorphous rather than crystalline in nature.
The 18µm band is likely due to O–Si–O bending modes in silicates. The polari-
sation of both features can be measured, putting constrains on the ratio of crystal to
amorphous silicates.
If a sufficiently high amount of dust is present it is also possible to observe an
absorption feature around 3.4µm. This is likely from C–H stretching from some kind
of hydrocarbon grain, but the precise composition has not been determined.
6.1.1.3 DIBs
Besides the well defined absorption features, a long range of diffuse interstellar bands
(DIBs) has also been observed in UV, visible and IR. The origin of these are still
debated, and, despite the large number, not one has as yet been securely identified.
The fact that the strength of the lines are not observed to be correlated, means that
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Figure 6.1: PAH emission features in the spectrum of the reflection nebula NGC7023.
"Mono", "duo", "trio", and "quartet" refers to the number of adjacent H-atoms (in the molec-
ular structure) to the C–H bond that is bending.
the bands are not all from the same absorbing material.
Observation of fine-structure (Kerr et al. 1998) in the bands, points towards a
large molecule rather than dust grains being the material responsible. Given the
large amount of PAHs needed for the 2175Å bump, these molecules are theorised to
be responsible for at least a subset of the DIBs.
6.1.2 Emission Features
Interstellar dust shines in the infrared. The spectrum has 5 clear emission peaks,
at wavelengths ∼ 12.7, 11.3, 8.6, 7.6, and 6.25µm, all shown in Fig. 6.1 displaying
the spectrum of nebula NGC7023. Several other (weaker) peaks are also frequently
observed. These peaks coincide in wavelength with vibrational transitions (see spe-
cific labels in Fig. 6.1) observed in the laboratory for PAH molecules. The observed
strength of these lines supports a large quantity of PAH in the dust.
Taken together, all these observational features indicate that dust grains are pre-
dominantly composed of silicates, carbon, ice, and/or iron compounds. The ex-
act composition is to a large extent still unknown, and I will not go further into
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it here, except to note that for absorption models such as Xspec’s TBabs used in
this thesis, the dust assumed is what is called the MRN (Mathis et al. 1977) model;
spherical and homogeneous grains, which consists of graphite, SiC, (Fe,Mg)SiO3,
(Fe,MG)2SiO4+Fe+Fe3O4. Newer models include PAH molecules.
6.2 Dust Formation
Dust is believed to originate predominantly in the ejected material from dying stars,
either in SNe outflows or in the stellar winds of AGB stars, and in stellar outflows
from massive stars. The composition and size distribution however, seem to be pre-
dominantly determined by physical processes in the ISM which alter the dust grains.
The basis of the theory of dust formation in stellar outflows, is that we need high
densities to have a chance of atoms and molecules colliding, so dust cannot be formed
in the ISM. The cool expanded envelopes of stars in their late-life phases are much
better suited, but we do see the dust in the ISM though, so outflows must be needed
to move the dust.
Dust formation is divided into two parts; the nucleation of critical clusters, from
atomic gas to solid particles, and the subsequent growth of these clusters to macro-
scopic dust grains. There are two groups of theories on how dust nuclei form; what is
called the standard nucleation theory (historically most used, Becker & Döring 1935),
and what is referred to as chemical kinetic nucleation (Cherchneff 2010). Classical nu-
cleation theory was first developed to model the condensation of water in the earth’s
atmosphere. The model assumes that thermodynamical equilibrium is reached. This
assumption means that the properties of the dust clusters are given by extrapolation
from bulk properties of the gas. This has the advantage that the thermodynamics
can be described analytically, but it has been questioned whether this assumption is
reasonable for the environment in space, where the density is much lower than in the
atmosphere. Furthermore, thermodynamical equilibrium is likely a bad assumption
in dynamic systems such as stellar outflows (e.g. Donn & Nuth 1985). Chemical ki-
netic nucleation describes nucleation by mapping all chemical reactions in the gas that
could lead to formation of dust, in order to limit the number of elements available
from which dust and molecules can be formed. This method attempts to take into
account the dynamics of stellar winds. The two methods give different dust masses,
and observations have yet to fully reach a stage where one can be ruled out.
If we follow the evolution of a population of stars, the first stars to reach a stage
where dust is produced are red supergiants (RSGs) and Wolf-Rayet (WR) stars. RSG
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are evolved O or B stars that have expanded as they burn helium in their core, and
are hence relatively cool (< 5000K) on the surface, so that dust can condensate in the
winds flowing from the star. Massey et al. (2005) estimate that RSGs contribute dust
grains at a surface density rate of 3 × 10−8M⊙ yr−1kpc−2. WR stars are a subset
of successors to massive RSGs which undergo heavy mass loss. This drives away
the dust created prior to the WR phase, so WR stars appear dust-less, unless in a
binary system where the ejecta interacts with the wind from a companion O-star (e.g.
Monnier et al. 2002). The overall contribution from evolved O or B stars is estimated
to be less than 1% of that of AGBs and SNe (Gall et al. 2011).
Later in the stellar evolution, core-collapse SNe are responsible for dust produc-
tion. SN ejecta are thought to be ideal places for dust production as we know SNe form
metals, which are needed. However, some mechanisms in a SN explosion are still not
understood, and this complicates the understanding of dust formation as well. We do
know however, that dust can be formed quite rapidly after the explosion, as observed
by Gall et al. (2014). SN ejecta contain layers of relatively pure oxygen and carbon,
so both silicates and carbon type dust can be formed. Late-time observations of dust
in SNe, show a smaller amount of dust than models predict. A solution to this could
be that dust is destroyed by reverse shocks, i.e. the shocks caused by the interaction
of the ejecta with the ambient medium (e.g. Nath et al. 2008; Biscaro & Cherchneff
2014).
Stars with masses < 8M⊙ go through an AGB phase during the late evolution-
ary stages. AGB stars burn shells of hydrogen and helium around a degenerate
carbon/oxygen core. They have increasingly high mass-loss, losing up to ∼ 80% of
their total mass during the AGB phase. During these stages, a large amount of dust
is formed (and the newly formed dust then help drive mass-loss), and the dust is
injected into the ISM, making AGB stars prime candidates for dust formation, as
additionally, they are rich in molecules (e.g. Yang et al. 2004), which are needed to
form dust. Whether carbon or silicon material is formed is governed by the C/O
ratio.
After the grains are injected into the ISM, physical processes will alter the size and
composition. The dust grains formed in AGB stars and SNe are rather large, but at a
certain metallicity, Zcrit, shattering (fragmentation of the dust grains) dominates and
a large amount of small grains are produced. These small grains might grow again, by
accreting gas-phase metals from the ISM, or by coagulation (sticking grains together)
in dense molecular clouds. Draine (2003a) calculate that in fact most Si atoms in the
dust grains are accreted to the dust in the ISM. Grains can also be destroyed in the
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ISM by UV light from stars.
All this results in complex dust grains that consist of carbon or silicate cores cre-
ated in the stellar component, with outer layers consisting of a diverse number of
elements added subsequently in the ISM. The effects of shattering and accretion/co-
agulation under different conditions in the ISM lead to a large range in dust size, from
complex molecules to grains the size of ∼ 0.5µm. Models show that dust produced
in SNe can even be as large as 1µm (Sarangi & Cherchneff 2015).
Having described the formation and composition of dust, I now turn to the meth-
ods used to quantify the contribution from dust in astrophysical observations.
6.3 Dust Emission
As mentioned above, interstellar dust absorbs up to 50% of all starlight in a galaxy.
This large amount of energy is primarily used to heat up the dust grains, which then
radiates with a thermal spectrum. Fig. 6.2 shows an example of the dust emission
spectrum, including the features described in Section 6.1.2.
The total luminosity from one dust grain can be divided into a contribution from
a pure blackbody spectrum depending only on temperature, and the emissivity Q(λ)
which depends on the material; Ldust ∝ Qλ×BBλ(T ). The emissivity is given as the
effective over the geometric cross section of the dust grain; Qλ = σλ/σg. It can be
approximated as Qλ ∝ λ−β , where β = 1 for amorphous material, and β = 2 for
crystals. In the special case where λ ∼ a, a being the size of the grain, Qλ ∼ a/λ.
When λ ≫ a, the photon is not affected by the dust and Qλ = 0. For λ ≪ a,
Qλ ∼ constant (see e.g. Draine 2011).
Dust radiates predominantly in the mid- and far-infrared (as the grain size is in
µm). The near-infrared wavelength area is relatively free of dust contribution as the
Planck spectrum has fallen off here, but grains do not significantly absorb at such
large wavelengths. Apart from the thermal emission, if the dust grains have an electric
dipole, we would expect emission from rotational transitions in the microwave area
(e.g. Erickson 1957; Ferrara & Dettmar 1994). Maps of the Milky Way microwave
emission does indeed seem to confirm this, see Finkbeiner (2004).
6.4 Dust Absorption and Scattering
At optical and UV wavelengths dust largely affects the background light. When
quantifying the amount of light missing at different wavelengths (see e.g. Section 6.5),
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Figure 6.2: Figure from Compiègne et al. (2011) showing emission from the diffuse ISM at
high-Galactic latitude. The data are fitted with a dust model containing silicates, carbona-
ceous dust and PAH molecules (SamC and LamC is short for small and large carbon-based
grains respectively, while aSil is short for amorphous silicates).
it is important to distinguish between the terms extinction and attenuation.
Extinction refers to the combined absorption and scattering (out of the line-of-
sight) of photons by the dust. The light is from a background point-source so the
distribution of dust is irrelevant. Attenuation refers to the net effect of dust when
the light source is within the dust (an extended source, for instance a galaxy). The
scattering contribution now includes scattering both into and out of the line-of-sight.
The net effect of dust hence depends on the relative geometry of the source and dust.
Dust scattering gives rise to reflection nebulae, as the grains surrounding a star
reflect the starlight. Dust in the ISM of the Milky Way also reflects starlight in general
causing what is called the diffuse Galactic light. Fig. 6.3 show extinction cross-section
and albedo (normalised per H) as a function of wavelength. The figure illustrates how
adding scattering-effects to the extinction will give a less wavelength dependent results
(in the optical region), as the two effects peak at different wavelengths. Scattering
also polarises light, but I will not go further into this here, and instead refer to for
instance Draine (2003a).
For the simple case of a point-source behind the dust, the radiative transfer equa-
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Figure 6.3: Figure from Draine (2003b) showing extinction cross-section (lower panel;
normalised per H) and albedo (upper panel) as a function of wavelength.
tion gives (Equation 4.2):
Iλ = Iλ,0 e
−τλ , (6.1)
where τλ is the optical depth of the dust along the line-of-sight, and Iλ is the inten-
sity, where 0 indicates the extinction free value. The extinction at wavelength λ is
often given in magnitudes, defined as the change caused by the dust in the apparent
magnitude of the background source:
Aλ = mλ −mλ,0 = −2.5 log I
I0
= 2.5 log(e) τλ. (6.2)
The total contribution of extinction (or attenuation) to the spectrum of a background
source, is referred to as an extinction (attenuation) curve.
6.5 Extinction and Attenuation Curves
Examples of extinction curves are given in Fig. 6.4. The figure shows the widely used
extinction curves for the average line-of-sight through the Milky Way as well as the
Large and Small Magellanic Clouds determined by Pei (1992). Plots often show the
curve normalised to the extinction in the V band (peaks at 540nm), AV .
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Figure 6.4: Pei (1992) extinction curves normalised at the V band.
Deriving the extinction curve requires knowledge of the spectrum of the dust-free
source. This knowledge is rarely present, and exact extinction curves are therefore
only known for the local universe. Here, they are usually determined by comparing
pairs of stars with the same spectral type, one extinct by dust, and one with a clear
line-of-sight, see e.g. Fitzpatrick & Massa (1990) and Pei (1992). This can be done
because the spectral classification of a single star has no significant dependance on
reddening effects. Outside the local galaxy group, single stars cannot be resolved.
When correcting for extinction in general, we hence have to make assumptions about
the dust along the line-of-sight, and apply the known extinction curve that most
likely corresponds to the conditions along the line-of-sight. Common extinction curves
include the Pei (1992) SMC curve, the Fitzpatrick & Massa (1990, 2007) MW and
LMC curves, and the Calzetti et al. (2000) attenuation curve for starburst galaxies.
As can be seen in Fig. 6.4, even locally, there are large differences between the curves.
In most sight-lines through the MW, we observe a large 2175Å bump. This is also seen
in the LMC (though weaker), but only in few lines-of-sight in the SMC. Furthermore
there is a large difference in steepness for the three average curves.
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If the intrinsic colour of the background object is known, the colour excess is
measured, rather than the extinction. This relates to the extinction as:
Eλ1−λ2 = Aλ1 −Aλ2 . (6.3)
Often the magnitudes used are the visual and blue, in which case the extinction curve
is given as:
Aλ = k(λ)EB−V =
k(λ)AV
RV
, (6.4)
where RV is the ratio of total to selective extinction, and k(λ) is the reddening curve.
1/RV is then related to the slope of the extinction curve, and RV is often given as
a measure of the wavelength dependance of the dust absorption. A typical value for
the ISM in the MW is RV = 3.1 (Pei 1992).
Attenuation curves depend on the geometry of the dust. Generally they are flat-
ter (i.e. have a higher RV ) than extinction curves, because the effect of including
scattering in and out of the line-of-sight, is to blur the wavelength dependance.
6.6 Methods of Determining Dust Extinction
There are different methods of estimating the amount of dust extinction in the ob-
served line-of-sight, when the shape of the extinction curve, and/or the intrinsic spec-
trum of the source is not known. Here I will explore some of the most common
methods.
6.6.1 Balmer Decrement
One such method is called the Balmer decrement, which relies on observations in-
cluding more than one emission line from the Balmer series. Assuming a Case B re-
combination (usually a good assumption for star-forming regions, see Section 4.5.2),
we know the relative intrinsic strength of the Balmer lines. Any deviation from this
ratio is then assumed to be due to reddening by dust. The intrinsic ratios of the first
three lines in the series is given by Osterbrock (1989) as:
Hα
Hβ
= 2.86 and
Hγ
Hβ
= 0.47.
To translate the observed change in ratios into an amount of dust, the extinction curve
must be known, but at the wavelengths of the first Balmer lines, most extinction curves
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are fairly similar. Further constrains can also be put on the curve, if more than two
lines are observed. The colour excess can then be calculated by dividing:
Fint(λ) = F0(λ)× 100.4EB−V k(λ), (6.5)
for e.g. Hα with the same equation for Hβ, and solve for EB−V . Wiersema (2011) has
expanded on this method, using multiple H and He recombination lines simultaneously
to determine the reddening.
The Balmer decrement is a very useful tool, under the condition that the actual
extinction curve of the dust behaves similar to what is commonly found in the local
Universe, but see Chapter 7 for an exception.
6.6.2 IRX-β Relation
At higher redshifts, the Balmer line fluxes are usually too weak to be observed. Fur-
thermore, the lines are shifted out of the atmospheric window, where we can observe
from the ground. The easiest accessible wavelength area then becomes the rest-frame
UV. To determine the dust extinction from the UV spectrum/SED, many observa-
tions rely on an empirical relation between the infrared excess (IRX=LIR/LUV )
due to dust emission and absorption and the slope β of the UV spectrum, see e.g.
Meurer et al. (1999) and Overzier et al. (2011). The idea is that the infrared excess
traces the total dust attenuation, while β traces the reddening. A higher amount of
dust should lead to an increase in both parameters.
Fig. 6.5 shows an example of the IRX-β relation for UV-selected starburst galaxies.
Galaxies of different classifications do not follow the same relation, as their intrinsic
colours are different, and hence relate differently to the total amount of dust. Less
active star-forming galaxies have a larger spread in the relation (e.g. Dale et al. 2007).
To use a given IRX-β relationship for a galaxy, we have to assume that this galaxy
has a similar attenuation law to the galaxies used to derive the relation (so a given
amount of dust always results in the same amount of reddening). Hence, we need
to know the properties of the galaxy we want to study quite well, which makes it
uncertain whether we can use this relation at higher redshifts and compare to the
local Universe, though it has been suggested that this is indeed possible for LBGs
(see e.g. Overzier et al. 2011).
Note on age/dust degeneracy
One problem for many dust estimators, including the IRX-β relation, is the age–dust
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Figure 6.5: IRX-β relation for local UV bright starburst galaxies. Figure taken from
Meurer et al. (1999). The dotted line shows the dust-absorption/population model proposed
by Pettini et al. (1998).
degeneracy. Since dust reddens a population of stars, it is difficult to distinguish be-
tween a young (intrinsic blue) dusty population from an older, more evolved (intrinsic
more red), but dust-free population. To break this degeneracy, we need additional
information on either parameters which does not depend on the colour excess, such as
for instance the Balmer decrement, or equivalent hydrogen column density, see below.
6.6.3 Dust to Gas/Metal Ratio
Observations of the Milky Way show that the ratio between gas and dust mass is
relatively constant throughout the Galaxy. This gives a relationship between AV and
the column density of hydrogen NH, for the observed dust-to-gas ratio. One relation
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that is often used is that determined by Bohlin et al. (1978):
AV /NH = 5.35× 10−21mag cm2. (6.6)
For a given sightline through the MW, the extinction can then be determined from the
measured hydrogen column density alone (often using a correction factor for molecular
hydrogen). The relation is not universal however, and even in the Magellanic clouds,
the dust-to-gas ratio is significantly different, see e.g. Roman-Duval et al. (2014).
Another parameter that is perhaps more tightly linked with dust extinction is the
metallicity, as the available metals directly constrain how much dust can be formed.
The total metal column density can be determined from X-ray absorption, and is
often given by the equivalent hydrogen column density. This is the hydrogen column
density the metal absorption would imply, if assuming solar metallicity. Using GRB
X-ray afterglows as background sources, Watson (2011) finds the relation:
AV /NH = 2.2× 1021mag cm2. (6.7)
Observations seem to indicate that this relation, based on a constant dust-to-metal
ratio, is valid outside the local Universe, and over a large range of metallicities, with
only a small scatter (see Zafar & Watson 2013). If this is the case, then we can use
measurements of the metal column density to determine the dust extinction.
6.6.4 Abundance Patterns
If the column densities of several different elements along the line-of-sight is known,
then an analysis of the relative abundances can be used to determine the amount of
dust, see for example Section 5.3.2. If we can determine the intrinsic relation between
the abundances of sets of elements, then we can calculate the amount of elements
bound up into dust, and from there get an estimate of how much dust this equates
to. There are three processes that can cause the relative abundance pattern to be
different from that of the solar environment; non-solar nucleosynthesis, which would
mean that the intrinsic abundance ratios are different, photoionisation effects, which
would mean that the column density we measure from a specific ionisation state might
not account for the total amount of the given element, and dust depletion, which is
the result of some elements being more easily depleted into dust than others.
Different elements are sensitive to the different processes. To determine whether
our observed system has gone through non-solar nucleosynthesis, we can compare the
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ratio of elements believed to be formed through different processes, for instance an
α-element such as S or Si, to an iron-peak elements, such as Fe or Cr.
We can rule out ionisation effects, if we can observe lines of all relevant states,
and add up the column densities. This is often not feasible however, and instead we
compare the ratio of two elements with the same nucleosynthetic origin, but different
sensitivity to ionisation such as O and Si.
To determine the amount of dust depletion, elements are compared which are
non-refractory, i.e. rarely depleted into dust, such as S and Zn, with heavily depleted
elements, such as Fe or Cr.
The more elements we observe, the better we can disentangle the different effects.
Often we have to rely on only a few available elements, and then make assumptions
about e.g. the dominant ionisation state in the observed environment. For particular
environments, such as DLAs, statistical studies have been carried out, which can be
used to help identify which effects are likely dominant for the different ratio-values
(see e.g. Prochaska & Wolfe 2002; Dessauges-Zavadsky et al. 2006). Fig. 5.5 shows
an example of fitting the entire abundance pattern to a known environment, such as
the Milky Way disc.
6.7 Gamma-Ray Bursts Extinction Curves
Having now looked at some methods to estimate the dust extinction without knowing
the extinction curve, we look at one unique method to actually determine the extinc-
tion curve for lines-of-sight outside the local group, namely using GRB afterglows.
GRB afterglow spectra have an intrinsically simple form consisting of a simple
power law across the entire observed spectrum, with the possibility of a cooling break,
see Section 2.3. This means that it is relatively easy to distinguish the contribution
from dust to the SED, especially since we can include X-rays, which are hardly affected
by dust extinction.
The usual approach to determining the extinction curve for a given GRB line-of-
sight, is to assume that one of the local curves can be used to describe the environ-
ment, and then fit the SED with an absorbed single or broken power law (including
Galactic absorption), and find the curve that results in the best fit. This is the ap-
proach used in works such as Zafar et al. (2011) and Schady et al. (2012), which use
curves from Pei (1992) for the LMC and SMC and curves from either Pei (1992) or
Fitzpatrick & Massa (2005) for the MW, see Figs. 6.4 and 6.6.
The general result from GRB extinction curve fits is that the average SMC ex-
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Figure 6.6: Example of extinction curve fits to the afterglow SED of GRB050401 from
Zafar et al. (2011). The best fit for both Milky Way and SMC type extinction is plotted.
tinction curve provides a good fit in the majority of cases (see e.g. Jensen et al. 2001;
Fynbo et al. 2001; Kann et al. 2006; Greiner et al. 2011; Zafar et al. 2011; Schady et al.
2012). This confirms other studies (e.g. Pei et al. 1991; Elíasdóttir et al. 2006), find-
ing that the 2175Å bump is only rarely seen outside the Galaxy, although it should
be noted that it often falls outside the observed wavelength range.
The SMC curve generally goes together with a relatively low/moderate extinction,
which is found in the line-of-sight of many bursts. More dusty lines-of-sight have
been observed though (e.g. Krühler et al. 2011), including several detections of the
bump, see for example Elíasdóttir et al. (2009) and Perley et al. (2011). It has been
speculated that the large preference for an SMC like extinction curve is at least in part
due to a bias towards dusty lines-of-sight. A significant fraction of detected GRBs
are optically dark (Jakobsson et al. 2004; Rol et al. 2005, see Section 1.2.2), which
prohibits a study of their extinction curves. The lack of an optical afterglow is likely
due to dust obscuration (e.g. Jaunsen et al. 2008; Covino et al. 2013), meaning that
we are missing the dustiest part of the extinction curve sample.
There is a growing amount of evidence (see for instance Chapter 7) that a large
subset of GRBs are in fact poorly fit with local extinction curves. The discrepancy
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is rarely apparent unless an alternative estimate of the extinction exists, such as a
measure of the depletion or X-ray equivalent hydrogen column density. While it is
possible that the extinction derived from e.g. the dust depletion could be wrong, if
the environment of the GRB is significantly different from that of other DLAs (see
Section 7.2.1), it is conspicuous how, for almost every GRB sight line with a dust
depletion measure, these are in disagreement with the dust extinction derived from
the extinction curve fit, see e.g. Savaglio & Fall (2004) and Chapter 7.
This has led to suggestions that local extinction curves are inadequate to describe
the dust properties in GRB hosts (e.g. Li et al. 2008). Instead, the allowed extinc-
tion curve should be parameterised, using for instance a Fitzpatrick & Massa (2005)
parametrisation, see Section 7.2.2. This of course means that the extinction curve is
much less well constrained, unless other measures of the dust are available.
In Chapter 7, it is speculated that a part of the GRB sightlines that are well fitted
with an SMC curve with very little dust extinction, could in fact have a significant
amount of dust, in the form of what is called grey dust.
6.8 Grey Dust
The term ’grey’ is used in astronomy to nominate something that is (relatively) wave-
length independent. An object that emits like a blackbody, will have a colour, or
spectral peak wavelength. An object that does not have a specific colour, is then
referred to as grey.
For interstellar dust, grain size is what dominates the wavelength dependance, at
least for the silicates, see Fig. 7.4. Grey absorption corresponds to large dust grains.
So the observation of grey dust, must mean that some mechanism is responsible for
unusually large grains. When dust is first formed in stellar ejecta, particularly in
SNe, theory predicts that the grains are indeed quite large, but are broken down and
partially destroyed by reverse SN shocks, and shattering in the ISM. Subsequently
the grains grow again by accreting metals out of the gas, or by coagulation.
To end up with a population of large grains then, either the dust shattering must
be ineffective compared to the grain growth in the ISM, or the destruction in shocks
has worked primarily on smaller grains, so the original large grain population has
survived (or a combination of the two).
The latter has been postulated for dust in the surroundings of a GRB. Waxman & Draine
(2000) showed how the prompt optical-UV flash, sometimes observed to accompany
the GRB, can be responsible for destroying dust by sublimation out to a distance
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∼ 10pc from the burst. Perna et al. (2003) showed that the radiation will prefer-
entially destroy silicates and small graphite grains, leading to a greyer extinction
(they suggest this process to be partially responsible for the lack of 2175Å bump
detections).
Ferrara et al. (1991) and Shustov & Vibe (1995) investigated how dust swept out
of the Galaxy, is affected by sputtering (i.e. the stripping of atoms from the dust
grains by bombardment of energetic particles) from hot halo gas. The sputtering is
largely ineffective on grains of the size a ∼ 0.1µm, but has a large effect on grains
with a ∼ 0.01µm, leading to a skewed size distribution for extragalactic dust. If
the IGM is indeed rich in large dust grains, that would mean an added term of dust
extinction on observations, which does not show as a reddening effect (Aguirre 1999).
Alternatively, the grains may survive the reverse SN shocks. Observations of
SN 1987A show a population of large grains being ejected. Sarangi & Cherchneff
(2015) suggest that the larger grain size distribution is the result of a more clumpy
SN ejecta. By clumping together, a bigger part of the original large-sized grains may
survive, and enter the ISM.
Detection of thermal emission from dust in high-z QSO observations imply a far
higher dust mass in the early Universe than previously thought (Omont et al. 2001,
2003; Bertoldi et al. 2003). This has posed a problem for current dust production
models, when compared to the observed redshift for re-ionisation and the first galaxies
(e.g. Becker et al. 2001; Tanvir et al. 2009; Komatsu et al. 2011), as this means it will
have taken only about 500Myr, or possibly much less, to build up a very high amount
of dust (Gall et al. 2011). A fast and very efficient production mechanism is needed.
In SN models, large grain sizes will decrease the amount of dust needed to fit the
data, and hence, may help to solve the problem of where the high amount of dust
comes from (e.g. Wesson et al. 2015). Furthermore large grains will help keep down
the temperature needed to heat the grains, which would make the dust spectrum
from SNe fit better with SN theory (the heating source here is the radioactive decay
of short-lived isotopes).
Grey dust has also been observed locally; coreshine in molecular clouds for in-
stance, has been investigated by e.g. Lefèvre et al. (2014). Coreshine is the process
of scattering of large grains, resulting in emission at 3.6 and 4.5µm. For the grains
to be able to scatter radiation at these wavelength, the size needs to be considerable.
Another example of local grey dust is reported by De Marchi & Panagia (2014). They
fit the extinction law for the 30 Doradus nebula in the LMC. Due to the fact that the
dust is distributed unevenly, they have observations of red giants both unobscured
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and obscured by dust to compare. They find a good fit using an extinction curve for
the diffuse Galactic ISM plus an extra grey extinction component.
Grey dust has also been observed in dust clouds passing in front of the T Tauri star
RW Aur A. In this case, we know the total extinction, as we have measurements before
and during a passage. Petrov et al. (2015) observe this dust to be grey, suggesting
that maybe large dust grains have been stirred up from the inclined disk of the star
through interaction with the stellar wind.
In conclusion, there is ample evidence for the existence of grey dust both locally,
and at higher redshifts. In the next chapter, grey dust in a GRB host is investi-
gated, and the consequences for cosmology and astronomy, if this component is more
ubiquitous than assumed, is explored.
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Abstract
Aims: To investigate the occurrence and consequences of a dust grain-size distribu-
tion skewed to large grains in GRB host galaxies. We then extrapolate to young,
star-forming galaxies at high redshift. The implications of our results for the star-
formation history of the Universe is discussed.
Methods: We quantify the metallicity and amount of dust extinction expected along
the line-of-sight to GRB121024A using depletion measurements from absorption line
analysis. We then determine constraints on the extinction curve from fitting the spec-
tral energy distribution. These results are then compared with the literature for GRB
extinction curves to determine how common the dust component responsible for such
an extinction curve is, and we tentatively suggest an extrapolation of this result to
all young galaxies with properties similar to GRB hosts.
Results: We find constraints on the extinction curve towards GRB121024A lead-
ing to the most extreme RV ∼ 16 determined to date. Going through the GRB
line-of-sight extinction curves in the literature, we find an upper limit of ∼ 30% to
the amount of systems that could potentially have such a flat extinction curve. We
show that the dust responsible for this extinction could be a standard Milky Way
dust composition, but skewed towards large significantly grain sizes. We furthermore
demonstrate that incorporating the assumption that a large grain component may
have been more common in the earlier Universe leads to changes in the standard
picture of the Universal star-formation history.
Conclusions: Our results indicate that great care is needed when correcting obser-
vations for attenuation outside of the local Universe.
7.1 Introduction
The study of extinction towards astrophysical sources is of importance both on ac-
count of what we might learn about the composition of interstellar dust, as well as
enabling us to remove this dust contribution from the underlying source we might
wish to study. Well quantified extinction curves exist solely for lines-of-sight within
the local group of galaxies, where individual pairs of stars can be observed and com-
pared, and the dust content mapped extensively. When correcting for extinction at
higher redshifts it is customary to use the average extinction curve of the Milky Way
(MW), or one of the Large and Small Magellanic Clouds (LMC and SMC). These
three curves are quite different in shape, with the average MW curve being quite flat
and with a large 2175Å bump (see e.g. Draine 1989), while the average SMC curve
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is steep and without any indication of the bump. The LMC curve is between the two
in shape.
The large difference between these curves means that in most cases we will find
a reasonable fit when applied to lines-of-sight towards higher redshift sources. On
the other hand, the fact that, in these three galaxies alone, we observe such a large
difference, should make us consider carefully before they are applied universally. Even
the individual lines-of-sight within each of the galaxies vary, with some lines in the
SMC actually displaying the 2175Å bump, while some lines within the MW do not.
For a short review see Elíasdóttir et al. (2009) and references therein. To study the
extinction along discreet lines-of-sight outside the local group, quasars and gamma-
ray bursts (GRBs) have been used as background sources due to their brightness and
the existence of canonical GRB spectra (e.g. Zafar et al. 2011; Schady et al. 2012;
Khare et al. 2012). Spectral energy distributions (SEDs) for GRB afterglows are in
the majority of cases well fit with an SMC extinction curve, though exceptions are not
uncommon. The 2175Å bump has been observed in several cases (Elíasdóttir et al.
2009; Perley et al. 2011; Zafar et al. 2012), and an increasing number of unusually
flat extinction curves have been reported. Savaglio et al. (2003) first suggested grey
extinction for the GRB environment, to reconcile the fact that they found a large vi-
sual extinction, evident from dust depletion measurements in three GRB afterglows,
while GRB afterglow SEDs are in general only very slightly reddened. This sug-
gestion was supported by Savaglio & Fall (2004) who, this time, reported high dust
depletion in the same burst, GRB020813, for which virtually no curvature is appar-
ent in the SED. Since then a possible grey dust component has been reported for
several GRBs. Examples include GRB020405 towards which Stratta et al. (2005) re-
ported an extinction law only weakly dependent on wavelength to be the best solution
if the simultaneous NIR–to–X-ray spectrum should fit the external shock model for
GRB afterglows. Similarly Perley et al. (2008) suggest grey dust towards GRB061126
(z = 1.16) to explain that while the optical–to–X-ray slope, βox would classify this as
a dark burst (Jakobsson et al. 2004), implying large quantities of dust, an SED fit to
local extinction laws indicate no host-frame extinction. We note that the opposite,
i.e. an unusually steep extinction curve, has also been reported along lines-of-sight to
GRBs, e.g. GRR080605 (Zafar et al. 2012) and GRB140506A (Fynbo et al. 2014).
Grey dust is known from direct measurements in the local group as well. While
Rodigas et al. (2012) report grey dust in the disc of a nearby star HD 15115, De Marchi & Panagia
(2014) studied the extinction towards the 30 Doradus nebula in the LMC, reporting
the absolute extinction of individual stars. They find that in addition to the standard
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Galactic diffuse interstellar media, an extra grey component is needed to explain the
measurements.
In this paper, we present, in detail, the evidence for grey dust in the line-of-sight to
GRB121024A as reported in Friis et al. (2015) (F15, hereafter). While flat extinction
curves have been reported in singular cases before, sample studies of extinction curves
towards GRBs generally find no need for such a solution. But in the majority of
cases, an alternative determination of the extinction does not exist. When this is
the case, the lack of reddening in the SED will be interpreted as equal to a lack of
dust. In this paper, we go through a sample of GRB extinction curves to determine
how often the dust extinction could potentially be underestimated as a consequence
of ignoring grey dust. We then go on to explore the ramifications, if a significant
ratio of GRB environments does indeed host grey dust, generalising to studies of all
star-forming, high-z galaxies. In Sect. 7.2 we report the results for, and discussion
of, the extinction along the line-of-sight to GRB121024A. In Sect. 7.3 we discuss the
GRB extinction curve samples with regards to grey dust, and in Sect. 7.4 we discuss
the origin of grey dust along with the potential consequences for missing this dust in
extinction/attenuation corrections.
7.2 GRB121024A
GRB121024A is a z = 2.30 burst first observed by the Burst Alert Telescope (BAT,
Barthelmy et al. 2005) onboard the Swift satellite (Gehrels et al. 2004) on 2012 Oc-
tober 24 at 02:56:12 UT. In this paper we make use of afterglow data acquired for
and described in F15, where it was found that a very flat (RV ∼ 16) extinction curve
was needed to fit the dust extinction. Below we highlight and expand on the analysis
leading to that result.
7.2.1 Metallicity and dust depletion of the birth site of GRB 121024A
The afterglow spectrum of GRB121024A contains a large number of absorption lines
from several elements, including hydrogen (the column densities and abundances are
reported in Tables 4 and 5 of F15). Most importantly here, we measured [Zn/Fe]
= 0.85 ± 0.06. This abundance ratio is referred to as the depletion factor. It is
used as an indicator of the amount of dust in a system, as Fe is usually found to be
heavily depleted into dust, while Zn is only a mild refractory element. Based on this
[Zn/Fe] value and following De Cia et al. (2013), we calculated DTM = 1.01± 0.03,
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i.e. consistent with the Galaxy. Taken together with the determined metallicity of
[Zn/H]corr = −0.6± 0.2 and column density logN(H i)/cm−2 = 21.88± 0.10, we used
the Galactic dust-to-metal ratio AV,Gal/N(H,Gal) = 0.45 × 10−21mag cm2 of Watson
(2011), to determine an expected extinction of AV = 0.9± 0.3mag.
As described in Sect. 7.2.2, the spectral data do not agree with the predicted visual
extinction using a standard extinction component. Here we first examine whether the
abundance pattern could be explained by other effects, i.e non-solar nucleosynthesis
or ionisation.
[Zn/Fe] is often used to probe the level of dust depletion, as the two elements
are observed to have a similar nucleosynthetic origin, but while Zn is observed to
be only mildly depleted, Fe is normally heavily depleted into dust. Zn is not an
Fe-peak element though, so there could potentially be a difference in nucleosynthe-
sis. Damped Lyα absorber (DLA) samples studies, e.g. Ledoux et al. (2002) and
Dessauges-Zavadsky et al. (2006), have shown that while at low dust depletion levels,
Zn can be slightly overabundant intrinsically with [Zn/Fe]≤ 0.2, a larger difference
can with high certainty be attributed to Fe being locked in dust. In fact Berg et al.
(2015) find that the majority of DLAs have sub-solar [Zn/Fe]. For GRB121024A we
observe [Zn/Fe]= 0.85 ± 0.06, which if indicative of an intrinsic different abundance
ratio, would be more extreme than ever observed before. We hence conclude that this
large ratio is almost certainly due to significant dust depletion (in fact, if [Zn/Fe] is
sub-solar, we underestimate the amount of dust in this line-of-sight).
We furthermore observe the two α elements S and Si. Unfortunately those lines
are all saturated so we only have lower limits on the abundances, but these are in
agreement with the Zn metallicity, supporting a negligible contribution from differ-
ential nucleosynthesis to [Zn/Fe]. At the observed column density of hydrogen most
elements are expected to be primarily in the single ionised state, as their neutral states
have ionisation potentials lower than hydrogen (1Ryd= 13.6keV), i.e. the DLA sys-
tem is optically thin to ionising photons (Wolfe et al. 2005). This is supported by the
fact that we observed the same velocity profile for all species (with the exception of
Ca ii, see details in F15).
In addition to these considerations, we also point out that the detection of a
significant amount of molecular hydrogen also indicates a relatively high amount of
dust, as it is believed that H2 forms on the surface of dust and, once formed, is
shielded from Lyman-Werner photons by the dust grains. Detections of molecular
hydrogen and a high amount of dust are also seen to coincide for QSO-DLAs, see e.g.
Fynbo et al. (2011b) and Krogager et al. (2015). In conclusion, it is very likely that
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the observed [Zn/Fe] is indeed due to dust depletion, but in what follows, we allow
for a small ([Zn/Fe]≤ 0.2) intrinsic difference in the uncertainty of the derived AV
values.
7.2.2 Extinction Curve
Figure 7.1: Extinction curves for the line of sight to GRB121024A. We plot the best fit
to a Fitzpatrick & Massa (2007) parameterisation assuming AV = 0.9mag as expected from
the measured metallicity, H i column density and dust-to-metal ratio. The solid black curve
shows the best fit extinction curve for a broken power law, while the best fit for a single
power law is plotted with the dashed red curve. The underlying shaded areas display the
allowed extinction values within the AV error-space of ±0.3.
We fitted the simultaneous optical/NIR and X-ray spectral data in F15, including
the extinction models of Pei (1992) in the fits. We found that none of these curves
can account for the amount of dust we know is present as determined from depletion
patterns through a fit to absorption lines in the spectrum. As described in F15, we
performed a fit to the XRT X-ray data alone and extrapolated the resultant best-fit
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Table 7.1: Parameters of the FM fits
Model c1 c2 c4 c5
Single power law −3+1
−2 1.7
+1.2
−0.6 0.8
+0.5
−0.2 4.8± 0.1
Broken power law −5+1
−2 2.8
+1.5
−0.8 0.9
+0.5
−0.2 5.31
+0.07
−0.04
power-law to optical wavelengths, which we then compared with the observed optical
spectrum to create an extinction law. We applied both a single power law, as well
as a broken power law with a cooling break (β = 0.5) placed between the optical
and X-ray wavelengths, see Fig. 7.1. Here, we use the Fitzpatrick & Massa (2007)
parameterisation to describe the extinction curve. This model provides a high degree
of freedom in the fit, which is suited to our needs, as we simply want to describe
the extinction curve in a way that would allow others to use it as a template. To
improve fit statistics, we fix the model parameter c3 = 0 in the final fit, after having
determined that there is no indication of the 2175Å bump, the strength of which is
determined by c3 in the model.
Table 7.1 gives the resulting parameters both for the single power law fit and for
the broken power law. The errors are dominated by the error on AV = 0.9 ± 0.3 as
determined from the depletion pattern.
7.2.3 A different origin for the X-rays?
As an alternative to a flat extinction curve, Perley et al. (2008) discuss the possi-
bility of a separate origin for the X-rays to explain the discrepancy between X-ray
and optical fluxes for the afterglow of GRB061126. This possibility has been in-
voked previously (e.g. Oates et al. 2007; Panaitescu 2007) to explain the Swift X-ray
breaks. For GRB121024A the high amount of dust present is evident in the X-shooter
data alone, from the depletion. However, the aforementioned extinction curve (Sec-
tion 7.2.2) is derived assuming that the X-ray and optical data are all dominated by
the GRB afterglow. As seen in Fig. 7.2, the XRT light curve does show evidence of
flaring at the time of the X-shooter spectrum. Hence, we cannot rule out that the
XRT data is dominated by another component than the afterglow.
If the XRT data are flare-dominated, we would expect them to be well fitted by
an absorbed synchrotron model. Furthermore, the low energy tail should fall off fast,
as we see no sign of this tail in the optical spectrum. To test the plausibility of this
theory for GRB121024A, we have fitted the X-ray data to a Band model (Band et al.
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Figure 7.2: Late X-ray light curve for GRB121024A. The grey arrow indicates the mid-
time for the X-shooter data. Likewise the black arrow indicates mid-time for the GROND
data used to flux-calibrate the X-shooter spectra. We assumed a slope of α = 0.8 for the
optical light curve to extrapolate the X-shooter data to GROND mid-time, and extracted
simultaneous X-ray data.
1993) using Xspec and including photoelectric absorption from both the Milky Way
(z = 0, fixed at N(H)GalX = 5.36×1020 cm−2, from the Leiden/Argentine/Bonn (LAB)
Survey; Kalberla et al. 2005) and the GRB host galaxy (left free to vary). Using
the results found by Baring & Braby (2004), we constrained the low energy spectral
index to α < −2/3 as expected for a synchrotron or SSC (synchrotron self-compton)
spectrum.
We find that this model provides a reasonably good fit (reduced χ2 = 2.7), and as
seen in Fig. 7.3, the spectrum falls off fast enough, so that no tail would be visible in
the X-shooter data. We conclude that it is possible that the XRT data are dominated
by flaring. If this is the case, then the intrinsic afterglow flux at X-ray energies must be
lower than those observed by the XRT. That would mean that the intrinsic afterglow
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power law, and hence the extinction curve, must be even flatter. The extinction curve
shown in Fig. 7.1 can then be considered an absolute upper limit in steepness.
Figure 7.3: Folded data and best fit band model (restricted to α < −2/3). The X-shooter
data have been binned for illustrative purposes.
7.2.4 A differential dust destruction by the GRB?
The X-ray and UV radiation from the GRB can alter the circumburst environment,
destroying dust grains. Models predict that the evaporation of dust from the radiation
is biased towards smaller grains (Waxman & Draine 2000; Perna et al. 2003). This
has been put forward as a possible explanation of flat extinction curves towards GRBs
(e.g. Savaglio et al. 2003). However, the model distance from the GRB is quite small,
we would only expect to see an effect out to about ∼ 20pc. For the line-of-sight
towards GRB121024A, we have determined the distance between the GRB and the
absorbing gas to be ∼ 600pc and > 3.5 kpc for the two components respectively, see
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F15. Furthermore, we observe vibrationally excited molecular hydrogen lines from
the ground-state of H2 in the gas cloud furthest away from the GRB, but no H∗2 lines.
This is unlikely to have been the case, had the UV radiation been strong enough at
this distance to destroy dust grains (Draine & Hao 2002).
Differential dust destruction is also an implausible explanation for the other re-
ported cases of grey dust towards GRBs, as the GRB-to-cloud distances determined
in the literature are usually several hundreds of parsecs or more (e.g. Vreeswijk et al.
2007, 2013; Fox et al. 2008; Ledoux et al. 2009).
To sum up, the most convincing theory to explain both the SED and the abundance
pattern is grey dust in the vicinity of the burst. It is improbable that this dust
component is created by the GRB blast, so it is likely intrinsic to the GRB birthplace.
7.3 GRB extinction curve samples
Having determined that there is very likely grey dust in the line-of-sight towards
GRB121024A, we now try to quantify how pervasive this type of dust is towards
GRBs in general.
The physical properties of dust within GRB hosts have been the subject of several
recent papers presenting samples of GRB extinction curves from SED fitting. The
largest sample (to date) of extinction curves outside the local group is presented in
Zafar et al. (2011): 42 GRB lines-of-sight. They find that approximately two thirds
of the sample are consistent with an SMC-type extinction, while about one fourth
(11/41) is consistent with no dust extinction (while > 7% have a well-defined bump
at 2175Å). Of the 11 bursts with no measured extinction, 4 have SED fits with a
cooling-break frequency at an energy just under the X-ray data cut-off, while 3 more
have a break frequency between the optical and X-ray data-regions. These lines-of-
sight are candidates for containing grey dust, as there exists no constraints on the
break, nor other indications of the amount of dust in the host. The remaining four
are fit with a single power law, but the X-ray extrapolation leaves room for varying
quantities of grey dust for all but GRB080319B. Similarly several of the SEDs that
are well fit with a small amount of SMC-type dust show no apparent reddening in the
optical data, and have X-ray data that are either not good enough to constrain a fit,
or for which a flat extinction curve would fit just as well (most notably GRB060729).
Overall, up to about 30% of the Zafar et al. (2011) sample could potentially have a
flatter extinction law. We sum up the grey dust candidates in Table 7.2.
Schady et al. (2012) study a sample of 17 which only contains lines-of-sight to
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Table 7.2: Grey dust candidates in the Zafar et al. (2011) sample
GRB Break? Comment
050824 Yes X-rays fit well with no break, but grey dust
060512 Yes Break could be moved
060614 Yes X-ray fit badly constrained
060729 No Grey dust improves fit
060906 Yes Break right below X-ray energies
060927 No Poor data
061021 Yes Break right below X-ray energies
061110A No X-ray fit badly constrained
070110 Yes Break right below X-ray energies
071031 Yes Break could be moved
071112C Yes Break could be moved
080707 Yes Break right below X-ray energies
080916A Yes Break right below X-ray energies
GRB hosts with AV < 1. They set an upper limit of 12% on flat host extinction
curves. We note though that they have excluded from their sample bursts with no
apparent extinction (∼ 16%), which could potentially have contained grey dust, so the
actual upper limit might be as high as∼ 25% (the line-of-sight to GRB121024Awould
have been concluded to have no extinction, if no alternative dust estimate existed).
Complementary to this sample, Krühler et al. (2011) present a small sample of 8
GRB SEDs and hosts with AV > 1 (overlapping with the Zafar et al. (2011) sample).
As these are chosen to be dusty lines-of-sight, the optical data do appear reddened
compared to an extrapolation from the X-rays. At high visual extinction they find
that the SMC is no longer typically the best fit of the three local curves. Both LMC
and MW give comparable or better fit, with half the sample having a significant
2175Å bump.
For the bursts in Table 7.2, we went through the literature to look for any potential
additional information on the amount of dust. Several of the bursts do have an
observed afterglow spectrum, predominantly observed with VLT/FORS1+2 (FOcal
Reducer and low dispersion Spectrographs), see Fynbo et al. (2009). They did detect
absorption lines, but at the resolution of FORS (R= 440–2140), we cannot set usable
limits on the depletion. The only burst we could find with well resolved absorption
lines in the spectrum is GRB071031, which was observed with UVES (Ultraviolet and
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Visual Echelle Spectrograph, mounted on the VLT). The dust depletion as recorded by
De Cia et al. (2013) for this burst is consistent with a low amount of dust. However,
they do find substantial dust depletion for both GRB080330, for which Greiner et al.
(2011) report AV ∼ 0.1, and GRB990123 for which Starling et al. (2007) find E(B−
V ) < 0.03mag.
We conclude that while we do not have enough information to determine the
fraction of GRB lines-of-sight with significant amounts of grey dust, given the grow-
ing amount of reported cases, it is not unlikely that up to ∼ 25% may have some
contribution to their extinction from grey dust.
7.4 Grey Dust
7.4.1 The origin of grey dust
Before discussing the formation of grey dust, we first examine the exact dust com-
position in more detail. To determine the contribution of extinction from different
dust grain sizes to the extinction curve of GRB121024A we have calculated synthetic
extinction curves.
The dust extinction was calculated using DDSCATv7.1 (Draine & Flatau 2010),
for grain sizes 0.01 to 0.5µm, in steps of 0.001µm, in the wavelength range 0.1–
2µm. DDSCAT is a Fortran code for calculating scattering and absorption of light by
irregular particles by replacing the considered grain by a cubic array of point dipoles.
For this study we used 17256 dipoles for each grain size. For all calculations we
assumed the grains to be homogeneous isotropic silicate spheres. The silicate optical
properties used were taken from Draine (2003b), representing a fictitious ”interstellar
silicate” with an imaginary index of refraction chosen specifically to reproduce the
observed interstellar MW extinction curve.
To calculate the Aλ/Av for our synthetic extinction curve, we used the Beer-
Lambert law in the form ρ(Qext/a) = σeff, with ρ being the grain density, a the
grain radius, Qext the extinction and σeff the effective cross section. From τλ =
Aλ(0.4/log(e)) and τν = Aν(0.4/log(e)) it is possible to derive Aλ/Aν as
τλ = l
∫ amax
amin
n(a)σλ(a)da (7.1)
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using the MNR (Mathis et al. 1977) power-law distribution,
n(a) ∝ a−α (7.2)
with α = 3.4 and grains ranging in size between amin and amax.
Four synthetic extinction curves are shown in Fig. 7.4 compared to the observed
extinction curve of GRB121024A. For the fitting amin was fixed to 0.01µm while amax
was varied. As can be seen from the figure the grain size distribution needs an amax
larger than 0.25µm indicating that rather large grains are needed, compared to the
MW.
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Figure 7.4: The extinction curve of GRB121024A (black, using the broken power law solu-
tion) along with four different calculated synthetic extinction curves based on astronomical
silicates (Draine 2003b) and assuming an MNR (Mathis et al. 1977) power-law distribution
with α = 3.4. The minimum grain size is amin = 0.01 µm while amax has been varied between
0.25 and 0.5µm.
Gall et al. (2014) interpret the spectral evolution of SN 2010jl as evidence for
evolution of dust production in the circum-stellar medium. They fit different dust
models to the extinction curve they infer under this interpretation and find that
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to model the extinction their dust grain size distribution must also extend to sizes
significantly larger than those observed in the MW (& 0.25µm). They suggest that
the dust may be produced through a two-stage process, with early dust formation
in a cool, dense shell, followed by accelerated dust formation in the ejected material,
where the large grains, predominantly, survive reverse shock interactions, as shown in
simulations (Silvia et al. 2010). The efficiency of the differential destruction depends
on the ambient medium, so that a large ambient density leads to a flat extinction
curve (Hirashita et al. 2008). Sarangi & Cherchneff (2015) model the dust production
in Type II-P SNe, finding that large density variations in the ejecta, in the form of gas
’clumps’, increase the grain size. Since long GRBs are found in star-forming regions,
we expect core-collapse SNe in the same area, which may for some reason have had
particular clumpy ejecta, or a large surrounding density (consistent with the large
observed hydrogen column density) which effectively skewed the dust composition
towards larger grains. Another possibility is preferential dust destruction by a strong
UV radiation field from young massive stars in the star-forming region.
Alternatively, the large dust grains could be a result of grain growth through coag-
ulation. Grain growth is naturally more efficient in high-density environments (see e.g.
Schnee et al. 2008), with dust in the cores of dense molecular clouds being observed
to consist of µm-sized grains through so-called ’coreshine’ detections (Hirashita & Li
2013). We observe a large hydrogen column density, with a significant molecular con-
tent in the line-of-sight towards GRB121024A, consistent with the conditions needed
for grain growth.
7.4.2 Ubiquity of grey dust
As discussed in Section 7.2.4, the flatness of the extinction curve for GRB121024A
and other bursts is unlikely to be directly related with the bursts themselves. If the
presence of the grey dust is caused by e.g. a high UV field from young, massive
stars, or from peculiar SNe, it is reasonable to assume that we can extrapolate the
discussion so far to star-forming areas in general, not just in GRB hosts. The same
is true if the larger grain sizes are caused by grain growth through coagulation in the
ISM, in which case the flat extinction may be linked to a high-density environment,
such as the DLAs probed by GRBs. DLAs the majority of the neutral gas at high z,
which is then turned into stars over time. GRBs have been suggested as tracers of
star-formation, though they are possibly biased towards low-metallicity environments.
This metallicity threshold is unlikely to be significantly below solar though (see e.g.
Schady et al. 2015; Perley et al. 2015b), in which case GRBs unbiasedly trace star-
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formation at z & 2. It is hence possible that the existence of grey dust in up to 25%
of lines-of-sight towards GRBs can be extrapolated to star-forming areas in general
at these redshifts.
7.4.3 Consequences of applying the wrong extinction curve
To illustrate the danger of assuming a local extinction law, we again use the example
of GRB121024A. In the X-shooter spectrum of this burst we detect 6 emission lines
from the GRB host. These lines are extinction corrected using the Balmer decrement,
assuming the attenuation law of Calzetti et al. (2000). Given the lack of reddening we
find a small correction of E(B−V ) = 0.04±0.09mag, i.e. consistent with no correction
within the Calzetti et al. (2000) law. If we instead assume that the dust properties we
observe for the GRB line-of-sight are representative for the star-forming regions of the
entire host galaxy, then we may perform the flux extinction correction using the curve
plotted in Fig. 7.1 (although there is a difference between attenuation and extinction,
but dust scattering into the line-of-sight will only produce an even greyer curve,
so the effects found may be considered lower limits). We now find flux correction
factors ranging from 2.1 for [N ii] (the line at the highest wavelength) to 2.8 for [O ii]
(the shortest wavelength). This means that rather than a SFR of 42 ± 11M⊙ yr−1
calculated from the Hα using the Kennicutt (1998) relation, the actual SFR would
be 96 ± 27M⊙ yr−1 (with an estimated error on the flux correction factor of ±0.1).
A caveat is that the extinction law for the line-of-sight to GRB121024A may not
represent the general dust distribution in star-forming regions of the host. We also
note that since the emission line flux is the integrated value for the entire host, the
least dust obscured regions are likely to contribute the most. Nonetheless, we have
not found any evidence that this dust distribution is connected to the presence of the
GRB, so there is a strong possibility that we are underestimating the SFR to some
degree.
The Balmer decrement is a measure of the spectral reddening between the Hα
and the Hβ lines. Often either one of the Calzetti et al. (2000) or Pei (1992) atten-
uation/extinction curves are assumed without much consequence, as they are fairly
similar at these wavelengths, see Fig. 7.1 (the rest-frame wavelength of Hα is 6562.80Å
= 1.52µm−1, while for Hβ it is 4861.33Å = 2.06µm−1). However, if the intrinsic
dust distribution is similar to that in the line-of-sight to GRB121024A, then it makes
a significant difference which curve is used.
The current picture of the star-formation history (SFH) of the Universe consists of
a rise in the star formation rate density (SFRD) until approximately z ∼ 3, at which
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point the star-formation starts to slow down and peak at z ∼ 1.5–2, after which it falls
off exponentially until z = 0 (for a review see e.g. Madau & Dickinson 2014). The
SFRD is well mapped out to a redshift z ∼ 1. At larger look-back times, particularly
at z & 2.5, the full data set becomes limited, and we often have to rely solely on
rest-frame UV data alone. The UV luminosity of galaxies is dominated by massive
young stars, and is hence used to trace the star formation. It is, however, degenerate
with stellar-population age and dust extinction, which can severely affect the reported
SFR (see e.g. Papovich et al. 2001). The latter is determined from fitting synthetic
stellar populations to photometry, or, if only a narrow wavelength range is available
as is often the case, from the UV slope β through the IRX-β relation (IRX: infrared
excess, see e.g. Meurer et al. 1999; Overzier et al. 2011). This relation is known to be
relatively tight in the local Universe, following the Calzetti et al. (2000) attenuation
curve (e.g. Nordon et al. 2013), but even here it depends on galaxy classification
(ultraluminous infrared galaxies, for instance, do not follow the same relation as UV
bright galaxies, see e.g. Goldader et al. 2002). At higher redshifts the limited amount
of data makes definite conclusions difficult, see e.g. Carilli et al. (2008), Overzier et al.
(2011) and Reddy et al. (2012). At the highest redshifts (& 6), only upper limits
have been set on the IRX, e.g. Schaerer et al. (2015). Recently, Wilkins et al. (2015)
determined β values for z ∼ 10 galaxies, reporting that while no dust extinction was
inferred from the Meurer et al. (1999) relation, hydro-dynamical simulations of galaxy
formation result in a significant extinction, even at these redshifts.
Inconsistencies between UV and IR SFRs are well known. Castellano et al. (2014)
find that UV determined SFRs for Lyman break galaxies at z ∼ 3 are generally
2–4 times smaller than the equivalent from other SFR indicators. They attribute
this to calibrations being based on solar metallicity, while the z = 3 galaxies have
significantly lower metallicity. Even SFRs determined from Hα through the Kennicutt
(1998) relation can be severely affected by missing highly-attenuated sources, see e.g.
Oteo et al. (2015) who compared their Hα-emitters (HAEs) with Herschel detections
for 9 PACS/SPIRE-detected HAEs finding a significant difference in SFRs.
As we have demonstrated in this paper, up to ∼ 20–30% of GRB hosts could
potentially contain significant amounts of grey dust. If we extrapolate this result
to star-forming galaxies at high redshift, then it becomes apparent, that using the
UV slope alone to constrain the dust extinction is not sufficient, as we could end up
significantly underestimating the SFR. This could potentially have an effect on the
SFH, since, while IR data broadly agrees with the trends observed, the peak in SFRD
around z ∼ 1.5 – 2 appears less sharp (e.g. Burgarella et al. 2013), and the slope after
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z ∼ 3 is less constrained.
To illustrate the potential effect of grey dust, we again use the extinction curve
from GRB121024A. If we introduce grey dust as an extra component to the extinction
then AnewUV = A
old
UV +A
grey
UV . If the SFRD from the UV is given as:
SFRD(z) = k × LDUV(z)× 100.4AUV(z)
where k is the conversion factor between SFR and the UV luminosity, e.g. from
Kennicutt (1998) and LDUV is the UV luminosity density, then the correction factor
to the SFRD is:
SFRDnew = 100.4Agrey × SFRDold
at a given z.
For the extinction curve of GRB121024A, AUV ∼ 2.1mag. If we now assume
that, more realistically, 15% of the UV luminosity we observe is attenuated by this
extra component of grey dust, then the observation should be corrected with: Agrey =
0.15× 2.1 = 0.32, i.e.
SFRDnew
SFRDold
= 100.4×0.32 = 1.3
So, at a given z and at this level of grey dust contribution, the UV determined SFRD
reported in the literature is ∼ 30% lower than the actual value. If we assume that
the fraction of grey dust is different at different redshifts, then this correction could
potentially change the exact shape of the SFH as probed in the UV. If for instance
grey dust was more prominent before z ∼ 1.5–2, then the correction factor could
make the peak in star formation with redshift flatter, or move it to a higher redshift,
as hinted at by radio and IR observations (e.g. Karim et al. 2011; Burgarella et al.
2013), and consistent with UV observations, once the uncertainty in dust obscuration
is considered (e.g. Parsa et al. 2015).
7.5 Conclusions
We have found clear evidence for grey dust in the line-of-sight to GRB121024A.
Several other such components have previously been reported, and a significant (∼
25%) fraction of GRB hosts are potential candidates for containing grey dust. We
find that the dust composition fits well with MW-type dust, but with a significantly
larger maximum grain size. We propose that grey dust may be present in a significant
fraction of galaxies that share properties with GRB hosts. Since these galaxies are
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star forming, this could potentially have an impact on the SFH of the Universe, as
SFRs could be underestimated with as much as a factor of ∼ 2–3.
While it is not our intention here to claim that a high fraction of high-z galaxies
are dominated by grey dust, we do recommend exercising care when applying local
extinction laws, as a small, but significant, number of physical properties such as
SFRs, might be underestimated.
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8Summary and Prospects
In this thesis, numerous aspects of the physics of GRBs and their surrounding envi-
ronment has been examined. The work presented gives a thorough overview of how
much information it is possible to extract from GRB afterglow spectroscopy, ranging
from examining the burst mechanism itself from the soft X-ray afterglow (Chapters 2
and 3), to infer physical conditions of the burst host galaxy and birth place from
optical/NIR spectroscopy (Chapters 4 and 5), and lastly to answer larger astrophysi-
cal questions about dust in the non-local Universe through a combination of the two
(X-ray and optical afterglow, see Chapters 6 and 7).
The first part of the thesis is motivated by the fairly recent consensus in the
research field that the combination of power laws previously used to fit the GRB
spectrum gives an inadequate description of time resolved spectra and the temporal
evolution observed. Instead, models including a strong blackbody component became
favoured. This has let us to propose a new model for the thermal emission observed
in the soft X-ray GRB afterglow, linking this component to the prompt thermal
emission. We have studied the ubiquitousness of this component, by searching for it
in a sample of the brightest bursts observed with the XRT. Finding that the whole
sample could potentially have a thermal component (although not always statistically
preferred over the power laws), we proceeded to compare the blackbody parameters
with those observed in the prompt phase. We conclude that our model of the soft
X-ray thermal component as late-time photospheric emission from the GRB jet is a
well motivated and self-consistent theory.
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There is still large uncertainty regarding the exact physics of GRB emission. De-
bate is still ongoing with regards to the contribution from (mainly) synchrotron versus
photospheric radiation. In the couple of years since our paper was published, models
of photospheric emission from a jet moving at relativistic speed has been improved,
and there is now evidence to suggest that although most of the GRB emission is in-
deed photospheric, it is not in the form of a blackbody at these extreme conditions
(F. Ryde, private communication). If the data is seen to support this, our theory will
have to be revisited. One way to distinguish between synchrotron and relativistic-
thermal radiation, is by measuring the polarisation of the emission. Instruments are
currently not ideally designed to measure this polarisation, but new instrumentation
may be funded in the future.
The second part of this thesis is a presentation of a GRB host galaxy study.
The optical/NIR spectrum taken of GRB121024A with the X-shooter spectrograph
is very rich in features, and highlights the use of GRBs as cosmic lighthouses. From
this spectrum, we were able to study several separate components of the gas along
the line-of-sight to the burst, by isolating velocity components in the absorption
lines, showing lines from both low- and high-ionisation states, fine-structure lines and
molecular hydrogen. We also observed several nebular lines in emission from the
host galaxy, tracing the star-forming regions of the host. From these lines we could
determine that the host is highly star forming and, for the first time in a GRB host,
we got a metallicity estimate from both absorption and emission lines. We found that
the two methods are in agreement, which, given that the absorption and emission
lines trace different regions of the galaxy, was not necessarily expected to be the
case. With GRB afterglow samples such as the X-shooter sample, hopefully several
such metallicity comparisons will be possible in the future, so that we might make
a statistical comparison of the metallicity in the different regions of host galaxies.
These cases are rare though (however, see the recent GRB150915A), and are further
complicated by problems in calibrating the strong-line diagnostics used to get the
metallicity estimate from emission line fluxes.
By including X-ray data from the XRT, we were also able to fit the spectral energy
distribution from NIR to X-rays, to constrain the dust extinction along the line-of-
sight. During this analysis, we discovered a discrepancy between the dust extinction
inferred from depletion analysis and SED fitting. In order to reconcile the two, a very
flat extinction curve is needed, indicating the presence of grey dust in the line-of-sight
to the GRB.
This grey dust is the subject of the third part of the thesis, where we examine
Summary and Prospects 173
the possible physics behind its presence. We find that the grey dust is likely dust
with larger grain sizes than observed on average in the Milky Way, and conclude that
it is implausible to be the influence of the GRB itself creating this dust. We also
examine a sample of GRB extinction curves, to determine how common the presence
of grey dust could be in GRB birth environments. We find that ∼ 25% of lines-of-sight
towards GRBs are candidates for containing grey dust, a result which if extrapolated
to star-forming regions in general, and choosing a more realistic value of 15%, would
mean that we are potentially underestimating the UV-determined SFRD at a given
redshift with as much as 30%.
Since grey dust is difficult to detect, we do not know how common this component
might be outside the local Universe. One way to possibly constrain this, is by con-
ducting large-scale surveys in the rest-frame infrared, but this will be observationally
expensive at high redshifts, and hence unlikely to be prioritised in the near future.
One possibility is to use the MIR camera onboard the planned James Webb Space
Telescope, and then use scaling relations to determine the total IR luminosity, see e.g.
Magdis et al. (2013). Another option is to use SN type Ia observations, as the intrinsic
luminosity can be obtained from the light curve, and hence the total extinction can
be determined. Observations of heavily obscured SNe currently indicate the oppo-
site of grey dust, i.e. a very low selective extinction, see for example Krisciunas et al.
(2007) and Amanullah et al. (2015). It has been suggested though, that this low value
could be associated with other processes besides extinction (Nobili & Goobar 2008).
At high redshifts, multiple-imaged quasar systems can be used to determine the total
extinction. By comparing different lines-of-sight, the differential extinction can be de-
termined, see e.g. Elíasdóttir et al. (2006). The Euclid satellite (Laureijs et al. 2011)
should help increase the sample size of these studies. With the X-shooter sample, we
will be able to analyse depletion patterns for several bursts, to determine the visual
extinction, as well as constraining the allowed extinction curves from SED fitting of
bursts with an overlap in X-ray and optical light curves, and hence may constrain the
fraction of GRB hosts that could contain grey dust.
As demonstrated in this thesis, observations of GRBs provide a versatile tool,
enabling the study of many aspects of astronomy and astrophysics. Although we are
closer to understanding the mechanisms behind the bursts and afterglows, theories
are still being refined and compared, as more data streams in. Improved insight into
the physical processes leading to a GRB, will help determine the possible progenitors,
which in turn will help us understand the different biases in birth environment, so that
we may confidently use GRBs as probes of e.g. star formation across the Universe.
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Inversely, by studying the burst environments (and possible biases) directly through
observations of the afterglow or host, we can put constraints on the allowed GRB
models. In the near future, important work will be done at both ends; studies of
the burst emission through Fermi and Swift observations will attempt to determine
the dominant radiative mechanism, while analysis of data from e.g. the X-shooter
GRB program will shed light on the environment and host properties, e.g. examining
thresholds in metallicity and preferences regarding dust and molecular content in the
vicinity of the bursts. Through these studies, GRBs have the potential to help solve
some of the Universe’ big mysteries.
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